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Summary

This thesis presents an observational study of the relationship between flares and fila-
ment eruptions, and associated waves and oscillations in flare loops and ambient corona.
A detailed analysis of the oscillations seen in flare loops and the ambient corona in both
TRACE and SUMER spectra is shown. We argue, that although the flares are associated
with slowly rising EUV loop and prominence eruptions, the oscillations were significant
in a wide region along the slit far beyond the edge of the rising loops. We suggest an
interpretation in terms of heating and acceleration of plasma in the wake of a flare blast
wave.

Analysis of the 9 April flare-CME event

• A power map of lowest frequency intensity variations in the pre-flare phase has
been constructed revealing flows along the TRACE loops and the prominence.

• Doppler shifts were calculated from the observations from Meudon and SUMER.
A detailed inspection of SUMER spectra was performed in order to prevent a false
interpretation of the emission in wings du to contamination from the blends. Only
the actual Doppler shifts were used in the analysis.

• The coalignment of the SUMER and TRACE observations was made based on the
common features in early pre-flare stage with the help of the common features in
SUMER and Meudon observations after the flare.

• A movie was constructed showing the relationship of the observations in different
wavelengths.

• We have shown a front with a plane-of-sky velocity 250 km s−1 ahead of the
erupting filament in TRACE 195Å. It was followed by an enhanced emission in
Si III , brief red shifted bursts moving south and north along the slit, and finally
by the rapid decrease in Si III intensity. At the same time, the intensity of the flare
line Fe XIX increased and a Doppler shift oscillation lasting at least 1 hour was
launched along broad sections of the slit, with a varying amplitude and period.
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Summary

• Wavelet analysis have revealed three different oscillations detected with SUMER
and TRACE. Based on the observed periods, we have identified a standing mag-
netoacoustic mode with a 14 minute period in the latitudes 50" < y <100" and
150" < y <180". In the northern section, a kink oscillation with a 4 min period
was revealed. A 7 min displacement oscillation also attributed to the kink mode
has been observed further out in the corona. All the oscillations had a high initial
pulse supporting the idea of an impulsive trigger.

The re-analysis of the 16 April flare-CME event

• The coalignment of the SUMER and TRACE observations was made based on
the common features.

• A movie was constructed showing the relationship of the observations in different
wavelengths.

• We have revealed long lasting large red and blue Doppler shifts prior to the erup-
tion of the filament. These were previously interpreted by Wang et al. (2007) as
reconnection outflows based on CSHKP model.

• We suggested, that the above mentioned shifts could not be interpreted solely in
terms of reconnection jets based on the large width of the region of their occur-
rence. According to the CSHKP model, reconnection outflows would be confined
to a narrow region.

• An oscillation of the Fe XIX line and an intensity oscillation of 195 Å emission
was seen during and after the filament eruption. Based on the fact that it spread
far beyond the legs of the rising prominence, we suggested it was triggered by the
blast wave.
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1 Introduction

Modern imaging and spectral instruments allow observations of waves and oscillations
(i.e. standing waves) in visible, X-ray, EUV and radio wavelengths in the solar corona.
They are interpreted in terms of magnetohydrodynamic theory and modeled with the
help of numerical simulations. Three basic magneto-acoustic modes of waves can be
sustained by the compressible, elastic corona: fast, slow (sound) and intermediate (also
called pure Alfvén).
Trigger mechanism of the waves involves deviation from the magnetohydrostatic equi-
librium, a perturbation often induced by solar flares, and are sustained due to the mutu-
ally restoring forces acting in opposite directions. Due to the complex magnetic struc-
tures in the corona, these modes interact and their study itself is an interesting physics
problem. The role of the coronal waves in coronal heating due to the damping of the os-
cillations by resonant absorption has been studied by Poedts et al. (1989), Aschwanden
(2004), Nakariakov et al. (1999). Understanding of waves is also motivated by the pos-
sibility of diagnostic of the plasma through the observations of perturbed macroscopic
parameters by means of coronal seismology suggested by Roberts (1983).
TRACE imaging observations revealed displacement oscillations of coronal loops, which
were interpreted in terms of flare-triggered kink oscillations (Aschwanden et al. 1999,
2002, Nakariakov et al. 1999, Schrijver et al. 2002). Spectroscopic observations have
discovered strongly damped quasi-periodic oscillations of the Doppler shift of the flare
lines Fe XIX and Fe XXI (Kliem et al. 2002, Wang et al. 2002). SUMER spectroscopic
observations allow the detection of density perturbations seen as intensity fluctuations
of the coronal lines. In the rare cases where both intensity and Doppler shift oscilla-
tion have been seen, the phase shift between the two implies longitudinal slow mode
waves. Wave-mode recognition depends critically on the accuracy of determination of
the geometry of the studied oscillating region. If the perturbations have a line-of-sight
component, they can be seen as Doppler shift fluctuations. These observations have
been made with a slit spectrometer at a single position (Ofman & Wang 2002, Wang
et al. 2002, 2003b, 2005). Context images of the segment covered by the spectrometer
slit are essential for giving information on the plane-of-sky velocity component which
can help reveal the geometry of the events, find the timing of associated events, link the
oscillating structures in different wavelengths, etc.
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1 Introduction

In the following Chapter (2), a brief introduction to the Sun and the solar corona
will be given. Physical conditions, such as the optical thickness, temperature and den-
sity structure of the corona will be discussed. The electromagnetic spectrum of the
corona and the processes responsible for the continuum and line emission and absorp-
tion will be discussed in the Section 2.2. The theoretical overview of the line emission
spectroscopy, which is important for the correct interpretation of the imaging and spec-
troscopic images will be given in the Section 2.2.3. The method used for computation
of the Doppler shifts will be outlined in the Section 2.2.3.2.
The theory of magnetohydrodynamics (MHD), which is a plausible approximation for
the theoretical interpretation of the eruptive processes and coronal waves and oscilla-
tions will be presented in the Chapter 3. The parameters characterizing the physical
conditions found in the corona will be defined in the Section 3.2. Their relationship to
the topology of the magnetic fields will be illustrated in the Sections 3.3, 3.3.1 and 3.4.
The observational and theoretical knowledge on solar flares, filament eruptions and
CMEs, relevant to the presented work can be found in the Chapter 4. The physical
conditions leading to the eruptions and a brief theoretical overview of the process of
magnetic reconnection which plays an important role in the flare-CME models (Section
4.4) will be presented in the Section 4.1. The emission mechanisms related to flares,
which are helpful in identification of different stages of the evolution, will be presented
in the Section 4.2.1.
The theory and observations of coronal waves and oscillations will be discussed in the
Chapter 5. The typical phase speeds of the magnetohydrodynamic waves helpful in
identification of the observed modes in the Chapter 6 will be defined in the Section
5.2.1. In the section 5.2.2, the derivation of the dispersion relation and its solutions in
a homogeneous unbounded medium can be found. In the Section 5.2.3, the dispersion
relation for MHD surface and body modes in a magnetic cylinder, and a description of
the wave modes which arise in the corona and are relevant to the studies in the Chapter
6 will be presented.
We have used wavelet based techniques for the enhancement of the contrast of the coro-
nal structures in TRACE images, and to pick out the oscillations and estimate their
periods in SUMER time series. They will be explained in the Section 6.2. The specifics
of the instruments used for the observations will be presented in the Section 6.1 and the
detailed studies of multi-wavelength observations of waves and oscillations associated
with a flare, a filament eruption and a CME will be presented and summarized in the
Sections 6.3 and 6.4 and 6.5. Future possibilities for similar studies will be mentioned
in the Chapter 7.
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2 The Sun and the Solar Corona

2 The Sun and the Solar Corona
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Figure 2.1: Layers of the Interior of the Sun and its atmosphere. Courtesy of NASA.
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2.1 The Sun and its Atmosphere

2.1 The Sun and its Atmosphere

The solar interior shown in Fig. 2.1 consists of the core, where the energy is generated
via fusion, a radiative zone through which the energy is transported via radiative transfer
(A.4), and a convective zone where the transport by convective cells occur. Although
electromagnetic waves are completely absorbed by the opaque interior, its structure can
be studied through the waves by means of helioseismology.
The photosphere is a thin layer above the turbulent convection zone. The convection
cells on its surface form granules with a lifetime of several minutes, and supergranules,
which last from a few hours to days. Their boundaries are the place where the mag-
netic flux is concentrated in the quiet Sun. The photosphere is the the visible surface
of the Sun. It is characterized by nearly black-body radiation given by Planck’s law
(Eq. A.15), with an effective temperature Teff ≈ 5800 K. Its particle density is around
1017 cm−3.
The temperature structure of the solar atmosphere is illustrated in Fig. 2.2.
Above the photosphere is the chromosphere. It is hotter (T >10 000 K) and rarer
(1011 cm−3) than the photosphere, which can be seen in Fig. 2.2. Its faint visible light is
only seen when the Sun is occulted and is mostly due to the emission in lines. The red
Hα 6562,8 Å, with formation temperature T ∼ 3 × 104 K is the most prominent. The
outer layer of the solar atmosphere is the corona, filled with hot (T >1 MK), tenuous
(108 cm−3) plasma dominated by magnetic fields. The transition region, a thin boundary
between the chromosphere and the corona, is a layer where plasma becomes fully ion-
ized. It is characterized by emission lines predominantly formed in the far ultraviolet
and soft X-ray range. The transition region separates the lower layers, which are domi-
nated by gravity, from the magnetic corona.
Solar activity is due to magnetic fields generated via dynamo processes in the solar in-
terior and convectively transported to the surface. In the photosphere, the solar activity
manifests itself in pairs of sunspots. Sunspots are cooler and hence darker (Fig. 2.1)
than the surrounding photosphere and have a strong concentration of magnetic flux. In
the corona, magnetic activity is seen as magnetic loops, brightenings and flares, filament
eruptions, CMEs, etc.

13



2 The Sun and the Solar Corona

Chromosphere Corona

Transition region 

Figure 2.2: Electron density and temperature model of the chromosphere (Fontenla et al.
1990); and lower corona (Gabriel 1976).

2.2 The Corona

White (visible) light from the corona is 6 orders of magnitude less intense than the
photospheric radiation itself. Therefore, it can only be seen when the solar surface is
occulted (Fig. 2.3), either during total solar eclipses (Fig. 2.3), or using coronagraphs,
discovered by Bernard Lyot at Pic-du-Midi Observatory in 1930. Contrary to the white
light emission, the corona is much brighter in X-ray and radio wavelengths compared
to the photosphere, which is essentially invisible.
The optical continuum emission of the solar corona, also called K-corona (from ger-

man word Kontinuum), is produced by electron Thomson scattering of the radiation
emitted at the photosphere and has a shape close to the black-body radiation curve of
the photosphere given by the Planck function (Eq. A.15). The scattering rate is propor-
tional to the electron density and thus provides a method for determining the electron

14



2.2 The Corona

Figure 2.3: Solar eclipse, March 29, 2006.
(adopted from King (http : //spaceweather.com/eclipses/29mar06c/))

density in the solar corona.
The magnetic structure of the corona can be seen in Fig. 2.3. The large-scale loop-like
structures are called helmet streamers, the open regions correspond to the coronal holes,
from where the fast solar wind escapes along the magnetic field lines.

The spectrum of the Fraunhofer (F)-corona, which dominates from about 2 and
3 solar radii outwards, is formed by the scattering of the photospheric white and UV
light by slowly moving interplanetary dust particles in the close vicinity of the Sun.
Therefore, it has dark absorption lines (Fig. 2.4) superimposed on the continuum. The
Fraunhofer Hα line at 6563 Å discussed in 6.3 and 6.4 belongs to the Balmer series of

15



2 The Sun and the Solar Corona

Hydrogen.

Figure 2.4: Fraunhofer absorption lines in the solar visible spectrum ranging 4000<
λ <7000 Å. (adopted from http://bass2000.obspm.fr)

Fraunhofer lines are formed mainly via absorption of a photon. The transition rate
is proportional to the energy density of the radiation field, the number of atoms in the
lower energy state and Einstein’s coefficient for induced absorption.

The Emission (E)-corona is the component of the coronal radiation characterized
by emission continuum (Fig. 2.7) and emission lines (Fig. 2.8). A composite image
taken by TRACE (Fig. 2.5) represent observations in EUV lines Fe IX /Fe X 171 Å (red
color table), Fe XII 195 Å (green), and Fe XV 284 Å (blue) corresponding to tempera-
tures 1.3 MK, 1.6 MK and 2 MK respectively. In this Section, a summary of the pro-
cesses responsible for continuum and line emission in the corona will be given. More
details on the signatures of flares provided by observations can be found in the Section
4.2.1.

b

2.2.1 Emission Measure and Differential Emission Measure
The EUV emission in the solar corona is optically thin. The observed EUV radiation is
due to the integrated emission from transitions in all ions along the line-of-sight. There-
fore, coronal continuum and line intensity are often expressed in terms of (differential)
emission measure (D)EM, a quantity characterizing the temperature structure of the
EUV corona. Emission measure is defined as:

(2.1)

where z is the distance along the of the emitting plasma. Examples of DEM distributions
are shown in Fig. 2.6. The DEM distribution of the flaring plasma (red curve in Fig. 2.6)
shows a local maximum at a temperature T ∼12 MK, implying that its spectrum is
dominated by emission lines due to transitions of highly ionized ions formed at around
this temperature. DEM maxima for active region (blue), quiet sun (black solid), and
prominence (cyan) plasmas are at temperatures 1-1.5 orders lower.
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2.2 The Corona

Figure 2.5: TRACE composite image.
(courtesy http : //trace.lmsal.com/POD/images/TRACEpicturebook. jpg)

2.2.2 Continuum Spectrum of the Corona

2.2.2.1 Free-free Continuum

The most common radiative process occurring in the corona is Bremsstrahlung (German
term for braking radiation), discovered by Tesla and named by Bohr. It is a free-free (i.e.
not ionizing) transition due to the non-elastic scattering of free electrons. Thermal/non-
thermal Bremsstrahlung radiation is emitted when Maxwellian/non-Maxwellian elec-
trons, respectively, are decelerated in the Coulomb field of ions.

Thermal Bremsstrahlung Emission
Thermal Bremsstrahlung on highly ionized coronal ions produces soft X-ray (SXR)
photons with wavelengths in the range (1 < λ < 100 Å) . The effective temperature of
SXR radiation ranges between 1,5-150 MK. EUV continuum (100-1000 Å) is produced
in the same process, though the degree of ionization of the collisional ions is much lower
in this case and so is the effective electron temperature (≤ 1,5 MK). For Hydrogen-like
atoms, at a temperature Te, the power emitted per unit volume and unit wavelength
interval due to Bremsstrahlung from ions with charge |Ze| is (Tucker & Gould 1966)

17



2 The Sun and the Solar Corona

Figure 2.6: Distribution of DEM of the coronal plasma under various conditions found
in the corona obtained using CHIANTI database.

dP f f
λ

dVdλ
≈ 2.04 × 10−19λ−2T−1/2exp

(
−

hc
λT

)
NeN(X+Z)gff [erg cm−3s−1Å

−1
], (2.2)

where gff(T, λ) is a velocity averaged Gaunt factor, which is of the order of unity under
coronal conditions (Karzas & Latter 1961). Bremsstrahlung is characterized by a con-
tinuous distribution of radiation (black curve in Fig. 2.7), which becomes more intense
and shifts toward higher frequencies when the energy of the bombarding electrons is
increased.

Non-thermal Bremsstrahlung Radiation
During the most energetic processes in large flares, the relativistic electrons accelerated
in the collisionless corona precipitate to the dense chromosphere, where they interact
with atomic nuclei, and γ-rays are emitted. γ-photons are characterized by the shortest
wavelength ( 10−3 − 10−1 Å) in the solar spectrum, and by corresponding energies (100
keV - 10 MeV).
When mildly non-thermal relativistic electrons (0, 2c − 0, 5c) decelerate in collisions
with the chromospheric ions in a process called thick-target (non-thermal) Bremsstrahlung,
hard X-ray (HXR) wavelengths (10−1−1Å with corresponding energies of 10-100 keV)
are observed .
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2.2 The Corona

2.2.2.2 Free-bound Continuum

The free-bound continuum emission (red curve in Fig. 2.7) is due to radiative recombi-
nation of ions in collisions with electrons. It involves a capture of a free electron to a
bound state n, hence the name free-bound. An inverse process to radiative recombina-
tion is the photo-ionization. The sharp edges which can be seen in Fig. 2.7 are due to
the recombination at wavelengths λ = hc/EZ

N corresponding to ionization energies EZ
n

of different levels n.
The rate of photo-ionization is proportional to the energy density of the radiation

field, which is weak in the corona. It is therefore often omitted in the ionization equilib-
rium calculations in favor of the collisional ionization, which is dominant. The energy
of the photon emitted by a stationary ion in charge Z and level n due to the capture of
an electron with the speed v is:

hν = EZ
n +

1
2

mev2. (2.3)

It follows from (Eq. 2.3), that the free-bound emission and absorption have a the max-
imum wavelength cut-off at λZ

max = hc/EZ
n , which is 912.13 Å for the ground state

of the Hydrogen atom. Tucker & Gould (1966) calculated the the radiative recombina-
tion emission spectrum for Hydrogen-like atoms. The total power emitted via radiative
recombinations of ion X into the excited state n and ionization degree |Z| is

dP f b
λ

dVdλ
≈ 6.52 × 10−14λ−2T−3/2exp

(
−

hc
λkBTe

)
NeN(X+Z+1)·

·ζnn
(
EZ

n /EH

)2
exp (EH/kBT ) gfb [erg cm−3s−1Å

−1
]

for λ < λZ
max =

hc
EZ

n
≈

12400
EZ

n
[Å].

(2.4)

where ζn is the incomplete fraction of the shell n.

2.2.2.3 Two-photon continuum

The green curve in Fig. 2.7 represents the continuum emission due to two-photon emis-
sion. Simultaneus emission of two photons with wavelengths λ1 = c/ν1 and λ2 = c/ν2

results from a radiative de-excitation from the metastable states 2S (n = 2, J = 0)
characterized by energy Eu, to the ground state 1S (n = 1, J = 0) with energy El.

hν1 + hν2 = Eul = Eu − El (2.5)

In Hydrogen- and Helium-like ions, the rate of excitation to the metastable levels 2S
is about one third of the excitation rate to the level 2P (Beigman et al. 1970). There-
fore, if a one-photon depopulating process is strictly forbidden by the quantum rules,
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2 The Sun and the Solar Corona

and the rate of collisional de-excitation is small, the energy of two-photon emission will
be one third of the energy emitted in neighbouring 2P − 1S transitions. According to
Spitzer & Greenstein (1951), the rate of two-photon emission for hydrogenic ions is
8.23 Z6 s−1, while the corresponding probability of single-photon emission is negligi-
ble. Spitzer & Greenstein (1951) have calculated the shape of the two-photon continuum
for Hydrogen. Its frequency ranges from 0 < νtp < E(2S )/h and is symmetric about its
central frequency 1/2E(2S )/h, which is also the most probable one. Assuming that all
Hydrogen-like ions have a similar spectral shape, Tucker & Koren (1971) evaluated the
energy per unit volume, time, and wavelength emitted due to two-photon de-excitation
in a hydrogenic ion with a single electron:

dPtp(Z)
dλdt

=
4PLα(T )

λ

(
λul

λ

)3 (
1 −

λul

λ

)
[erg cm−3s−1Å

−1
], (2.6)

where λul = λ1λ2
λ1+λ2

is the wavelength corresponding to the energy difference Eul. PLα is
the power of the neighbouring 2P − 1S single-photon emission, which corresponds to
λLα = 1215.7 Å for H I and 303.8 Å for He II .

In Helium-like atoms, the two-photon process is unimportant from the state 23S
Griem (1969) because a single-photon magnetic dipole de-excitation is allowed. Ac-
cording to Tucker & Koren (1971) the power of the two-photon transition of an ion in
a charge state (Z − 1) can be calculated when PLα(T ) in Eq. 2.6 is replaced by the sum
of the powers of the transitions i 23P − 11S , 21P − 11S and 23S − 11S of the ion in the
charge state (Z − 2).

2.2.2.4 Synthetic CHIANTI Continuum Spectrum

Fig. 2.7 represents the continuum emission spectrum calculated using the CHIANTI
database according to the model by Gronenschild & Mewe (1978). It assumes sta-
tionary, optically thin plasma in ionization equilibrium with a Maxwellian electron ve-
locity distribution (A.6). The mentioned assumptions may be violated during flares
when the plasma temperature changes are faster than ionization changes leading to non-
equilibrium ionization, and electrons are accelerated to form non-Maxwellian distribu-
tions. Blue, black, red and green curves in Fig.2.7 correspond respectively the total,
free-free, free-bound and two-photon continuum energy emitted per unit time, angle,
emission measure and wavelength. The coronal abundances used in calculation were
adopted from Feldman et al. (1992) and the ion population is given by the ionization
balance of Mazzotta et al. (1998). In the spectroscopic observations in the Chapter 6,
the continuum emission has been subtracted from the spectrum in order to represent the
line emission and to pick out the Doppler shifts.
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Figure 2.7: Continuum emission calculated using CHIANTI atomic database.

2.2.3 Emission Lines
The EUV and soft X-ray spectrum of the corona is dominated by emission lines super-
imposed on the emission continuum. The optical part of the corona contains a num-
ber of emission lines, among which the most prominent ones are the forbidden green
Fe XIV 5302,8 Å and red line Fe X 6374 Å. Edlen and Grotarian (1939) showed, that the
green coronal line, originally associated to the unknown element "coronium", is formed
in a highly improbable transition forbidden by quantum-mechanical rules. The likeli-
ness of occurrence of "forbidden" transitions becomes much higher in the hot and tenu-
ous plasma of the corona, where the collisional de-excitation from meta-stable states is
rare in comparison with the radiative decay.

2.2.3.1 EUV Emission Line Spectroscopy

The dominant processes in optically thin coronal plasma are collisional ionization bal-
anced by radiative recombination, and collisional excitation balanced by radiative de-
excitation (spontaneous decay), which is much more significant than the de-excitation
by collisions, owing to the long mean free path of the free electrons. Absorption and
stimulated emission, both proportional to the radiation field are negligible, therefore,
there is no need to solve the radiative transport equation (A.3).
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2 The Sun and the Solar Corona

The specific intensity (more correctly specific or spectral radiance) I(λlu) = Ilu of an
optically thin spectral line of wavelength λlu is the energy emitted per unit time, unit
area, unit angle and wavelength interval:

I(λlu)dλlu =
hνlu

4π

∫
Nu(X+Z)Auldz [erg cm−2s−1ster−1]. (2.7)

The population density N j(X+Z) can be expressed as a product of five terms:

• excitation ratio - the relative upper level (j) population N j(X+Z)/N(X+Z)

• ionization ratio - the relative abundance of the ion N(X+Z)/N(X)

• element abundance relative to the abundance of Hydrogen N(X)/NH

• ratio of the Hydrogen to the electron density NH/Ne

• electron density Ne

It follows, that

N j(X+Z) = G(T, λlu)NeNHA−1
ul , (2.8)

where

Glu(T ) = G(T, λlu) =
hc

4πλlu

N j(X+Z)
N(X+Z)

N(X+Z)
N(X)

N(X)
NH

Aul

Ne
[erg cm+3s−1ster−1] (2.9)

and 2.7 can be re-written in terms of the Contribution function G(T, λlu) (2.9) of the line:

Iludλlu =

∫
Glu(T, λlu,Ne)NeNHdz [erg cm−2s−1ster−1], (2.10)

This form of the equation (2.10) is convenient under the coronal approximation,
in which excitation rates are much faster that the ionization and recombination pro-
cesses, and the ionization and excitation equilibria can be calculated separately, giving
the relative upper level population and the ion abundance. If the electron density Ne and
temperature Te don’t vary along the line of sight, 2.11 can be expressed in terms of the
emission measure defined above (2.1):

I(λlu) = Glu(T,Ne) < EM > [erg cm−2s−1]. (2.11)
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2.2 The Corona

2.2.3.2 Line Characteristics

Computation of the spectral characteristics of the observed lines allow us to determine
the total radiance I emitted in a wavelength interval, Doppler shift ∆λ of the center of
the line and the line width w:

• Integrated radiance (intensity) I , as as the zeroth moment of the specific in-
tensity Iλ:

I = M0 =

∫
Iλdλ [erg cm−2s−1], (2.12)

• Doppler shift ∆λ of the center of gravity of the line is the ratio of the first and
zeroth weighted moments:

∆λ = M1/M0 =

∫
Iλλdλ∫
Iλdλ

[Å], (2.13)

representing the velocity of the majority of the plasma with the temperature around
the formation temperature of the given line. Bulk Doppler line-of-sight velocity
vd of the plasma emitting at a shifted wavelength λ ± ∆λ is:

vd = c ·
∆λ

λ
[ms−1]. (2.14)

• Line width w of a spectral line is defined as the difference of the squares of the
second and first weighted moment,

w =
√

(M2/M0)2 − (M1/M0)2 =

√√√
∫

Iλλ2dλ∫
Iλdλ

2

− ∆λ2 [Å]. (2.15)

Full width at half maximum is another measure of line broadening, defined as a
difference of the extreme values of the wavelengths of the Gaussian 2.17 fitted to the
observed intensity, measured at the half of its maximum value.

FWHM = 2
√

2ln2σ [Å], (2.16)

where σ is a standard deviation of the Gaussian distribution

f (λ) =
1

σ
√

2π
e−

(λ−λ0)2

2σ2 . (2.17)
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2.2.3.3 Synthetic CHIANTI Emission Line Spectrum

The synthetic EUV spectra in Fig. 2.8 were calculated using the CHIANTI database
under isothermal assumption for temperatures T =1 MK (blue), T =10 MK (black),
T =100 MK (red) and a density Ne = 108cm−3. For the reasons of better representa-
tion, maximum intensities at each temperature were normalized. The wavelength range
covers the lines observed with the TRACE imager. Their position is marked. At flare
temperatures (T ∼100 MK), the most prominent line is Fe XXIV 192 Å(A.3.2). It is
covered by the 195 ÅTRACE band which, at lower temperatures is dominated by the
Fe XII emission. The coronal abundances and ion populations were adopted from Feld-
man et al. (1992) and Bryans et al. (2009), respectively.
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Figure 2.8: EUV emission lines in the wavelength range 150 Å < λ < 350 Å calculated
using CHIANTI atomic database. The TRACE EUV lines are marked.
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2.2.3.4 SUMER EUV Spectrum
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Figure 2.9: SUMER radiance as observed on quiet Sun (blue), active region (green) and
flaring plasma (red) (Curdt et al. 2004).

The SUMER spectrometer observes in the far ultraviolet range in two orders, so that
the first and second order lines are superimposed. It covers the EUV wavelengths from
500-1610 Å. The spectrum range discussed in the Chapter 6 is illustrated in Fig. 2.9.
The second order range 1100/2 Å < λ <1150/2 Å is superimposed on the first order
range 1100 Å < λ <1150 Å. A line list of the EUV emission lines and their blends
relevant to our studies can be found here: (A.3). The SUMER lines discussed in the
Sections (6.3) and (6.4) are marked.

The Si III line at 1113,2 Å with the formation temperature ∼ 104K results from the
dipole allowed (∆J = 0,±1,∆s = 0) 3s3p 3P2−3s3d 3D1,2,3 transitions. The Ca X line at
557.8 Å resulting from a dipole allowed transition 3s2S 1/2−

3 p2P3/2 is formed at coronal
temperatures (∼0.6 MK). The Fe XIX line 1s22s22p43P2−

3 P1 at 1118.06 Å ( T ∼10 MK)
results from an intercombination (spin-forbidden or semi-forbidden) magnetic dipole
(∆s , 0,∆J = 0,±1) transition within the ground configuration and was identified by
(Doschek et al. 1975). High shifts (up to 650 km s−1) and a large Doppler broadening
as well as Doppler shift and Doppler width oscillations have been observed in this line.
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2 The Sun and the Solar Corona

Hence, it plays a very important role as a UV diagnostic of the dynamics before, during
and after a flare.
The intensity of Ca X line which is observed in the second order, cannot be quantitatively
compared to the first order lines, because radiometric calibration for first order lines was
performed. The observed intensity of the continuum and of the different lines depends
upon the temperature and density structure of the region where they are formed.
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3 Magnetohydrodynamics

The solar magnetic field is very complicated and its study requires some basic assump-
tions and simplifications. Hydrostatics (HS) is a tool allowing us to study the coronal
plasma in terms of simple fluid mechanics with no magnetic fields and flows. In order
to include the flows, hydrodynamics (HD) needs to be applied, which, combined with
the theory of electromagnetism gives magnetohydrodynamics, a plausible approxima-
tion for the study of the various phenomena taking place in the coronal plasma. The
coronal magnetic field plays an important role in channeling charged particles and ions,
plasma and heat flows, waves, etc. It may change the topology by exerting a Lorentz
force on the plasma, building up and storing the magnetic energy, triggering instabilities,
reconnecting, etc.

3.1 MHD Equations
MHD equations include three conservation laws together with Maxwell’s differential
equations (3.10,3.11, 3.12, 3.13) describing the relation between the electric field E,
magnetic flux density B and current density j in the non-relativistic approximation
v << c.

Equation of continuity yields from the law of mass conservation :

∂ρ

∂t
+ ∇ · (ρv) = 0. (3.1)

Equation of motion yields from the conservation of momentum of force :

∂(ρv)
∂t

+ ∇ · (ρvv) = −∇ptot + ∇ ·
BB
4π
− ρg + ρνvisc∇

2v, (3.2)

where the total pressure ptot is a sum of the gas pressure, which under assumption of
ideal gas is

pg = NkBT ≈ 2NekBT, (3.3)
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and magnetic pressure

pm = B2/8π. (3.4)

vv (resp.BB ) is a dyadic product, given by a (3 × 3) matrix:

vv =

 vx

vy

vz

 ( vx vy vz

)
. (3.5)

Equation of energy conservation:

∂etot

∂t
+ ∇ · (etotv + ptotv − (BB)v) = ∇ ·

B × ηj
4π

− Qvisc − Qrad − Qc. (3.6)

where the total energy etot is a sum of kinetic, internal and magnetic energy,

etot =
1
2
ρv2 + ρε +

B2

8π
(3.7)

and ε is the specific internal energy, which is given by an equation of state. For an
ideal adiabatic gas with an adiabatic constant γ is

ε =
p

γ − 1
=

kBT
γ − 1

. (3.8)

The first term on the right hand side of the Eq. 3.6 represents the Ohmic losses, Qvisc

are the losses by viscous dissipation, Qrad are the radiative losses and Qc = ∇ · Fc =

−∇ · (κ∇T ) are the conductive heat losses.

Gauss’ law:

∇ · E = 4πσQ, (3.9)

Gauss’ law for magnetism:

∇ · B = 0, (3.10)

Ampère’s circuital law:

∇ × B =
4π
c

j +
1
c
∂E
∂t
, (3.11)
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Ohm’s law:

σ(v × B + E) = j, (3.12)

Faraday’s induction equation:

∂B
∂t

= ∇ × (v × B) + η∇2B (3.13)

or, in a conservative form:

∂B
∂t

+ ∇ · (vB) = ∇ · (Bv) − ∇ × (ηj). (3.14)

η =
c2

4πσ
[cm2s−1] (3.15)

is called magnetic diffusivity or resistivity,

σ = Nee2/meνc [s−1] (3.16)

is the conductivity,

νc ≈ 2, 91 · 10−6NelnΛT−3/2
e s−1 (3.17)

is the frequency of the collisions, and lnΛ is the Coulomb logarithm, which measures
the ratio of the efficiency of small-angle to large-angle collisions.

The first term on the right hand side of 3.13 is the convective term :

∇ × (v × B), (3.18)

the second one is called the diffusive term:

η∇2B (3.19)

3.2 Dimensionless Plasma Parameters
In order to simplify the MHD equations, a comparison of the effects represented by
various terms in the MHD equations in the studied medium is necessary. Two important
parameters describing the coronal plasma are the plasma β parameter and the Magnetic
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Reynold’s number. The latter is analogous to the viscous Reynold’s number, which is
not relevant in the magnetically dominated corona.

Plasma β parameter indicates the relative importance of kinetic and magnetic pro-
cesses in Eq. 3.6. It is defined as the ratio of the gas pressure pg (Eq. 3.3) to the
magnetic pressure pm (Eq. 3.4):

β =
pg

pm
=

2NekBT
B2/8π

, (3.20)

Figure 3.1: Plasma β in the solar atmosphere for B=100 G and B=2500 G. (Gary, 2001).

Reynold’s number compares the relative importance of the inertial versus viscous
forces and thus allows to characterize flows as laminar (Re-small) or turbulent (Re-large).

Re =
UL
νvisc

(3.21)

Magnetic Reynold’s number (also Lundquist number ) allows the comparison of
the effects of magnetic advection and those of the magnetic resistive diffusion described
by the first (3.18) and second term (3.18) on the right hand side of 3.13, respectively. It
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is defined as a product of the typical velocity U and a typical length scale L of the flow
divided by the magnetic diffusivity η:

Rm =
UL
η

(3.22)

3.3 Ideal Adiabatic MHD Equations

In order to study the coronal plasma, many assumptions have to be made. Ideal MHD is
a set of simplified equations, including the MHD continuity equation (3.1), the momen-
tum equation (3.25), Maxwell’ s equations (3.26, 3.12, 3.28 ), and an adiabatic equation
of state 3.24, in the limit of no electric charges (∇ · E = 4πσQ = 0) and no electron
diffusivity (η = 1/4πσ ∼ 0).

Assumptions:

• The plasma is highly collisional, so that the collisional time scales are much
shorter compared to the MHD time scales and electrons and ions have a Maxwellian
velocity distribution (A.6).

• Pressure isotropy

• Validity of ideal gas law:

pg = 2NekBT (3.23)

• Validity of adiabatic equation of state:

d
dt

pρ−γ = 0 (3.24)

• Charge-neutrality ∇ · E = 0 and ∇ · j = 0

• The plasma is perfectly conductive: Rm >> 1

In the momentum conservation equation(3.2), heat conduction, and viscous forces
are neglected:

∂(ρv)
∂t

+ ∇ · (ρvv) = −∇ptot + ∇ ·
BB
4π
− ρg. (3.25)
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In the equation of Ampère’s circuital law (3.11), the electric field is assumed con-
stant in time:

∇ × B =
4π
c

j. (3.26)

Substituting E = 0 into the Ohm’s law (3.12),

σ(v × B) = j, (3.27)

and neglecting the diffusivity (η = 1/4πσ ∼ 0) in Faraday’s law of induction 3.13,

∇ × (v × B) =
∂B
∂t
. (3.28)

Analogous to the Kelvin-Helmholtz theorem in ideal hydrodynamics, which states
that vorticity lines move with the inviscid fluid, the ideal induction equation 3.28 yields
the Alfvén’s theorem of the frozen field lines (Alfvén 1942) :
In an ideal perfectly conductive plasma, the total amount of magnetic flux passing
through any closed circuit moving with the local fluid velocity is constant in time. In
other words, ideal MHD equations imply the conservation of magnetic flux and connec-
tivity of the field lines.

3.3.1 Force-free Equilibrium

Coronal loops, arcades and quiescent prominences are often in magnetohydrostatic
equilibrium, i.e. there is a balance between the external forces in the momentum equa-
tion 3.25 which reduces to:

0 = −∇p + j × B − ρg. (3.29)

In the limit of plasma- β << 1 (Fig. 3.1), thermal gas pressure can be neglected
with respect to the magnetic pressure and gravity term, and the equation 3.29 can be
re-written as:

j × B =
1

4π
(∇ × B) × B = 0. (3.30)

When no currants are present (j = 0), the magnetic field is potential, i.e. it can be written
as a gradient of a scalar function: B = −∇(φ). When the currants are present (j , 0), the
Lorenz force

j × B (3.31)
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vanishes only if the currents flow along the magnetic field lines, thus forming helical
flux structures. This condition can be written as

j = α · B, (3.32)

where α is a scalar function constant in time. The constant of proportionality α doesn’t
vary in space for linear force-free fields. Non-linear force-free fields assume α to gener-
ally vary with space, but stay constant along each field line. A non-potential force-free
field contains more potential energy than the potential field with the same feet, but less
than an unrestricted field in the photosphere.

B FORCE-FREE

p<<B2/Bπ

j x B = 0

B GENERAL

j = anything

Figure 3.2: A cartoon describing the force-free configuration of the corona and the
general field in the underlying photosphere adopted from Gold (1964)

The bottom part of the Fig. 3.2 from Gold (1964) describes the photosphere as a
conductive medium, where the magnetic pressure (3.4 ) is negligible compared to the
gas pressure (β >> 1) and therefore, the topology of the magnetic field is general. In
contrast, the density of the conductive fluid drops, and the plasma is dominated by the
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magnetic pressure in the corona (β << 1) so that the configuration of the field is force-
free, with helical flows along the magnetic field lines.
Differential rotation together with convective motions at the photosphere are wrapping
up the coronal field, which is "frozen in", thus generating toroidal magnetic field, in the
form of magnetic loops. As the magnetic stress is further accumulated due to the motion
of the footpoints, the connectivity of the magnetic field lines breaks up via magnetic
reconnection (4.1), in order to relax the system from a non-linear to a linear force-free
field.

3.4 Resistive MHD
Although the solar corona plasma is generally a perfectly conductive medium, there are
processes, such as magnetic reconnection (4.1), when the resistivity must be taken into
account. Some of the approximations made in ideal MHD equations are valid also in
resistive MHD approximations:

• Highly collisional plasma

• Pressure isotropy

• Validity of the ideal gas law pg = 2NekBT .

• Non-relativistic approximation v << c

• Charge-neutrality ∇ · E = 0 and ∇ · j = 0

• Diffusivity cannot be neglected Rm 4 1

Resistive energy equation becomes:

1
γ − 1

Dp
Dt

+
γ

γ − 1
p∇ · v +

η

4π
(∇ × B)2 = −Qvisc − Qrad − Qc (3.33)

The second term (3.19) in the induction equation (3.13) cannot be neglected due to
the finite resistivity η and it is not assumed E , 0 in Ohm’s law.

3.4.1 MHD in the diffusive limit
For values of the magnetic Reynold’s number Rm << 1, the convective term (3.18)
can be neglected with respect to the diffusive term (3.19) in 3.13, yielding a diffusion
equation:
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∂B
∂t

= η∇2B. (3.34)

Substituting an inverse of a typical length scale L−1 and time scale τ−1
diff instead of the

derivations ∇ and ∂/∂t gives the relation:

τdiff = L2/η [s], (3.35)

stating that the magnetic field variations occurring on a length scale L dissipate on
a time-scale τdiff . It follows from Eq. (3.34) that the dissipation of magnetic fields
is faster for smaller length-scales. In a fully ionized plasma η−1 = 4πNee2/meνc ≈

10−9T 3/2s cm−2, and the frequency of collisions is given by Eq. (3.17), yielding diffusive
times of the order of τdiff = L210−9T 3/2s.
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Magnetic energy stored in the solar corona in the form of electric currents is currently
accepted as the only possible source for the energy release during solar flares (4.2).
Theoretical flare models have been developed in order to understand how the currents
are formed and dissipated. To date, magnetic reconnection (4.1) is the only suggested
mechanism which can explain observations of the apparent motion of the flare ribbons.
Based on the initial geometry, there are three main flare models assuming rapid recon-
nection, which are able to store and release magnetic energy:

• Emerging-Flux Model

• Sheared-Arcade Model

• Magnetic-Flux-Rope Model

The flares discussed in the Sections (6.3) and (6.4) were accompanied by filament erup-
tions (4.3) and CMEs (4.4). CME associated flare models explaining how the magnetic
flux is ejected into the interplanetary space during a flare will be discussed in the Section
(4.4).

4.1 Magnetic Reconnection
The physical mechanism, which was only later named magnetic reconnection by Dungey
(1953), was first suggested by Giovanelli (1946) as a plausible mechanism for particle
acceleration in solar flares. Magnetic reconnection involves a change in connectivity of
magnetic field lines as a response to excessive stress. Although it has been widely stud-
ied (Giovanelli 1948, Dungey 1953, Cowling 1953, Sweet 1958, Parker 1963, Sweet
1969, Petschek 1964), the basic physics of the mechanism hasn’t been established so
far. In the solar interior, it is responsible for the generation of magnetic field in the dy-
namo process. In the photosphere, reconnection takes place in the interface between the
pre-existing flux and the emerging flux of opposite polarity. In the chromosphere, mag-
netic reconnection occurs during magnetic flux emergence, flux cancellation and during
explosive events. In the corona, it may involve either quasi-steady changes, small scale
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events which may play a role in coronal heating, or sudden violent processes such as
flares and CMEs, on which the emphasis will be laid on in this thesis.

Magnetic reconnection is a non-ideal process, governed by the resistive induction
equation (3.13). It can occur only if Alfvén’s theorem of the frozen field lines (3.28)
is violated and the plasma can flow across the magnetic field lines. The topological
changes due to magnetic reconnection are accompanied by a release of the free non-
potential energy, which is mostly converted into the plasma heating and acceleration of
particles and ions.

When two oppositely directed magnetic flux systems are pushed together, the mag-
netic field has to drop to zero at the boundary in order to allow for a continuous change
from a positive to a negative magnetic field strength. Due to the balance of the total
pressure across the neutral boundary layer,

pg,ext + Bext
2/8π = pg,int + Bint

2/8π, (4.1)

the thermal pressure in the neutral layer with a zero magnetic pressure (Eq. 3.4) must be
higher than the thermal pressure pg on both sides of the boundary, where the magnetic
field strength is finite. Hence, near the neutral layer, the magnetic field gradient (∇B)
is large, and so is the resistive term (3.19) in the induction equation 3.18, the field lines
are no more frozen and their breaking and reconnecting may take place.

The rate of the reconnection can be expressed in terms of the ratio of inflow vin to
outflow speed ∼ cA (5.2), which corresponds to the Alfvén Mach number of the inflow
Min. The continuity equation (3.1) yields the conservation of mass, i.e.

vin∆d ≈ cALd, (4.2)

where ∆d and Ld are the width and length of the diffusion region respectively. The inflow
velocity vin can be expressed in terms of diffusion velocity given by

vin = η/∆d. (4.3)

Taking the product of the equations (4.2) and (4.3), and inserting the magnetic Reynold’s
number Rm for the expression CAL/η, the following estimates of Mach number Min and
ratio of the diffusion region length to width can be found (Parker 1973):

Min =
vin

cA
=

1
√

Rm
, (4.4)

Ld

∆
=

1
√

Rm
. (4.5)
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diffusion region

Figure 4.1: Petschek type reconnection in two dimensions (Petschek 1964). Grey area
corresponds to the diffusion region.

Petschek type reconnection shown in Fig. 4.1 is faster than the previously suggested
Sweet-Parker mechanism (Sweet 1958, Parker 1963), whose diffusion region (region
colored grey in Fig. 4.1) is much more elongated than it is wide.

4.2 Flares

Solar flares are powerful explosions on the Sun releasing energies up to ∼ 1032 erg
characterized by an increased emission in the bands ranging from visible to radio wave-
lengths. They involve the reconnection of large systems of magnetic flux on the Sun
rapidly releasing energy stored in the magnetic field over a period of hours to days. The
full-Sun X-ray flux monitor GOES (Geostationary Operational Environmental Satellite)
provides classification of the observed solar flares based on their peak X-ray intensities.
Classification using letters (A, B, C, M and X) is logarithmic with a span of five or-
ders of magnitude, the most energetic X class flares having a peak flux of the order of
10−4 ergs−1cm−2. Each class denoted by a letter is then linearly subdivided into classes
1-9, where the number of a given subclass expresses how many times it is more powerful
than the class number one. Flares are often closely associated with CMEs, which led to
their interpretation as the primary trigger mechanism of CMEs and geomagnetic storms.
Observations of CMEs preceding a solar flare (Zhang et al. 2001) and those without an
associated flare, as well as the lack of high resolution observations and therefore accu-
racy in the estimation of the onset of the CMEs (Kahler 1992) have put the hypothesis
of the flare being the cause of the CME in doubt (see paragraph 4.4.2.3).
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4.2.1 Flare Emission

Figure 4.2: Cartoon by Joe Gurman (Dennis et al. 1986, Dennis & Schwartz 1989)
showing the variety of emissions produced at different parts of a flare loop.

4.2.1.1 γ− Rays and X-Rays

High energy particles interacting with the dense chromosphere can produce γ− and X-
rays with photon energy in the range ∼ 10 − 100 keV . The exact mechanism involved,
as well as the wavelength of the emitted photons depend on the energy of the colliding
particles. Possible particle acceleration mechanisms generating the energetic electrons
include direct acceleration by electric fields present in the reconnection current sheets,
wave-particle interaction involving trapping of electrons by waves and turbulence and
shock fronts.

Gamma rays
γ− rays result from the decay of elements in the chromospheric footpoints (Fig. 4.2)
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such as carbon, nitrogen, oxygen, etc., which were excited to high energy states in
nuclear interactions with highly relativistic electrons accelerated in flares. Therefore,
γ-rays may serve as a tool for the density diagnostic of the relativistic particles acceler-
ated in flares as well as the target nuclei in the chromosphere.

Hard X-rays
HXR are observed at the loop tops and footpoints at the level of the transition region
and chromosphere (Fig. 4.2). They are produced in collisions between the mildly rel-
ativistic electrons and thermal ions, therefore they carry information on particles ener-
gized during flares and serve as a diagnostic on the acceleration, propagation and trap-
ping of the electrons. Among processes in which hard X-rays are formed are thermal
bremsstrahlung, thick-target bremsstrahlung (Brown 1971) and thin-target bremsstrahlung.
A more detailed description of HXR sources in association with with solar flares will be
given in the Section 4.2.1.2. Krucker et al. (2008) reviews HXR emission observed with
the Reuven Ramaty High Energy Solar Spectroscopic Imager (RHESSI) during various
stages of flares.

Soft X-rays
The bulk of the radiative energy of the coronal plasma at temperatures above 1 MK is
concentrated in the soft X-ray range (Fig. 4.2), in which the flare loops together with
their footpoints are very well seen. SXRs are produced as a consequence of collisional
excitation and thermal bremsstrahlung (see Section 2.2.2.1) - they involve electrons with
a Maxwellian velocity distribution (A.6). Synthetic spectra relevant for an active region
and a flare are shown in Fig. (4.3) and (4.4).
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Figure 4.3: Synthetic SXR spectrum obtained using CHIANTI atomic database con-
taining emission lines (black) superimposed on continuum (red) assuming ionization
equilibrium after Mazzotta et al. (1998) and an active region DEM.
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Figure 4.4: Synthetic SXR spectrum obtained using CHIANTI atomic database con-
taining emission lines (black) superimposed on continuum (red) assuming ionization
equilibrium after Mazzotta et al. (1998) and a flare DEM.

4.2.1.2 Flare Evolution in γ and X-Rays

The development of flares goes through three main stages:
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1. Pre-flare phase
The first is the pre-flare stage, in which the soft X-ray emission gradually in-
creases with no significant increase in hard X- and γ− rays suggesting plasma
heating.

2. Impulsive phase
The flare itself starts with the "impulsive phase", which is characterized by a rapid
increase in intensity of γ− rays, SXRs and HXRs.

• Footpoint HXR source
According to the standard model - the so-called "thick-target model" (Brown
1971, Hudson 1972), the strongest HXRs are emitted when non-thermal
electrons and ions, injected near a flare loop top, precipitate to the dense
chromosphere to heat up the plasma at the footpoints (Fig. 4.5 b-d) of the
flare loops. Heating is due to the loss of kinetic energy of the relativis-
tic electrons in Coulomb and ionizing collisions. The first observations of
the HXR footpoint emission was made with the Solar Maximum Mission
(Hoyng et al. 1981).

SXT  17:28:07 UT     HXT  17:27:35 - 17:28:15 UT 
     14-23 keV   23-33 keV   33-53 keV

a b c d

Figure 4.5: HXR emission (black contours) overlaid on an SXR image during the "Ma-
suda Flare" on 13 January 1992. The SXR image was taken with the Yohkoh/SXT at
17:28:07 UT. The HXR (Yohkoh/HXT) contours in b-d correspond to three different
energy bands taken with Yohkoh/HXT from 17:27:35 - 17:28:15 UT. The contour levels
are 6.25, 12.5, 25.0 and 50.0% of the peak value. Courtesy of Krucker et al. (2008).

• Masuda HXR source
Non-thermal bremsstrahlung by electrons accelerated and trapped in the
cusp region due to magnetic mirroring or by wave turbulence in the recon-
nection outflow produces a HXR above the loop top source (Fig. 4.5 c and
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d) discovered by Masuda et al. (1994). It had a single peak that lasted for
about 2 minutes. At the location of the Masuda loop top HXR source, no en-
hancement in thermal emission was observed, indicating low plasma density
(Hudson & Ryan 1995).

• Double coronal HXR sources
Sui & Holman (2003) and Sui et al. (2004) observed double coronal sources
early in the impulsive phase of the homologous flares that occurred during
14-16 April 2002 (Fig. 4.6). The temperature gradients are of the opposite
signs at the location of both sources (Sui and Holman 2003). The inverted
gradients were interpreted as evidence for a current sheet formed between
the tops of the flare loops and the coronal sources above the loops (Sui et al.
2004).

Figure 4.6: TRACE 1600 Å image overlaid with X-ray contours obtained from RHESSI
in the energy range 10-12 keV during the flare on 15 April 2002, revealing thermal
emission from the flare loops and from the coronal source above.

3. Gradual phase
During the "gradual phase", postflare loops form, with a characteristic cusp shape
that traces out the relaxed dipole-like magnetic field lines. At their footpoints,
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the overpressure of the heated plasma forms upflows seen in soft X-rays in the
postflare loops in a process named chromospheric evaporation. The HXR- and
γ− ray flux starts to decay.

Figure 4.7: X-ray observations of an X-class flare that produced the biggest solar proton
storm ever observed.
Top: 1-minute averages of soft X-ray flux from GOES satellite.
Middle: HXR counts
Bottom: TRACE 1600 Å with RHESSI contours.
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4.2.1.3 Ultraviolet (UV) Emission

In addition to the HXRs observed at the flare foot-points, the flare ribbons, which move
apart at a velocity highly correlated with the reconnection rate, are also recognized as
bright, compact sources of UV continuum (TRACE at 1600 Å), white light and Hα in
the lower atmosphere (Fig. 4.7). They lie along sites where electrons accelerated during
the flare interact with the chromospheric plasma.

Skylab observations of three flares made by Cheng & Rosenberg (1976) have shown
that the enhancement in intensities of transition region lines during flare maximum is
significantly higher in comparison with the chromospheric lines. Moreover, transition
region lines are broadened and initially predominantly red-shifted.

Spectroscopic observations of the solar flares discussed in the Chapter (6) have been
made in the transition region line Si III 1113 Å, coronal line Ca X 1115/2 Å and the flare
line Fe XIX 1118 Å. They are produced in dipole transitions due to the electron excitation.
The Ca X and Fe XIX lines come from plasma that emits also in the SXR domain. They
therefore complement SXR observations, as they allow to determine Doppler shifts of
flows.

4.2.1.4 Radio Emission

Flares produce radio emission in the range ∼ 20 − 400 MHz.
Incoherent emission in the corona with a continuous distribution is produced due to
circular motion of the electrons around the magnetic field lines. If the motion is non-
relativistic, the emission mechanism is called gyroresonance or cyclotron emission.
Mildly/highly relativistic particles produce gyrosynchrotron/synchrotron emission.
Solar radio bursts are a signature of electron beams accelerated in flares and propagating
along the magnetic field lines. They are due to plasma emission, a coherent mechanism
resulting from the resonant wave-particle interactions of beams of electrons propagating
along the magnetic field lines.

Thermal Bremsstrahlung
Given the same formation mechanism, microwave free-free continuum emission in flare
loops is highly correlated to the emission in SXR.
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Figure 4.8: Flare on Mar 16 1993 taken with Yohkoh/SXT (left) and Nobeyama Radio-
heliograph at 17 GHz (right). From Hanaoka (1994).

Gyrosynchrotron Emission
Gyrosynchrotron emission in microwaves (4.2) is produced when trapped relativistic
electrons interact with the waves. Its light curve is highly correlated to the time evolution
of HXRs formed when the relativistic electrons interact with the dense chromosphere.
The peaks of the microwaves lag behind the HXR peaks due to the time needed for
trapping of the electrons.

Type II bursts
A Type II burst (Fig. 4.9) is produced at the plasma frequency fp and 2 fp by nonlinear
processes involving Langmuir waves, driven by the electron beams accelerated at the
shocks and in current sheets. The plasma frequency fp in CGS units is given by:

fp ≈
√

Nee2/πme ≈ 8980
√

Ne [Hz]. (4.6)

So, for the electron density in the range 107 cm−3 < Ne < 109 cm−3 as is assumed in the
lower corona, the corresponding plasma frequency is 30 MHz . fp . 280 MHz.
Type IIs are a signature of the reconnection process and shock waves. As Type II bursts
slowly drift down in frequency as the shock propagates towards lower density plasma,
they carry information on the shock’s propagation velocity if the density structure of the
corona is known. The frequency at which they are observed may serve as a diagnostic
of the density (Wild 1950, Nelson & Melrose 1985).
An example of a Type II burst preceded by 3 solar Type III bursts is shown in the
dynamic spectrum from the Green Bank Solar Radio Burst Spectrometer in Fig. 4.9
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a. Below (dotted line in Fig. 4.9 b), the corresponding light curve of the SXR flux
recorded with the GOES satellite reveals a C class flare. The solid line is the dynamic
spectrum from (Fig. 4.9 a) averaged over all the frequencies. Assuming a known density
structure of the corona, Ne = Ne(r) = ( fp(r)/8980)2, the shock propagation velocity
v = dr/dt = ∂r/∂f · ∂f/∂t can be determined from the slope ∂ f /∂t of the type II burst,
whose negative sign suggests an outward moving source.

Type II

Type III
a

b

Figure 4.9: 3 Solar radio Type III bursts followed by a Type II (Courtesy
http://gbsrbs.nrao.edu/)

Type III bursts
Type III bursts are due to relativistic electron beams propagating upward. They can be
recognized from the steep negative frequency-time drift in Fig. 4.9 a). They are pro-
duced immediately after the flare onset (within several minutes), together with HXR
emission, as a reaction to the formation of electron beams with a non-Maxwellian dis-
tribution characterized by a slope ∂ f /∂v‖ > 0. The correlation between the C class flare
and the Type III bursts is well seen in Fig. 4.9 a.

Loss-cone Emission The mirroring of the electrons in flare loops gives rise to loss-
cone velocity distributions with a slope positive in the direction perpendicular to the
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magnetic field lines ∂ f /∂v⊥ > 0 which produce cyclotron maser emission (Fig. 4.2,
labeled mirroring, MASERing).

4.3 Eruptive Prominences

Cool (∼ 104K), dense (Ne ∼ 1010 cm−3) structures of different shapes immersed in the
hot (&1 MK), sparse (Ne ∼ 108 cm−3) corona, are called prominences when observed
in emission on the solar limb, and filaments when seen as absorption on the solar disk.
They are often observed above magnetic polarity inversion lines. They seem to be sup-
ported by a strongly sheared and twisted magnetic field (Mackay et al. 2010) which
represents a plausible storage for the magnetic energy. The supporting magnetic field
loops can remain quiescent for a very long time before they erupt. The relationship
between prominence eruptions, CMEs and other forms of solar activity such as active
regions, sunspots, solar flares has been studied since the first detection of CMEs in the
1970s (Gosling et al. 1974).
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Figure 4.10: Chromosphere and a large prominence as seen in He II 304 Å by AIA on
board of the Solar Dynamics Observatory.

4.3.1 EUV Observations of Prominences

Although the prominences are clearly visible as an enhancement in chromospheric lines,
they can also be observed as dark structures in coronal lines. If cool prominence gas is
present, the coronal radiation of the iron lines Fe IX 171 Å, Fe XII 195 Å, and Fe XV 284
Å may be reduced due to coronal volume blocking or/and via partial absorption mainly
by H I , He I and He II . The significance of each mechanism in contributing into the
darkening of the EUV lines depends on the filament’s extension along the line of sight
- i.e. on its geometry with respect to the observer, and on the EUV opacity - i.e. on
filament’s temperature, electron density, Hα and He abundance and ionization states.

Volume blocking The corona is generally optically thin, therefore the observed emis-
sion comes from the plasma in a long column along the line-of-sight. Any present
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chromospheric material pushes the coronal plasma out of our view thus the integrated
emission of the observed column is lower compared to the ambient corona.

Absorption Absorption features in coronal EUV lines have been discovered by Sky-
lab (Orrall & Schmahl 1976). The degree of weakening of a line with a wavelength λ
due to absorption can be represented using the optical thickness τ (A.5):

Iobs(λ)/Ith(λ) = e−τ(λ). (4.7)

For wavelengths below the Hydrogen Lyman continuum head (λ <912 Å), the ab-
sorption takes place via Lyman continuum absorption in neutral Hydrogen H I . At
wavelengths λ <504 Å, the absorption by neutral Helium, and for λ <228 Å, also by
singly ionized Helium occur:

τ = σHINHI + σHeINHeI + σHeIINHeII, (4.8)

where NHI,HeI,HeII are the integrated (column) densities of the given ions along the line-
of-sight and σHI,HeI,HeII are theirs photoionization cross-Sections.

Anzer & Heinzel (2005) have shown that the continuum opacity of the EUV Fe
lines is comparable to that of the Hα line and therefore any prominence visible in
Hα line must be detectable as absorption in the iron lines as well. On the other hand, the
absorption is negligible if a prominence shows no observable enhancement in Hα line.
Lines above the Lyman continuum head are not affected by absorption, therefore any
decrease in lines with λ > 912 Å must be exclusively due to volume blocking.

4.4 Coronal Mass Ejections
CMEs are transients of coronal mass of ∼ 1013kg moving away from the Sun with
velocities ranging from 200 − 3000 km s−1. They are a fairly common phenomenon
whose frequency varies with the solar cycle, ranging from ∼ 1 occurrence in 2 days at
the minimum to a few per day.

4.4.1 CME Observations
CMEs are most frequently seen in coronagraphic white light images which block the
bright photospheric light in order to bring up the emission due to Thompson scattering
on electrons. Signatures in other wavelength bands include Hα and He II 304 Å promi-
nence eruptions (see 4.3), EUV dimming corresponding to the footpoints of the CMEs
as well as the hot X-ray cusp shaped post-flare loops and arcades formed under erupted
CMEs.
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4.4.2 Theoretical Models of CME Initiation
A large number of theoretical concepts of the initiation of CMEs has been proposed over
the years with attempts to explain the above mentioned signatures. They were summa-
rized by Klimchuk (2001). A variety of cartoons describing the general models as well
as the special events has been collected by Hudson and can be found <here.>. A CME
occurs when the balance of the forces maintaining the system in equilibrium breaks
down and the gradient of the pressure −∇(p + B2/8π) responsible for the expansion
overcomes the downward-directed magnetic tension force

(1/4π)(B · ∇)B. (4.9)

Due to the low β-plasma in active regions, the gravity force and gas pressure are often
omitted in the CME models. It is generally accepted that the CME onset mechanism
involves a release of free magnetic energy associated with electric currents present in
the corona since the kinetic, thermal and gravitational energy densities are not sufficient.
The exact mechanism involved in the release of the energy stored in the magnetic field
though remains unknown and is the key question to be answered by the models.

4.4.2.1 Pre-Eruptive Topology

The topology of the pre-eruptive magnetic field in most of the models is initially flux
rope-like or arcade-like (Fig. 4.11).

(a) (b)

Figure 4.11: Flux-rope (a) and arcade (b) configuration (Klimchuk 2001). The solid
line represents the polarity inversion line. The twist of the flux rope (a) is exaggerated
for the purpose of representation.
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4.4.2.2 Magnetic Flux-Rope Model

Figure 4.12: Cartoon of a CSHKP model after Lin & Forbes (2000).
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Coronal mass ejections are frequently associated with filament eruptions. Kuperus
& Raadu (1974) proposed a model, in which cold and dense filaments are supported
against gravity due to the induced photospheric currents. This is in agreement with
observations, which reveal that the magnetic field of the filaments often exhibits in-
verse polarity with respect to the photospheric magnetic field Leroy et al. (1983, 1984).
The standard CME-flare concept assumes an initial flux-rope topology (Fig. 4.11 a).
It is the so-called CSHKP model, named after (Carmichael 1964, Sturrock 1966, Hi-
rayama 1974, Kopp & Pneuman 1976). An example of a flux-rope model by Lin &
Forbes (2000) is illustrated in Fig. 4.12. In this model, a loss of equilibrium due to flux
cancellation occurs, leading to the rise of the flux-rope into a new equilibrium height.
According to the classification by Klimchuk (2001) based on mechanical analogies, the
CSHKP model belongs to the class of models called "tether release" or "tether cutting".
A "tether release" CME initiation model is represented in Fig. 4.13.

Figure 4.13: Tether release

Non-ideal MHD simulations with an enhanced resistivity at the null point (Forbes
1991, Lin & Forbes 2000, Amari et al. 2000) have shown, that the loss of equilibrium
between the buoyant magnetic pressure and the downward-directed magnetic tension
may result in successive cutting of the tethers represented by the magnetic field lines
and trigger a CME. Chen et al. (1997) and Dere et al. (1999) have suggested, that the
dark cavity observed in a typical three-part CME corresponds to the flux-rope.

4.4.2.3 Thermal Blast Model

A CME driven by a thermal blast pressure wave produced by a flare was the first pro-
posed CME trigger mechanism (Dryer 1982, Wu 1982). In this model, the large energy
released in flares results in heating and acceleration of the coronal plasma and an inter-
planetary shock. Now it is known, that the CMEs are not always associated with flares,
and if they are, they often precede the flares, so this model is no longer considered
realistic.
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4.4.2.4 Dynamo Model

Stressed magnetic flux builds-up in the corona due to the motion of footpoints of field
lines, analogous to the stressing of a spring when an external force is exerted. The stress
increase may be due to the twisting of the pre-existing coronal field lines by footpoint
motion, or it can be caused by a rise of the newly formed field lines.

4.4.2.5 Break-out Model

Figure 4.14: Time-dependent solution of the MHD equations for the "Break-out" model
(Antiochos et al. 1999).

Antiochos et al. (1999) suggested a model for CMEs occurring in multipolar regions
with an arcade-like initial topology, the so-called Break-out model. Shearing of the
arcade due to the displacement of positive and negative polarities in opposite directions
along the neutral line under the effects of differential rotation enables the build up of
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the magnetic free energy. This energy can be released during a flare triggered by the
reconnection between the arcade and neighboring flux systems. Gradual increase in

Figure 4.15: Tether straining

magnetic tension of the magnetic field lines which become longer due to buoyant forces
results in their break up. It belongs to the "tether straining" (Fig. 4.15) class of models
(Klimchuk 2001). Examples of tether-straining models with an initial arcade topology
were suggested by Mikic & Linker (1994), Linker & Mikic (1995), Choe & Lee (1996),
Amari et al. (1996) . Several other CME observations appear to be explainable in terms
of the breakout model (Aulanier et al. 2000, Sterling & Moore 2001, 2004, Sterling
et al. 2001, Wang et al. 2003a, Manoharan & Kundu 2003, Subramanian et al. 2003,
Gary & Moore 2004), from which the best known is the Bastille flare event (Aulanier
et al. 2000).
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5 Coronal Waves and Oscillations

5.1 Introduction

Modern imaging and spectroscopic instruments in the visible, EUV, X-ray and radio
bands are able to detect waves and oscillations in the solar corona. Observations of
kink, sausage, torsional and longitudinal standing modes as well as the propagating
slow and fast waves are interpreted and theoretically modeled in terms of MHD wave
theory.

5.2 Theoretical Overview

The hot, sparse, magnetically dominated corona is characterized by a low-β-plasma (Eq.
3.20) and a high Magnetic Reynold’s number Rm (Eq. 3.22). Magnetic field lines are
therefore "frozen into" the plasma and form coronal loops with footpoints anchored into
the photosphere.
In case of an equilibrium state (Eq. 4.1), the total pressure inside of the loop must equal
the total pressure in the ambient corona.
When the magnetic field lines are pressed together due to an instability, the magnetic
tension (4.9 ) increases. It acts against bending of the loops, as a restoring force to the
oppositely directed force due to magnetic pressure (3.4), giving rise to kink (asymmet-
ric) or sausage (symmetric) oscillations. A mechanical analogy of such restoring forces
is a string, where the deviation from equilibrium under action of external forces is re-
stored due to the tension of the string. In mechanics, the oscillation period depends on
the length of the string and on its tension. The period of MHD waves depends on the
magnetic field strength, density and length of the loop.
When a density fluctuation forms in a loop, it is restored by the plasma pressure giving
rise to acoustic waves. Compressibility of the medium has the role of elasticity, pressure
defined by the temperature acts against it.
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5.2.1 Definition of Characteristic Phase Speeds of MHD Waves

MHD waves are the means of information transport in plasma. Five characteristic phase
speeds, the speed of sound cs, the Alfvén speed cA, the tube speed cT , the kink speed ck

and the fast speed c f , are important in the description of the waves.
In the magnetically neutral media, the communication is achieved by sound waves,

whose phase velocity in an ideal gas with equilibrium pressure p0, density ρ0 and adia-
batic index γ, is:

cs =

(
γp0

ρ0

)1/2

. (5.1)

When magnetic fields are present, the Alfvén speed cA must be introduced:

cA =

(
B2

0

4πρ0

)1/2

. (5.2)

The tube speed, cT , is important in descriptions of waves propagating in flux tubes.
It is also called the slow speed, because it is both sub-sonic and sub-Alfvénic. It is
defined as:

c−2
T = c−2

s + c−2
A . (5.3)

The kink speed, which is a density weighted average Alfvén speed of the medium, is
intermediate between the external cA,ext and the internal cA,int inside the magnetic tube.

ck =

ρintc2
A,int + ρextc2

A,ext

ρint + ρext

1/2

. (5.4)

In the low β-plasma limit, ck can be approximated as:

ck ≈

√
2

1 + ρext/ρi
cA. (5.5)

The super-sonic and super-Alfvénic fast speed, c f , is defined as:

c2
f = c2

s + c2
A. (5.6)
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5.2.2 MHD Waves in an Unbounded Homogeneous Medium
By introducing a small localized perturbation in density, velocity, and magnetic induc-
tion (ρ1, v1, B1) from the equilibrium values (ρ0, v0, B0 ), while neglecting large-scale
background gradients and quadratic and higher order terms, the ideal adiabatic MHD
equations (Section 3.3) can be re-written as:

Continuity equation:

∂ρ

∂t
= −ρ0∇ · v1, (5.7)

Momentum equation:

ρ0
∂v1

∂t
= −c2

s∇ρ1 +
1

4π
[−∇(B0 · B1) + (B0 · ∇)B1] (5.8)

Induction equation:

∂B1

∂t
= ∇ × (v1 × B0) = (B0 · ∇)v1 − B0(∇ · v1). (5.9)

For simplicity, the direction of the uniform magnetic field B0 is chosen to be in z
direction. Taking the time derivative the momentum equation 5.8, substituting for ∂B1

∂t

from Eq. 5.9 and for ∂ρ1
∂t from Eq. 5.7, inserting the sound speed cs and Alfvén speed

cA, following equation can be obtained:

∂2v1

∂t2 = c2
S∇(∇ · v1) + c2

A

[
∂

∂z

(
∂v1

∂z
− (∇ · v1)z

)
− ∇

(
∂vz

∂z
− ∇ · v1

)]
. (5.10)

The z−component of Eq. 5.10 is:

∂2vz

∂t2 = c2
S

d(∇ · v1)
dz

. (5.11)

Taking the divergence of Eq. 5.10 yields:

∂2(∇ · v1)
∂t2 = c2

S∇
2(∇ · v1) + c2

A∇
2
(
∇ · v1 −

∂vz

∂z

)
. (5.12)

If ∇ · v1 = 0 is inserted into Eq. 5.12, the z−component of the velocity vanishes
(vz = 0) and Eq. 5.10 can be re-written as:

∂2v1

∂t2 = c2
A
∂2v1

∂z2 , (5.13)
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which corresponds to the equation for pure Alfvén waves which are incompressible
(∇ · v1 = 0), and propagate along the magnetic field B0.

If ∇ · v1 , 0, vz can be eliminated from the system of equations 5.11 and 5.12 and a
the following equation can be derived:

∂4(∇ · v1)
∂t4 − (c2

A + c2
S )
∂2

∂t2

[
∇

2(∇ · v1)
]

+ c2
Ac2

S
∂2

∂z2

[
∇

2(∇ · v1)
]

(5.14)

Expressing the perturbed quantities in Fourier form ∝ exp[iωt + ik · r] leads to the
substitutions ∂/∂t = iω2 and ∇· = ik, so the dispersion relation for possible MHD
modes is (Cowling 1976, Roberts 1981):

vph
4 − vph

2(cA
2 + cs

2) + cA
2cs

2cos2Θ = 0, (5.15)

where Θ is the angle between the magnetic field B0 and k. The phase speed diagram
vph(Θ) for different ratios of cA/cs is shown in Fig. 5.1.

5.2.2.1 Special solutions

1. In the absence of magnetic field, cA = 0, the dispersion equation 5.15 reduces to
vph = cs, a solution of a pure acoustic mode. The dependence on the direction
of propagation vanished, the acoustic mode is therefore non-dispersive: ω/k =

dω/dk = cs. Inserting the Fourier form of the perturbation ∝ exp[iωt + ik · r] into
the continuity equation 5.7 yields

csρ1 = v1ρ0, (5.16)

which says, that the perturbation v1 is restored by a proportional change in density.

2. For the wave propagation perpendicular to the magnetic field, Θ = 90◦, the third
addend in the dispersion equation 5.15 vanishes as well and the solution becomes:

vph =

√
c2

s + c2
A (5.17)

3. For the wave propagation parallel to the magnetic field, Θ = 0◦, there are 2 solu-
tions:

v2
ph1,2 =

(c2
s + c2

A) ± (c2
s − c2

A)
2

=


c2

S

c2
A

(5.18)
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5.2 Theoretical Overview

Figure 5.1: Friedrichs diagram (animation by Volker Gaibler) representing the super-
Alfvénic or fast (red), Alfvén or intermediate (black), and slow (blue) phase velocities
in units of adiabatic speed of sound as a function of the direction with respect to the
direction of the magnetic induction (arrow) for Alfvén velocities from 0 to 3 times the
speed of sound.

5.2.2.2 General solutions

For every propagation angle Θ, there are generally three solutions of the dispersion
equation 5.15 : slow, intermediate, or fast magneto-acoustic mode. They are represented
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in the Fig. 5.1.

1. Alfvén wave - intermediate mode
Magnetohydrodynamic plasma is a medium, which can support MHD waves
propagating without compressing the plasma. Shear Alfvén waves are transversal
and incompressible (kv1 = 0 and ∇ · v1 = 0). After inserting ∇ · v1 = 0 into
the induction equation 5.9 it follows, that ωB1 = (kB0)v1), i.e. the only restoring
force for the velocity perturbations v1 are the changes in magnetic flux density.
The general solution of shear Alfvén wave is:

ω/k = vph = cA · cosΘ, (5.19)

with Alfvén speed (5.2) as a special solution for Θ = 0 ◦. When propagating
parallel to the magnetic field, the shear Alfvén wave has a maximum speed cA . It
cannot propagate in the perpendicular direction Θ = 90 ◦ (see the polar diagram
5.1).

2. Slow Acoustic Mode
Slow acoustic waves are compressible and longitudinal, with phase speed in the
range cT < vph < min(cs, cA) with a maximum propagation speed along the mag-
netic field. They cannot propagate perpendicularly to the magnetic field.

3. Fast Acoustic Mode
The phase speed of the fast mode ranges from max(cs, cA) < vph < (c2

s + c2
A)1/2,

and it reaches maximum for propagation perpendicular to the magnetic field.

5.2.3 Waves in a Straight Magnetic Cylinder

The solar atmosphere is a highly inhomogeneous medium. Owing to the presence of
boundaries formed by magnetic structures, surface waves occur. In order to derive
the possible MHD modes to be found in the magnetic loops, protuberances and po-
lar plumes, the waves in magnetic cylinder (Fig. (5.2) need to be explored.
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Bext, pext, ρext
Bint,
pint, ρint

R

z r
θ

Figure 5.2: Representation of a magnetic tube with a radius R.

The three basic MHD waves, fast, slow and intermediate, described in the Sec-
tion 5.2.2, propagate in a straight magnetic cylinder. The properties of MHD waves
strongly depend on the angle between the direction of propagation and the magnetic
field (Fig. 5.1 ). Hence, magnetic structures present in the solar corona give rise to
mode coupling, phase mixing, resonant absorption, and guided wave propagation.

Linear perturbations about the pressure equilibrium given by 4.1 lead to the wave
equations (Roberts 1981):

∂2

∂t2

(
∂2

∂t2 − (c2
S ,int + c2

A,int)∇
2
)
∇ · v1 + c2

S ,intc
2
A,int

∂2

∂z2∇
2(∇ · v1) = 0 (5.20)

and (
∂2

∂t2 − c2
A,int

∂2

∂z2

)
(∇ × v1)z = 0 (5.21)

inside the magnetic cylinder. Same equations are valid for c2
S ,ext, c

2
A,ext outside the

the cylinder. If we write the Fourier form of ∇ · v1 = B(r) exp{i(ωt + nHΘ + kzz)}, then
the function B(r) must satisfy the Bessel equation

d2B

dr2 −
1
r

d2B

dr
− (M2 +

n2
H

r2 )B = 0, (5.22)
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Figure 5.3: Phase-speed diagram representing the spectrum of surface and body waves
in a magnetically structured corona for coronal conditions: cse < cs < cA < cA,ext.

whereM is the transverse wave number defined in each medium as:

M2(ω) = −
(ω2 − cs

2kz
2)(ω2 − cA

2kz
2)

(cs
2 + cA

2)(ω2 − cT
2kz

2)
, (5.23)

Applying the boundary conditions to the solutions of the Bessel equation (5.22) leads to
the dispersion relation for magneto-acoustic waves in a magnetic flux tube (McKenzie
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1970, Spruit 1982, Edwin & Roberts 1983):

ρext(ω2 − cA,ext
2kz

2)mint
I′n(mintR)
In(mintR)

− ρint(ω2 − cA,int
2kz

2)mext
K′n(mextR)
Kn(mextR)

= 0, (5.24)

where R is the radius of the magnetic cylinder (Fig. 5.2), In and Kn are modified Bessel
functions of order nH, the prime denotes the derivativation with respect to the argument
in the brackets and subscripts e and i refer to external and internal media respectively.
Body modes (m2(ω) < 0) are purely acoustic and longitudinal, surface modes (m2(ω) >
0) are purely magnetic and transversal.

5.2.4 Alfvén Waves
Pure Alfvén waves in flux tubes manifest as torsional oscillations of the loops (Erdé-
lyi & Fedun 2007). Torsional modes of untwisted coronal loops are described by in
the Eq. 5.21. They are incompressible and, therefore, do not perturb the density, and
cannot be seen as intensity fluctuations. If a twist is introduced, density is perturbed
and intensity oscillations would be also present. Alfvén waves create simultaneous blue
and red shifts, and if the spatial resolution of the spectrometer is less than the width of
the observed loop, they can be observed as Doppler width oscillations. The maximum
amplitude would be observed at the antinodes and minimum at the nodes.

5.2.5 Sausage Mode and Kink Mode
Solving the equation (5.22) in the incompressible limit ( cs → 0 ) and m(ωe,i) → |k|,
gives a dispersion relation:

ω2 = k2 cA,ext
2 − (ρint/ρext)cA,ext

2φn

1 − (ρint/ρext)φn
, (5.25)

where φn = In(a|k|)K′n(a|k|)/I′n(a|k|)Kn(a|k|). The characteristic phase speeds ω/k can
be calculated and represented in the dispersion diagram (5.3). In the solar corona, the
symmetric sausage mode (M = 0), and the antisymmetric kink mode (M = 1) are
important. The phase velocity of the sausage mode approaches the external Alfvén
speed (Eq. 5.2). The kink speed ck is defined in Eq. 5.4 and its approximation in the
limit of low β-plasma is given in Eq. 5.5. Kink oscillations manifest as quasi-periodic
transverse displacements of the loops. The horizontal kink doesn’t vary the loop length
and is therefore incompressible. In contrast, the vertical kink mode in a curved loop
may have a significant compressible component and can be seen as intensity fluctuations
(Wang & Solanki 2004).
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5.2.6 Slow Magneto-acoustic Waves
The slow magneto-acoustic waves are longitudinal, perturbing the density and the com-
ponent of velocity parallel to the energy propagation and to the magnetic field. Since
the emissivity of EUV lines roughly scales as the square of the density, assuming the
magnetic field has a component parallel to the line-of-sight, they may be observed as
periodic variations of the intensity and Doppler shift. In the closed magnetic structures,
such as loops, standing waves (oscillations) form, due to the reflecting of the wave from
the dense atmosphere at the footpoints. Neglecting energy dissipation and the magnetic
field the continuity (5.7) and momentum (5.8) equations become:

∂ρ1

∂t
= −ρ0∇ · v1, (5.26)

and

ρ0
∂v1

∂t
= −c2

s∇ρ1, (5.27)

which, combined together, give an equation of a harmonic oscillator:

∂2v1

∂t2 = −c2
2ρ0∇ (∂ρ1/∂t) = c2

s∇
2v1, (5.28)

whose general solution is

v(z, t) = Acos
(nHπ

2L
z
)

sin
(nHπcs

2L
t
)

(5.29)

ρ(z, t) = −
Aρ0

cs
sin

(nHπ

2L
z
)

cos
(nHπcs

2L
t
)
, (5.30)

The phase shift between velocity and density perturbations is −π/2 and 0 for stand-
ing and propagating waves respectively. The observed phase shift may differ from the
theoretically predicted one when the variations of the background density and tempera-
ture become important. Density gradients at the footpoints anchored into the transition
region are also adding into this affect by not providing a perfect reflecting boundary for
the formation of standing sound waves.

Numerical simulations conducted by (Tsiklauri et al. 2004) revealed the second har-
monic of a standing wave with a velocity oscillation node and the density oscillation
maximum at the loop apex, to be the dominant mode, independently of the varying
characteristics of the flare (duration, peak average temperature, etc.). At first, they at-
tributed this trend to the symmetric nature of the excitation of the oscillations due to the
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heat deposition near the loop apex. Though, breaking the symmetry by moving the heat
deposition near one of the footpoints again showed the second harmonic as the most
significant mode. In comparison with the case of symmetric heating, the position of the
velocity node of the oscillation at the apex of the loop wasn’t constant, but it oscillated
along the apex. Strong flows present in the asymmetric case may vary the background
emission along the line-of-sight significantly, making the interpretation of the modes
difficult.
SUMER spectrograph has discovered strongly damped quasi-periodic oscillations of the
Doppler shift of the flare lines Fe XIX and Fe XXI Kliem et al. (2002), Wang et al. (2002).
Although the SUMER slit records in EUV part of the spectra covering temperatures
from 0.01 to 10 MK, Doppler shift oscillations have only been detected in lines with
the formation temperature above 1 MK.

5.3 Non-Ideal MHD Effects
In equations (3.1 - 3.11), non-ideal effects such as resistivity, viscosity, and Ohmic
dissipation, which might contribute to damping of the waves have been neglected. Fur-
thermore, the curvature and twist of loops hasn’t been considered in the derivation of the
dispersion relation of the waves (5.24). According to (Zhugzhda & Nakariakov 1999),
the appearance of the dispersion (as the slab has a finite width) of torsional waves in a
twisted flux tube generate longitudinal flows, and consequently density perturbations.
By using the adiabatic equation of state, it is assumed that the heating, thermal conduc-
tion, and radiative loss are neglected in the energy equation.
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6 Multi-wavelength Observations of
Oscillations in the Wake of a Flare
Blast Wave

Oscillations in flare loops are caused by a rapid injection of energy to the plasma in
the loop. Kink oscillations, manifested as periodic transverse displacements of coronal
loops, are believed to be triggered by a flare blast wave hitting the loop edge-on (As-
chwanden et al. 1999, 2002, Nakariakov et al. 1999, Schrijver et al. 2002). In their study,
Hudson & Warmuth (2004) found 12 out of 28 cases of TRACE oscillations coinciding
with Type II bursts, supporting their strong connection with large-scale flare shocks.

6.1 Instruments

6.1.1 Solar Ultraviolet Measurements of Emitted Radiation
(SUMER) on board of Solar Heliospheric Observatory (SoHO)

ESA/NASA jointly-built the Solar and Heliospheric Observatory (SoHO) spacecraft,
launched in 1995. It slowly orbits around the first Lagrangian point situated around
1.5 million kilometers away from Earth towards the Sun, and it allowed continuous
observations of he Sun for the first time.

Spectroscopic observations of the inner solar corona are performed by the SUMER
(Solar Ultraviolet Measurements of Emitted Radiation) telescope and spectrometer de-
signed and built at the Max Planck Institute for Solar System Research (Wilhelm et al.
1995). It contains 4 entrance slits (1" × 300” , 1” × 120” , 0.3”× 120’ , 4” × 300”
) returning 1-dimensional spectral observations in either raster or sit-and-stare mode.
Using spectroscopic diagnostics of the chromospheric and coronal emission lines from
330 Å - 1610 Å covering a wide temperature range from 104 − 2 × 106 K, the SUMER
spectrometer allows us to study dynamical processes taking place in the atmosphere of
the Sun as well as to estimate plasma parameters such as electron temperature and num-
ber density. The size of a spectral pixel is around 44 mÅ and 22 mÅ in first and second
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order of the detector respectively decreasing for longer wavelengths. The spatial angu-
lar size of a pixel is around 1" and minimum sampling of ≈ 3 − 10 s can be achieved.
Such high spectral, spatial and temporal resolution provide us with high accuracy of the
measurements of Doppler velocities down to 1 km s−1 for each spatial pixel.

6.1.2 Transition Region And Coronal Explorer (TRACE)
TRACE (Handy et al. 1999) imaging observations of the transition region and corona
have a high spatial (≈ 1”) and temporal (less than min) resolution. A 30-cm Cassegrain
telescope with a field of view of (8, 5× 8, 5 arc minutes ) operates in three coronal EUV
bands ( Fe IX / Fe X 171 Å ; Fe XII /Fe XXIV 195 Å and Fe XV 284 Å), as well as in H
I Lyman α (1216 Å), C IV (1550 Å), UV continuum (1600-1700 Å), and white light
(5000 Å) covering the temperatures from 6000 K to 1 MK, with the main sensitivity in
the 1-2 MK range for the EUV filters.

6.1.3 Meudon Heliograph
The Meudon heliograph with a Lyot filter observes the full Sun in three bands: in the
core of the Hα line at 6563 Å and in the wings located 0.5 Å from the center.

 wavelength[Å ]  4341   4861         6563
                       ...  H-γ   H-β          H-α

Emission

Absorption

Figure 6.1: Emission and absorbtion of the Hydrogen. Spectral lines named Hα, -β, -γ,
-δ, -... result from the transitions 3→ 2, 4→ 2, 5→ 2, 6→ 2, ..., resp.

The cadence is around 1 per minute and the size of a spatial pixel is 1.95". Red
visible Hα 6562,8 Å line forms at around T ∼ 3 × 104 K. It is the strongest line from
the Balmer series of Hydrogen (Fig. 6.1), which are due to the cascading from the
higher energy levels (n > 2) to the state (n = 2). It involves the transition from the
quantum state n = 3 to n = 2.
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6.2 Wavelet Analysis
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Figure 6.2: a) A damped oscillation with four different oscillation periods localized in
five temporal windows. The periods of the signal within the five intervals are in arbitrary
units.
b) Representation of the above signal into time-frequency domain. The colors represent
the wavelet power (blue is the strongest, then green, yellow, red and white) calculated
as the modulus of the wavelet coefficients as a function of time and scale. The cone of
influence represents the maximum significant period at a given time for which the edge
effects are not important.
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6.2 Wavelet Analysis

Wavelet analysis is a powerful tool in image denoising and in time series analysis. A
signal represented as a function S(T ) defined in the time domain can be transformed
into the time-frequency domain (Fig. 6.2).
When used as an image enhancement tool, the pixel saturation which is a (2-dimensional)
function of position can be decomposed into different scales and then reconstructed ac-
cording to a suitable scheme.

6.2.1 Time Series Analysis

Rather than applying the scale-dependent Fourier Transform (A.6), a wavelet-based
method of time-frequency localization is often applied in analysis of time series charac-
terized by a wide range of dominant frequencies. Wavelet analysis involves transform
of 1-dimensional time-series into a 2-dimensional image, which is a function of time
and frequency. Decomposition of a time series with non-stationary power into time-
frequency space allows to determine both the dominant frequencies of the given vari-
ability and its evolution with time.
In Fig. 6.2a, a damped multi-frequency signal is represented. Below (Fig. 6.2b), the
wavelet spectrum of the signal is plotted. The strongest power (blue color) corresponds
to the highest modulus of the wavelet coefficients (defined in 6.3) at a given scale and
time. The cone of influence is the region of the wavelet spectrum in which edge effects
become important. At each scale, it is defined as the e-folding time for the autocorrela-
tion of the wavelet power. In our analysis, Morlet wavelet (Eq. 6.1) has been used, for
which the e-folding time is

√
2s.

6.2.1.1 Continuous Wavelet Transform

Oscillatory behavior of a signal can be studied using a continuous wavelet transform
which is derived from the windowed Fourier transform (A.19). The latter is used in a
non-stationary analysis, as it assumes stationary behavior in the given temporal win-
dow. Gabor (1946) introduced a transform windowed by a Gaussian window G(T ′−T )
(Eq. A.20) sliding in the time domain, thus forming a basis of windowed sinusoids. It
corresponds to the convolution with the conjugate of the Morlet wavelet (Eq. 6.1 and
Fig. 6.3).
The continuous wavelet transform (CWT) is a generalized Gabor’s transform. It in-
volves a convolution with the scaled conjugates of a mother wavelet function Ψ∗, which
is equivalent to the filtering of the signal.
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ω0=3

ω0=8
Re

(Ψ
0)

T

Figure 6.3: Real part of the Morlet wavelet function for 2 different frequencies as a
function of dimensionless time T .

A suitable mother wavelet for the analysis of oscillations is a complex wavelet for-
mulated by Morlet:

Ψ0(T ) = π−1/4eiω0T e−T
2/2. (6.1)

Its real part for two different frequencies ω0 is illustrated in Fig. 6.3. It’s conjugate is
proportional to the Gabor’s transform (Eq. A.19).
A scaled, normalized and translated daughter wavelet is

1
√

s
Ψ

(
T − T ′

s

)
, (6.2)

It is the function Ψ0 translated in time by T ′ with a modified frequency s · ω. The
normalization is necessary in order to be able to compare significance of various fre-
quencies present in the signal. s is the scale parameter related to the frequency, which
defines the width of the filter. T ′ is the position parameter related to the time in the
time series analysis (it is related to the position in the image processing). A summation
is used instead of an integration because the observations are given by a discrete series
S{T }.
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According to the convolution theorem (A.21), a wavelet coefficient of a time series
S(T ) with a uniform cadence ∆t at a given scale s and position in time T can be written
as:

W(s,T ) =

N−1∑
T ′=0

ŜT ′Ψ̂
∗ (sωT ′) eiωT′T∆t, (6.3)

where ŜT ′ and Ψ̂∗(ωT ′) are the Fourier transforms of the original time series and of the
complex conjugate of the wavelet function.

The frequency ωT is defined as:

ωT =

{
+2πT /(N∆t) for T ≤ N/2
−2πT /(N∆t) otherwise. (6.4)

The wavelet power
∣∣∣W(s,T )2

∣∣∣ gives an information on the significance of present
frequencies. In the analysis of the oscillations presented in the Sections 6.3 and 6.4,
the routine /usr/local/ssw/soho/sumer/idl/contrib/sa f ari/package/wavelet.pro has
been used in order to find the dominant periods. The output of the routine is a com-
plex two-dimensional array which contains the wavelet coefficientsW(s,T ) of a one-
dimensional time series. The power maps of the oscillating regions are plotted in
Fig. 6.11).

6.2.2 Image Enhancement - Unsharp Masking

Simultaneous high resolution EUV imaging and spectroscopic observations of flares
are very rare. If the contrast of the obtained observations is not high enough, an edge
enhancing method is often useful.

The enhancement of the TRACE images used in the analysis of the flare events
in Fig. 6.7 was achieved with a method called "unsharp masking" (Malin 1977). It is
method based on a two dimensional a trous algorithm. In the presented work, we have
used a routine, which involves adding the high-frequency components of the data mul-
tiple times.
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original image 
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Figure 6.4: Unsharp masking algorithm scheme.
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Decomposition and reconstruction of the image used in our analysis (Fig. 6.4) is
described here:

• The original image can be described as 2 dimensional series c0(x, y). The param-
eters x, y are related to the horizontal and vertical position on the image.

• First, the data are smoothed with a convolution with the B3 spline wavelet for
scaling function chosen by Stenborg & Cobelli (2003):

c1(x, y) =
∑
l,m

hlow(l,m) c0(x + 20l, y + 20m).

The discrete low-pass filter hlow is associated with the scaling function. It was
carefully chosen in such a way, that the filtering will reduce the width of the
edges. It is given by a 5x5 matrix scaled by 256:

hlow =



1 4 6 4 1
4 16 24 16 4
6 24 36 24 6
4 16 24 16 4
1 4 6 4 1


.

• Smoothed image is then used as a new input in the convolution, which is then
repeated iteratively (100 times in our analysis in the Chapter6):

ci(x, y) =
∑
l,m

hlow(l,m) ci−1(x + 2i−1l, y + 2i−1m).

• The last smoothed image, i.e. in our case c100(x, y), is then subtracted from the
original c0(x, y) − c100(x, y) to give the desired edge enhanced image. It corre-
sponds to the sum of all the high frequency components ("details" in Fig. 6.4).

Small-scale structures embedded in larger features are better seen after a multiple-scale
based filtering, which is obtained when the scales are weighted using an appropriate
reconstruction scheme.
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a b

c d

Figure 6.5: An original digital photo (a), an edge enhanced image using the single-scale
filtering (b), a smoothed image (c) and the image with the highest frequency components
(c).

The smoothed image in Fig. 6.5(c) is the last smoothed image in the iteration, so
adding it to the enhanced image (b) will give the original photo (a). The detail image
(d) is obtained after the first convolution of the original with the filter mask given by
6.5. The enhanced edges are very well seen in the layers of the cloud, in the contrast of
the trees and at the transitions between the dark trees, grey sky, and white cloud.

6.3 9 April 2002 C Class Flare

6.3.1 Observations

The flare occurred around 07:24 UT on 9 April 2002 in AR09886, the most northern of
a complex of active regions near the western limb (Fig. 6.6a). Faint coronal loops can
be seen extending high in the corona. Some connect to AR09887 this side of the limb,
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Figure 6.6: a) Average TRACE 195Å image of AR09886 and surrounding region: (a)
average intensity between 07:06 and 07:17 UT showing the prominence (P) that later
erupted; (b) power map for frequencies less than 5mHz (periods greater than 3.3 min)
between 07:06 and 07:12 UT. Flows (F) are detected in the corona crossing the SUMER
slit which is indicated with white vertical line.

and others seem to be directed towards active regions, AR09885 and AR09891, already
behind the limb. We show in Fig. 6.6b, the power map of lowest frequency intensity
variations in the pre-flare phase. The power maps were computed using Fourier analysis
(see A.6) of intensity times series at each position in the image. This reveals activity in
the prominence (P) and flows (F) in the corona.

An overview of the evolution of the loop system seen in TRACE, SUMER and
Meudon is shown in the movie in Fig. 6.7, starting at 07:06 UT, the beginning of the
TRACE observations. The movie shows simultaneous TRACE and SUMER intensity
images, and Hα Dopplergrams in the top row. Below are the corresponding running
difference intensity images. Each frame is scaled individually, thus hiding the time
evolution of the intensity, which is represented in TRACE and SUMER time-distance
images (Figs. 6.8 and 6.10, respectively). More details on each instrument as well as on
the wavelength band in which it observes can be found below.
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Figure 6.7: The flare evolution: (a) TRACE contrast enhanced intensity (b) SUMER
spectral windows centered on Si III 1113Å, Ca X 557Å, and Fe XIX 1118Å shown in
reverse color (c) Meudon Heliograph Hα Dopplergrams (d) TRACE running difference
(e) SUMER running difference (f) Hα running difference. Two vertical lines indicate
the position of the SUMER slit in the TRACE and Hα images. Clicking on . will start
the full movie.

6.3.1.1 TRACE

TRACE (Handy et al. 1999) observed in the 195Å band with a cadence of roughly 13 s.
The emission is due to Fe XII (1.6 MK) in the quiet Sun, and is dominated by emission
from hotter Fe XXIV 193Å (20 MK) under the conditions found in flaring active region
coronae (see Fig. 2.8). Coronal dimming at 195Å is due either to a decrease in coronal
emission du to decreased emission or/and absorption by Hydrogen and Helium along the
line-of-sight (see Section 4.3.1). In the filter band the transition region lines O V 192.8
and 192.9Å (Young et al. 2007) may contribute to the observed prominence emission (
A.3.2). The TRACE data were first processed with the solarsoft routine trace_prep
using the standard settings. Cosmic ray spikes have been removed. We then averaged
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all TRACE images, within each 50 s exposure period of SUMER, so that they overlap
as much as possible in time. For the intensity movie (Fig. 6.7a), the averaged images
have been further contrast enhanced by subtracting a blurred image obtained by using
repeated convolutions of a bi-dimensional mask (Stenborg & Cobelli 2003) on the image
(Section 6.2.2). The running difference movie uses the averaged data.

6.3.1.2 Meudon Heliograph

Images were obtained with the Meudon heliograph at a 1 min cadence in the core
(6563.3Å) and in the wings (±0.5Å) of the Hα line, the most prominent photospheric
line (see the Section 2.1). The Doppler shift, Fig. 6.7c, is computed as the first weighted
moment of the intensity (Eq. 2.13), using values in the core and wings of the line. The
maximum measurable shift of 0.5Å, when all the emission comes from one wing of the
line, yields a maximum measurable velocity of about 23 km s−1(Eq. 2.14). This is much
lower than the velocities measured with the SUMER spectrometer. Any Hα emission
coincident with the high velocity Si III plasma seen during the eruption was outside the
filter window.

From around 07:20 UT, a prominence is seen to rise in the Hα intensity running dif-
ference images (Fig. 6.7f), showing faint Doppler shift signatures. The apparent plane-
of-sky velocity of the rising prominence was in the range 120−160 km s−1, significantly
lower than the fast moving features seen in TRACE and SUMER data mentioned be-
low. The erupting prominence started expanding towards Earth (blue shift), while its
northern footpoint moved away (red shift), suggesting that the northern footpoint was
already behind the limb and it preceded the southern one as the Sun rotates. It reached
the height of the SUMER slit just after 07:24:33 UT.

6.3.1.3 SUMER

The SUMER spectrometer (Wilhelm et al. 1995) observed in sit-and-stare mode about
50" off the west limb allowing the observation of loops formed within and among active
regions NOAA AR09886, 09887, 09885 and 09891 with the 300" x4" slit and a 50 s
cadence simultaneously in the 3 lines: Si III 1113.24Å (0.06 MK), Ca X 557.76Å (sec-
ond order, 0.7 MK) and Fe XIX 1118.1Å (6 MK). The line formation temperatures are
given in brackets. More details on the corresponding transitions and their blends are
given in the Table A.3.1. The size of the spatial and spectral pixels was about 1" and
44 mÅ respectively. The width of the spectral window around each line was 50 px,
corresponding to about 2.2Å, or in terms of the line-of-sight component of velocity, to
approximately 590 km s−1(Eq. 2.14). The data were flat-fielded, and geometrically cor-
rected using standard procedures. Then the continuum intensity was subtracted. In the
movie in Fig. 6.7b,e the three spectral windows, Si III , Ca X and Fe XIX , are plotted side
by side with data gaps of 50 km s−1 and 140 km s−1 between the windows.
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The Fe XIX 1118.07Å line blends with both transition region, P V 1117.98Å and
Ne VI 558.62Å, and cooler C I lines at 1117.20, 1117.58, 1117.88, 1118.18, and 1118.49Å (Ta-
ble A.3.1 , Curdt et al. (2001)). We used the Si III to identify potential transition region
blending. For example, in Fig. 6.7b, the strong emission around y=230" which coin-
cides with strong Si III is Ne VI , but the emission below, between 150 − 200", is Fe XIX .
Here high Ne VI Doppler shift emission is seen beyond the 140 km s−1 data gap on the
edge of the Ca X window. The C I lines can be identified because another C I multiplet
(1114.64, 1114.86 and 1115.21Å) appears at the same time in the Ca X window. The
analysis described here considers Fe XIX at times and positions when there is no strong
Si III or C I .

The coalignment of the SUMER observations with the TRACE images was not
straightforward because of the many possible blends in both SUMER and TRACE. Key
features used in the co-alignment were the position of the early pre-flare flows seen in
TRACE and SUMER, the blue-shifted Ne VI , Si III and Hα, seen as erupting prominence
material in TRACE, and bright in TRACE, red shifted SUMER Si III and Hα along the
northern leg of the erupting prominence at the end of the movie. SUMER was found to
be centered at (1015", 150"), with an accuracy of 5" in both directions.

6.3.2 Ejecta, Fronts and Oscillations
The disruption of the corona is captured by the TRACE images. To obtain the expan-
sion speeds of some of the observed fronts, we have constructed time-distance intensity
images along horizontal synthetic slits (Fig. 6.8). Bright fronts with plane-of-sky speed
greater than 350 km s−1 are seen throughout the region. According to the Equation 5.1
and the ideal gas law 3.23, the speed of sound can be estimated to 380 km s−1. Taking the
geometry corrections into account, the bright fronts propagate at a supersonic speeds.
They seem to be associated with the eruption that started along y=170" at 07:20 UT
(Fig. 6.8b) in which both prominence and corona take-off simultaneously, similar to the
mini-CME onsets reported by Innes et al. (2010). This suggests that the both eruptions
seem to have the same trigger. Flows are seen before the eruption with TRACE in the
corona crossing the SUMER slit (labeled F in Fig. 6.6b) and in the prominence (labeled
P in Fig. 6.6b), which seems to be supported by overlying loops (Fig. 6.6a). This lead
us to lean towards the interpretation based on the flux-rope model (see Section 4.4.2.2).
Though to be sure, the pre-event magnetic topology (4.11) would have to be known.
This is not the case, since it is a limb event and the geometry is not well understood.
The northern leg was behind the limb at the time of the eruption thus hiding the foot-
points of the loops. The prominence, also seen as dark fronts along y=200", reached the
SUMER slit at 07:26 UT.
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Figure 6.8: TRACE 195Å intensity synthetic slits constructed at different latitudes.
The position of the SUMER slit, x=1015", is represented by the horizontal black line.
Pre-event background intensities have been subtracted from each time series. Apparent
plane-of-sky velocities in the direction of growing x are given alongside dashed lines
running along TRACE fronts.

North of y =200", one sees a bright front followed by coronal dimming. Because
the front is barely visible in Fig. 6.8c, we present a re-scaled version of the figure below
(6.8f). The front is visible above the northern leg of the rising prominence. We suggest
that this is the front of a blast wave similar to that discussed in Aschwanden et al. (2009).
Its apparent horizontal velocity at y=280" is estimated to be around 270 km s−1.

Striking in the TRACE intensity frames of the movie in Fig. 6.7 but difficult to show
with stills, is the large-scale back-reaction of the loop systems to the passing front. The
magnetically dominated corona is strongly inhomogeneous. The loops and the cold
prominence material present magnetic clouds with en enhanced density in comparison
with the ambient plasma. Due to the highly structured and optically thin corona, where
the emission along the line-of-sight adds up, the interaction in three dimensions is much
more complicated. Since the magnetic loops form an elastic support for the waves, the
oscillations are expected in the wake.
By making space-time images along different tracks in the corona, we were able to pick
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Figure 6.9: TRACE loop oscillation: a) TRACE contrast enhanced intensity image with
the position of the SUMER slit (white vertical line) and the region of the oscillation
(white rectangle) marked; b) time evolution of TRACE intensity averaged across the
white rectangle in (a).

out the displacement oscillation shown in Fig. 6.9. It looks as though a broad, 20" wide
structure, possibly a loop top, was oscillating up and down in latitude with a period of
about 7 min. This effect could either be caused by a loop top or the leg of a radially
oscillating loop with an inclination angle of about 45◦ to the limb. Since the oscillation
in the movies is predominantly radial, the latter is more likely. As it is observed as a
displacement oscillation, we suggest an interpretation in terms of the asymmetric kink
mode (5.2.5). Estimating the length L of the loops reaching the position of the oscilla-
tion to be around 500 Mm, the phase speed vph can be calculated: vph = 2L/P = 2380
km s−1. This value is of the order of the expected kink speed (5.4).

The SUMER Si III and Fe XIX time series in Fig. 6.10 show the spatial development
of the transition region and hot flare plasma along a single vertical slit in the corona. The
spectral details are best seen in the movie in Fig. 6.7. The Si III red shifts in the middle
of the SUMER slit, correspond to velocities greater than 300 km s−1 from 7:06 UT. The
early flows, directed southward and away from the observer, coincide with the coronal
flows (F) seen in the TRACE power map (Fig. 6.6b). At 07:20 UT, the time of the
two-tier eruption (Fig. 6.8b), SUMER detected the coronal part of the disturbance. The
transition region plasma moved rapidly to the north and south with an apparent plane-
of-sky velocity of 200 km s−1.

The large Si III red shifts seen later along the southern part of the SUMER slit, show
up as flows in the TRACE running difference images of the movie in Fig. 6.7. The im-
ages suggest that the movement of Si III along the slit was not plasma motion but marks
a front triggering Si III flows. In the north, we can associate the 450 km s−1 Si III and
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Figure 6.10: SUMER line intensities and Doppler shifts: (a) Si III intensity (b)
Fe XIX intensity (c) Si III Doppler shift (d) Fe XIX Doppler shift. Intensities are reverse
color. The start time of the movie is marked with a black vertical line. The rectangles
in (d) outline the oscillation regions shown in Figs. 6.11, 6.12.

Ne VI blue shifts seen in SUMER at 07:30 UT (Fig. 6.7) with erupting prominence
plasma. Immediately after the erupting prominence, the Fe XIX intensity increased. It
was particularly bright above the active region but significant emission also appeared to
the south along the slit. Initially the Fe XIX line was predominantly blue shifted with a
non-Gaussian wing extending to 150 km s−1.

Weak oscillations following the front can be seen in the Fe XIX space-time Doppler
shift images (Fig. 6.10). Details of two of the regions, outlined by black rectangles in
Fig. 6.10d, are shown in Fig. 6.11a,b. The time span of the details is 33 minutes and is
represented by the length of the horizontal side of the rectangle. In Fig. 6.11c,d, we
show the wavelet power of the line center Doppler shift averaged over the 50" and 30"
regions of the slit shown in the figure. It was calculated as the modulus of the wavelet
transform with the Morlet wavelet (6.1) as the scaling function. The Doppler shift of the
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center of the line was calculated using Eq. 2.13. The one to the south at 50" < y < 100"
has a single period of about 14 min. The other at 150" < y < 220" is more complex. It
is composed of two periods, one around 4 min and the other also around 14 min. No
oscillation is seen in the region between.

The radius of the loops reaching the spectrometer is larger than 50 Mm, which
corresponds to the height of the slit. If we assume a circular loop, then the speed
vph,4 = 2L/P > 1300 km s−1 for the 4 minute period, and vph,14 > 373km s−1 for
the 14 minute period. Therefore, we suggest, that the blast wave gives rise to the stand-
ing kink mode (Section 5.2.5), when it hits the loops edge-on, and a slow mode (Section
5.2.6), when the trigger is situated near one of the footpoints.

In Fig. 6.12, we plot the time evolution of the spectra averaged over 10" and centered
at the strongest points of the oscillations. Vertical black lines denote the start of the time
span of the oscillations, 7:42 - 8:22. The transition region Si III emission disappeared
before the Fe XIX oscillations, so we conclude that the oscillation is definitely due to the
shifts in Fe XIX line and not to contamination by its colder blends (see Table A.3.1).

The spectral evolution shown in Fig. 6.12a is typical for the positions 50" < y < 100"
in which we see several such Si III jets followed by an Fe XIX oscillation starting with a
blue shift. It seems to support the impression given by the images that the Si III flows
were triggered by a front moving through the corona because a large-scale front would
also heat plasma in its wake. It is not clear whether the Fe XIX blue shift was caused by
a back reaction to the red shifted Si III jets or it was different plasma accelerated behind
a part of the front moving towards the Earth.
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        time [min] after 7:06 (UT) 9 Apr 02

|v| < 8 km/s |v| < 6 km/s

Figure 6.11: Detail of the Doppler shift oscillation in Fe XIX for (a) The lower rectangle
in Fig. 6.10d, and (b) the upper rectangle in Fig. 6.10d. The frames underneath show
the wavelet power of the Doppler shifts in the frame above with the average Doppler
shift overplotted.

6.4 16 April 2002 M Class Flare

6.4.1 Introduction

The oscillations discussed here are seen in flare loops and the ambient corona in both
TRACE 195 Å filter images and SUMER Fe XIX spectra during and after the passage
of an erupting loop. The flare of GOES X-ray class M2.5, accompanied by a CME,
occurred very close to the northwest limb. It was observed by several instruments,
including SUMER, CDS, TRACE, RHESSI, LASCO and the Nancay radioheliograph.
Sui et al. (2004), Goff et al. (2005), and Wang et al. (2007) suggest an interpretation
based on the standard CSHKP (Carmichael 1964, Sturrock 1968, Hirayama 1974, Kopp
& Pneuman 1976) model of CME eruption because they saw an EUV loop slowly rising
into the corona very closely followed by a small region of 5-25 keV X-ray emission.
A short distance behind, Wang et al. (2007) saw large blue and then red Doppler shifts
in Fe XIX . They interpreted them as direct observations of fast magnetic reconnection
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Figure 6.12: Spectral evolution at positions of the Doppler shift oscillations. The spectra
have been averaged over 10" and displayed with the Fe XIX window at the top, Ca X in
the middle and Si III at the bottom. A black vertical line has been drawn at the start of
the measured Fe XIX oscillations.

outflows along the current sheet.
We present a re-analysis of the SUMER spectroscopic and TRACE imaging obser-

vations. Through a careful study of the spectroscopic images, we show high blue and
red Doppler shifts and broadening in earlier frames and over a significantly larger area
and lasting longer than has been reported by Wang et al. (2007). We show that the
slowly rising EUV loop is preceded by large Doppler shifts and is followed by an os-
cillation. The high velocity shifts as well as the oscillatory behaviour are significant far
beyond the edge of the rising loop. We propose that the observations show heating and
acceleration of plasma in the wake of a flare blast wave.

6.4.2 Observations
The flare started with a small soft and hard X-ray burst at 12:53 UT, followed by a
stronger pre-impulsive burst at 13:04 UT. The impulsive phase started at 13:06 UT with
a series of 5 or 6 strong hard X-ray bursts followed by an increase in soft X-ray emission.
A coronal soft X-ray source, co-spatial with an EUV loop, was seen rising above the
main post-flare loops from 13:03 to 13:07 UT with a speed ≈ 60 km s−1 (Goff et al.
2005). An increase in Fe XIX emission at a distance of around 50" from the limb started
at around 12:56 UT (Wang et al. 2007). A brief maximum in Fe XIX emission was seen
when the EUV loop crossed the slit’s field-of-view. Following the loop’s passage the
emission in the Fe XIX line and at 195 Å decreased. This is followed by a progressive
increase of intensity as the hot, dense cusp-shaped loops form and grow.
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The SUMER spectrometer (Wilhelm et al. 1995) observed in sit-and-stare mode
about 50" off the west limb above the active region NOAA AR 9901 with the 300" x4"
slit and a 50 s cadence simultaneously in 3 lines: Si III 1113.24 Å (0.06 MK), Ca X

557 Å (second order, 0.7 MK) and Fe XIX 1118.1 Å (6 MK) (Fig. 2.9). The size of
the spatial and spectral pixels is about 1" and 44 mÅ respectively. The width of the
spectral window around each line is 50 px, corresponding to about 2.2 Å, or in terms of
the line-of-sight component of velocity, to approximately 590 km s−1. Thus, the Fe XIX

window, being centered about 3 px towards the red wing, measures velocities in the
interval from -260 km s−1 to +330 km s−1, where the negative sign stands for blue
component. To detect blue Doppler shifts in Fe XIX with velocity greater than 400 km
s−1, two neighbouring spectral windows, Ca X and Fe XIX , were plotted side by side
(Fig. 6.14 and 6.15 ) with a data gap between -260 and -400 km s−1. No response to the
event was seen in either intensity or Doppler shift of the Si III and Ca X lines.

TRACE observed in the 195 Å band with a cadence of roughly 20 s. The emis-
sion is due to Fe XII (1 MK) in quiet Sun, and is dominated by emission from the
hotter Fe XXIV 192 Å (20 MK) under the conditions found in flaring active region
coronae. After the standard image corrections using SolarSoft routines a wavelet-based
denoising technique using a 2-dimensional à trous algorithm (Stenborg & Cobelli 2003,
Stenborg et al. 2008) has been applied in order to bring up the loops in better contrast
(Fig. 6.14a,c,e,g and 6.15a).
The coalignment of the position of the SUMER slit with the TRACE images has been
obtained by comparing the common features seen in the intensity time series of the
SUMER lines Fe XIX 1118.1 Å and Ca X 557 Å and in the TRACE 195 Å time series
constructed at the position of the SUMER slit. Fig. 6.13 shows the final coalignment
of the Fe XIX and the 195 Å intensities with the pre-flare emission subtracted. The
crescent shape corresponds to the mirror image of the rising loop observed by TRACE
as it crosses the slit. As can be seen the maxima of the TRACE and SUMER intensities
superimpose. SUMER is found to be centered at (934.5", 405.5"), with an accuracy of
5" in both directions.
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Figure 6.13: Fe XIX 1118.1 Å intensity time series on a logarithmic scale with TRACE
195 Å intensity contours.

An overview of the loop system is shown in the TRACE frames in Fig. 6.14a,c,e,g
and 6.15a. The position of the SUMER slit is indicated by the white vertical line. Along-
side each TRACE 195 Å intensity image, constructed by averaging over 3 successive
frames, the Fe XIX 1118.1 Å spectrum closest in time is displayed (Fig. 6.14b,d,f,h) and
6.15b,c. The spectra in Fig. 6.15b are represented on a linear scale, using the reversed
rainbow color table, where the emission grows from white, through red and green to
blue (b). The spectra represented in (Fig. 6.14b,d,f,h and 6.15 c) are running difference
images obtained subtracting the earlier spectra from the ones specified in time. They
allow us to view the changes better, as well as to bring out the faint high velocity shifts
which usually occur before and on the edge of the bright Fe XIX line core. Each frame
of the time series is scaled individually, thus hiding the time evolution of the intensity.
The latter is represented in Fig. 6.13,6.17, 6.18 and 6.16.

A blue-shifted jet with a velocity greater than 200 km s−1 appears near y =350"
at 12:55:22 UT (green arrow in Fig. 6.14d). Its position corresponds to the top of the
rising loop passing through the SUMER slit at 13:01:30 UT and its velocity increases
up to 650 km s−1 between 13:05:37 and 13:11:40 UT (upper green arrow in Fig. 6.15b).
Some 10" above it, red shifts with peak velocities up to about 250 km s−1 are seen
from 13:01:30 UT, lasting until 13:19:05 UT (white arrow in Fig. 6.15c). Only the
central high blue shift between 13:04 and 13:14 UT and central red shift after 13:16 UT
were included in the Wang et al. (2007) analysis. In the movie, there is also a number of
other high velocity blue-shift structures. The strongest starts around 12:59 UT below the
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Figure 6.14: Left panels (a,c,e,g): same as left panel (a) in Fig. 6.15.
Right panels (b,d,f,h): Same as right panel (c) in Fig. 6.15.
The green arrow (d) points at the position of the blue-shifted jet with a velocity greater
than 200 km s−1 which appeared near y =350" at 12:55:22 UT and then moved south-
ward. The cyan and black arrows (a) point at the loops (corresponding arrows in
Fig. 6.16b).
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Figure 6.15: Left panel (a): TRACE 195 Å intensity, enhanced and cleaned using a
wavelet-based method. The white vertical line indicates the position of the SUMER
slit. Black, red, green, and blue crosses represent the positions at which the intensity
time series are plotted in Fig. 6.18. The three horizontal white lines on the slit designate
the positions at which the time evolution of the Fe XIX Doppler shift and intensity, and
TRACE 195 Å intensity are compared in Fig. 6.17. The two horizontal green lines
denote the width of the area represented in Fig. 6.16.
Middle panel (b): spectra of the emission line Fe XIX 1118.1 Å along the spectrometer
slit (vertical axis) as a function of wavelength relative to the center of the line, converted
into line-of-sight velocity (horizontal axis). Each frame is scaled individually. Blue
represents the highest emission at a given time.
The three dashed black lines are drawn at the slit positions marked by white horizontal
lines.
Right panel (c): Running difference images of the spectra of the emission line Fe XIX

1118.1 Å along the spectrometer slit. White color represents the biggest emission
increase, and black shows the highest emission decrease recorded since the previous
frame (i.e. around 50 seconds earlier).
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rising loop (the bottom green arrow in Fig. 6.15b), moving southwards and increasing
in its velocity. It reaches its maximum velocity, close to 500 km s−1, between 13:02:19
and 13:05:37 UT. At 13:10:50 UT, the blue shifts with velocities 250-600 km s−1 are
seen over the largest portion of the slit outside the loop (from around 326" to 390").

SUMER observations show a Doppler shift oscillation of the center-of-gravity of
the Fe XIX emission line. The extent of the oscillation in space and time shows up best
in the surface plot of Doppler shift (Fig. 6.16a). Although the large-scale oscillation
is continuous there are variations in power, amplitude and frequency along it. In the
TRACE intensity (Fig. 6.16b) the oscillation is also visible but because the intensity
variation represents the superposition of real changes in temperature, density and ion-
ization and new material moving into the field-of-view, the oscillatory behaviour may
be more or less hidden at a given latitude. The black arrow in Fig. 6.16b points to the
stationary loop seen by TRACE, situated at the position of y =337". The loop is also
indicated with a black arrow in Fig. 6.14a. At the position of the cyan arrow (y =348")
in Fig. 6.16b, there is a faint loop (cyan arrow in Fig. 6.14a) crossed by the SUMER slit
which starts brightening up at 13:12 UT, reaching its maximum at around 13:18 UT.

The relationship between the Doppler shift and intensity oscillation is better illus-
trated in Fig. 6.17, which shows the evolution of the Fe XIX and 195 Å intensity, as well
as the Fe XIX Doppler shift at the positions of the white horizontal lines on the slit and
black dashed lines on the spectral images in Fig. 6.14a,c,e,g and 6.15a. The oscillation
period varies between 11 and 14 minutes and the initial large red-shifted pulse indicates
an impulsive trigger. At the positions either side of the region crossed by the apex of
the loop, y =345" and 362" (Fig. 6.17b and c), the Doppler shift peak (blue curve) pre-
cedes the Fe XIX intensity peak (black curve) corresponding to the rising loop imaged by
TRACE. Even 30" north of the loop (y =398", Fig. 6.17a), signatures of the oscillation
in Doppler shift, starting at the time of the Fe XIX intensity increase, are seen.

To illustrate emission changes along the path of the apex of the rising loop, the
195 Å intensity is plotted in Fig. 6.18 at the positions indicated by the black, red, green
and blue crosses in Fig. 6.14a,c,e,g and 6.15a using the corresponding colours. At the
positions (938", 354") (black) and (953", 359") (red), the first peak in the 195 Å inten-
sity corresponds to the rising loop and its estimated propagation speed along this path is
45 km s−1. The second maximum does not propagate along the path denoted by the four
crosses but rather arises simultaneously at all four positions. The increase in intensity
on the loop’s axis below the apex is followed by an increase on each side, propagating in
the direction perpendicular to the path denoted by the crosses. This is the reason why the
second peak at the position of the black cross (Fig. 6.18) is observed before the second
peak at the positions below and above it (red curves in Fig. 6.17b and c). We suggest
that this increase is due to the rapid changes in temperature and ionization of the plasma
enhanced by the fast twisting and transverse motion of the loops, caused by the blast
wave passing through. Around the position of the green cross, the first intensity peak is
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(a) Doppler shift oscillation of Fe XIX 1118.1 Å line center.
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(b) 195 Å intensity oscillation.

Figure 6.16: Doppler shift oscillation of the Fe XIX 1118.1 Å and the 195 Å intensity
at the position of the slit. The width of the comprised area along the slit is represented
by 2 green horizontal lines in Fig. 6.14 and 6.15
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Figure 6.17: Relative modulation of intensity (black) and Doppler shift of the
1118.1 Å line center (blue), and TRACE 195 Å intensity (red), at the positions on
the slit indicated by white horizontal and black dashed lines in Fig. 6.14 and 6.15. The
195 Å intensity is obtained by averaging over the width of the slit. All three curves are
normalized individually for the purpose of a better comparison.
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Figure 6.18: 195 Å intensity oscillation. The four curves correspond to the relative
intensity modulations at the positions indicated by crosses in Fig. 6.14a,c,e,g and 6.15a.

barely visible and, moving further outwards, it disappears completely, suggesting that
the rising flux rope erupts at around this height. At the position indicated by the blue
cross, two peaks are observed again. The first one occurs almost simultaneously with
the first peak corresponding to the red cross, i.e. before the rising loop would have time
to reach it if it didn’t erupt. It is due to heating and an upward motion of a bright feature
indicated by a black arrow in Fig. 6.14c. It is most probably the apex of a twisted loop
whose legs are nearly aligned along the line of sight. It appears as a stationary source
from 12:54 - 13:03 UT, then moves slowly upward in the same direction as the rising
loop to the position (988", 367"). At around 13:10 UT it seems to disappear, probably
due to heating caused by the passing blast wave, and reappears again at around 13:12
UT, at the position of (975", 371"). its apparent plane-of-sky velocity is thus around
80 km s−1 (13" in 2 min). We suggest that its motion is due to a blast wave hitting it
edge-on, much like the transversal oscillation of the loops.

6.5 Discussion and Conclusions

We present EUV spectroscopic and imaging observations of two flares, both accompa-
nied by a large-scale wave, an oscillation in its wake, and a prominence eruption that
was seen later as a CME in LASCO images. Here we summarize the arguments for
the interpretation of the data in terms of heating and acceleration in the wake of a blast
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6.5 Discussion and Conclusions

wave flowing around magnetic obstacles - coronal loops - formed within and among the
active regions covering a large region on the Sun.

Multi-wavelength analysis of the loop dynamics before, during and after the April
9th 2002 M class flare accompanied with a filament eruption and a CME have shown
that:

• A bright front with a plane-of-sky velocity 250 km s−1 was seen ahead of the
erupting filament in TRACE 195Å images. As the front passed through the
SUMER slit, the Si III line brightened and brief bursts of red shifted emission were
seen from positions moving south and north along the slit. The Si III intensity then
decreased rapidly. At the same time, the intensity of the flare line Fe XIX increased
and a Doppler shift oscillation lasting at least 1 hour was launched along broad
sections of the slit, with a varying amplitude and period.

• The disappearance of Si III was either due to heating or ejecta moving out of the slit
field-of-view. TRACE images provide clues to what happened. Initially, TRACE
shows many bright ejecta moving south intermingled with a background dim-
ming. Afterwards we saw increased Fe XIX emission, implying heating, and oscil-
lating loops across the region, implying plasma acceleration on a large scale. We
therefore suggest that the Si III flows are triggered by a front moving through the
corona.

• At least three different oscillations detected with SUMER and TRACE, seen at
different positions. SUMER shows large regions with 14 min oscillations at 50"
< y <100" and 150" < y <180", which we interpret as the slow magnetoacoustic
mode. We suggest, that the shorter period (4 min) oscillation superposed on the
14 min one in the northern section is a kink mode. A TRACE kink oscillation
with a period of 7 min was picked up about 100 Mm higher in the corona. It may
have been present closer in but there is lots of confusion by overlapping structures
below x =1100" so it is very difficult to see. All oscillations showed a high initial
pulse supporting the idea of an impulsive trigger.

Doppler oscillations in Fe XIX of this width and with periods about 14 min are com-
monly seen at the onset of flares (Wang et al. 2003b). They are generally interpreted
as due to slow mode standing waves in hot coronal loops excited at their footpoints be-
cause their periods match that expected for the fundamental of the slow mode. This is
true for the loops here as well. If we assume a semi-circular loop of height 50 Mm (the
height of the slit from the limb) and a sound speed 380 km s−1 (Wang et al. 2003b),
the fundamental mode would have a period of roughly 14 min. The difference between
the events in Wang et al. (2003b) and the event described here is that here there were (i)
many, not just one loop, along the line-of-sight, (ii) the trigger seems to be the same as
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6 Multi-wavelength Observations of Oscillations in the Wake of a Flare Blast Wave

that which caused the TRACE oscillation, and (iii) there was a very short (4 min) period
Doppler oscillation that cannot be attributed to a slow mode standing wave. Also the
large scale of the oscillations suggests that the excitation site was in the corona rather
than at a loop footpoint.

In 1-D loops, a coronal trigger would excite the first harmonic and the expected
period is half the fundamental (i.e. 7 min) which is too short to explain the observed
oscillation. However, when a twisted loop erupts, Haynes et al. (2008) demonstrated
with simulations of a 3-D loop that the first harmonic of the slow mode rapidly relaxes
to a fundamental slow mode wave. Thus the large-scale 14 min oscillations could be
the fundamental slow mode triggered by a passing blast wave in the corona. The 4 min
oscillation could then be explained as the Doppler signature of the transverse kink os-
cillation in loops at the height of the SUMER slit. The 7 min TRACE oscillation was
seen at almost twice the height in the corona, and can therefore be explained as the fun-
damental kink mode in a loop with twice the length.

The re-analysis of the 16 April flare-CME event has revealed three important new
features of the plasma flows at the time of the flare and filament eruption, that had been
previously interpreted in the context of the CSHKP scenario. All three features indicate
that the observed high velocity Fe XIX Doppler shifts (> 250 km s−1, blue ones reaching
a maximum 600 km s−1) are caused by a blast wave rather than reconnection jets. The
features can be summarized as follows.

• Large red and blue Doppler shifts are seen at least 5 minutes ahead of the erupt-
ing filament. They lasted longer than 25 minutes, sometimes spreading over 70"
(50 000 km) along the SUMER slit. This is incompatible with reconnection jets
confined to a narrow region along the current sheet, behind the erupting loop
(Fig. 4.12).

• During the filament eruption, a Doppler shift oscillation of the Fe XIX line and an
intensity oscillation of 195 Å emission was seen spreading over a region at least
twice the size of the area crossed by the filament. Large-scale loop oscillations are
known to be excited by blast waves triggered during flares and CME eruptions.

• One of the outlying loops of the active region is seen to suddenly brighten and
twist simultaneously along its whole length as though it was hit by a passing
wave. The rapid transverse motion of its apex could be also a result of a blast
wave interaction with the loop, as in the case of kink oscillations (Hudson &
Warmuth 2004).
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7 Outlook

In the presented work, we have studied large scale coronal waves seen in TRACE EUV
images and their connection to the loop oscillations excited in their wakes. The oscil-
lations have mostly been seen with the SUMER spectrometer in the Doppler shift of
the flare line Fe XIX 1118.05 Å with the formation temperature above 10 MK. Large
Doppler shifts (greater than 500 km s−1) and large-scale Doppler-shift oscillations with
periods 3-20 min were found.
Until now, the understanding of the observed events has been often blurred due to the
restricted capabilities of the past and present missions. The possibilities which rise with
the new missions will help overcome the difficulties related to the data interpretation.
STEREO (The Solar Terrestrial Relations Observatory, Kaiser et al. (2008)) is designed
to study the three-dimensional evolution of solar eruptions. It consists of two identical
spacecrafts orbiting the Sun at nearly 1 AU, with one ahead (STEREO A) and one be-
hind (STEREO B) the Earth near the ecliptic plane. STEREO-EUVI imagers (Wuelser
et al. 2004) cover the same emission lines as TRACE 171 Å(1 MK), 195 Å(1.5 MK),
284 Å(2 MK) and 304 Å(0.08 MK).

The AIA (Atmospheric Imaging Assembly) imager onboard of SDO (Solar Dynam-
ics observatory, Rochus et al. (2002)), designed to help understand the influence of the
solar activity on Earth, will provide us with images of the solar atmosphere in 10 dif-
ferent wavelengths with a very high temporal (.10 s) and spatial (1") resolution. It will
help us understand the relationship between the solar activity and its drivers.

EIS/HINODE (EUV Imaging Spectrometer, Doschek et al. (2006)) spectroscopic
observations provide us with information about the line-of-sight velocity component,
which has proved helpful in identifying oscillations as well as flows barely seen in si-
multaneous EUV imaging data. Understanding of emission processes using SUMER
spectrometer have sometimes been complicated by contamination from blends. A care-
ful analysis of the line profiles is necessary in order to differentiate between actual shifts
and emission from blends. The EIS spectrometer observes simultaneously in two EUV
bands, 170-210 Å and 250-290 Å, covering a large number of emission lines from the
transition region, corona, and flares which will help understand the reasons of emissions
and dimmings in various lines, and thus give information on the heating and cooling
processes. Line profiles, Doppler shifts and Doppler widths, obtained from the EIS
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spectrometer will be analyzed using Wavelet analysis and used to identify waves and
oscillations in the corona.

The combination of the new observations from EIS/HINODE, EUVI/STEREO and
AIA/SDO offers an unprecedented view on processes in the corona, allowing a better
understanding of the geometry and timing, which is important in the attempt to trace the
origin of the studied eruptions.
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A Appendix

A.1 Notation

A.1.1 Quantities

symbol quantity units
A amplitude of a sound wave km s−1

Aul Einstein’s coefficient for spontaneous emission s−1

b impact parameter cm
B magnetic flux density, magnetic induction Gauss

1 G = 10−4 T
cA (5.2) Alfvén km s−1

ck (5.4) kink speed km s−1

cs (5.1) sound speed km s−1

cT (5.3) tube speed km s−1

E; E = |E| electric field vector; el. field strength NC−1

En excitation energy of the level n eV
Eu upper energy level eV
El lower energy level eV

1 eV = 1, 6 · 10−19J
fvdv (A.6) Maxwell velocity distribution
Fc conductive heat flux erg cm−2s−1

Fvisc viscous force density Nm−3

gff free-free Gaunt factor
gbf bound-free Gaunt factor
gl;gu statistical weight of excitation level l;u

number of degenerate sub-levels of the level l;u
gZ statistical weight of ionization state Z
g gravitational acceleration ms−2

G(T, λlu) (2.9) contribution function
G f f
ν free-free Gaunt factor
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symbol quantity units
G (A.20) Gauss distribution function
I radiance, intensity erg cm−2s−1

Ith theoretically predicted intensity erg cm−2s−1

Iobs observed intensity erg cm−2s−1

I(λlu) = Ilu spectral radiance, specific intensity erg cm−2s−1Å −1

1 Å = 10−10 m
In; Kn modified Bessel functions of order n
j electric current density
k = (kx, ky, kz) wave vector cm−1

k = |k| = 2π/λ wave number cm−1

L loop length Mm
n principal quantum number
nH harmonic number
N number of elements of the time series
N particle number density cm−3

Ne electron number density cm−3

NH proton number density cm−3

Nl(X+Z) lower level (l) population of the ion X+Z cm−3

Nu(X+Z) upper level (u) population of the ion X+Z cm−3

NZ;NZ+1 population of charge state Z; Z + 1 cm−3

pg (3.3) gas pressure erg cm−3

pm (3.4) magnetic pressure erg cm−3

P period min
Q heat erg
Qvisc viscous losses erg cm−3s−1

Qrad radiative loss function erg cm−3s−1

r position vector m
r0 = 1

4πε0

e2

mc2 classical electron radius 2.8 × 10−15m
s wavelet scale
{S(s,T )} time series
t time s
T dimensionless parameter related to time
T temperature K
Te electron temperature K
∆t time step of the observations s
v; v = |v| velocity; speed km s−1

v1 velocity perturbation km s−1

vph phase speed km s−1

V volume cm−3
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A.1 Notation

symbol quantity units
W(s,T ) wavelet coefficient
W work erg
EZ

n (A.14) ionization energy eV
Eul = Eu − El excitation energy eV
z distance along the loop or LOS cm
Z charge state
Z proton number
β (3.1) plasma β
ελ volume emissivity, emission coefficient erg cm−3

ζn incomplete fraction of a shell n
η (3.15) magnetic diffusivity, resistivity cm2s−1

κ thermal conductivity s−1

λ wavelength Å
Λ Coulomb logarithm
ΛB (A.13) de Broglie wavelength
µ magnetic permeability
ν frequency s−1

νc (3.17) frequency of Coulomb collisions s−1

νvisc kinematic viscosity cm2s−1

ω0 dimensionless parameter related to frequency
Θ = (B · k)/(|B| · |k|) angle between B0 and k rad
ρ mass density kgcm−3

σ (3.16) electric conductivity AV−1cm−1

σQ charge density Ccm−2

σν
b f photo-ionization cross-Section cm−2

σν
f b recombination cross-Section cm−2

σX+Z photo-ionization cross-Section of the ion X+Z cm−2

τ optical thickness
φ spectral distribution function
ω = 2πν circular frequency Hz
ωT (6.4) discrete circular frequency Hz
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A.1.2 Constants
symbol constant approx. value and units
c speed of light 2, 99 × 108 km s−1

e electron charge −1, 6 · 10−19 C
g0 gravitational acceleration 2.74 × 102ms−2

near the solar surface
h Planck constant 6.62610−41erg s
hlow (6.5) discrete low pass filter
kB Boltzmann constant 1.38 × 10−23ergK−1

me electron mass 9, 1 · 10−31 kg
r0 = 1

4πε0

e2

mc2 classical electron radius 2.8 × 10−15m
ε0 permittivity of vacuum, electric constant 8, 854 Fcm−1

µ0 permeability of free space 1
σT = (8/3)πr2

0 Thompson cross-Section 6.65 × 10−31cm2

Ψ(s, ωT ) scaled and translated mother wavelet
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A.2 Spectral Notation
Electron configuration

n lN (A.1)

n principal quantum number
l = 0, 1, 2, 3, 4, 5, ... orbital momentum

s, p, d, f , g, h, ...
s = 1/2 electron spin

Ionic state - Spin-orbital (L-S) coupling

2S +1LJ (A.2)

S =
∑

s = vector sum of all electron spins
2S + 1 = multiplicity = number of possible values of J
L =

∑
l = 0, 1, 2, 3, 4, 5, ... vector sum of all electron orbital angular momenta
S , P,D, F,G,H

J = L + S total angular momentum
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A.3 Line List

A.3.1 SUMER Range

Ion λ Levels u - l log T I
[Å] [erg cm−2 sr−1 s−1]

C I 1112.22 2s2 2p2 3P0 − 2s2 2p 1d 1D1 < 4
C I 1112.47 2s2 2p2 3P1 − 2s2 2p 1d 3D1 < 4
C I 1112.80 2s2 2p2 3P2 − 2s2 2p 1d 3D1 < 4
C I 1112.82 2s2 2p2 3P2 − 2s2 2p 1d 3F3 < 4
S III 1113.15
S III 1113.23 3s 3p 3P2 − 3s 3d 3D3 4.7
Si III 1113.1760 3s 3p 3P2 − 3s 3d 3D1 4.7 4.05e+02
Si III 1113.2061 3s 3p 3P2 − 3s 3d 3D2 4.7 5.84e+03
Si III 1113.2321 3s 3p 3P2 − 3s 3d 3D3 4.7 4.00e+04
C I 1114.00 2s2 2p2 3P1 − 2s2 2p 1d 1P1 < 4
C I 1114.39 < 4
C I 1114.64 < 4
C I 1114.86 < 4
C I 1115.17 < 4
C I 1115.21 < 4

Ca X 1115.53/2 3s 2S 1/2 − 3p 2P3/2 5.8 1.73e+02
C I 1117.20 < 4

Ne VII 1117.22/2 2s 2p 3P1 − 2p2 3P2 5.7 2.60e+02
Ne VI 1117.37/2 2s2 2p 2P1/2 − 2s 2p2 2D3/2 5.6 5.57e+03
C I 1117.58 < 4
C I 1117.86 < 4
P V 1117.9790 3s 2S 1/2 − 3p 2P3/2 5.1 2.77e+02

Fe XIX 1118.0575 2s2 2p4 3P2 − 2s2 2p4 3P1 7.0 3.62e+04
C I 1118.18 < 4
C I 1118.49 < 4
Si V 1118.81 2p5 3s 3P2 − 2p5 3s 3P2 5.5 1.01e+01
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A.3.2 TRACE Range
Ion λ Levels u - l log T I

[Å] [erg cm−2 sr−1 s−1]
Fe XXIV 192.0285 1s2 2s 2S 1/2 − 1s2 2p 2P3/2 7.2 1.21e+06

O V 192.7500 2s 2p 3P0 − 2s 3d 3D1 5.4 1.00e+03
O V 192.7970 2s 2p 3P1 − 2s 3d 3D2 5.4 2.01e+03
O V 192.7500 2s 2p 3P1 − 2s 3d 3D1 5.4 7.53e+02

Fe XII 195.1190 3s2 3p3 4S 3/2 − 3s2 3p2 (3P) 3d 4P5/2 6.2 1.07e+04
Fe XII 195.1790 3s2 3p3 2D3/2 − 3s2 3p2 (1D) 3d 2D3/2 6.2 7.40e+02
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A.4 Radiative Transfer
Equation of radiative transfer describes the change in specific intensity dIλ along a dis-
tance dz into a unit solid angle in a medium with opacity given by κλ measured in [cm−1]:

dIλ = −κλIλdz + ελdz [erg cm−2s−1ster−1], (A.3)

with a formal solution

Iν(τν) = Iν(0)e−τν +
∫ τν

0
S (τ′ν)e

−(τν−τ′ν) dτ′ν, (A.4)

where τν is a dimensionless parameter called optical thickness of the medium,

dτν = −κνdz, (A.5)

and S λ = ελ/κλ is the source function of the radiation field, which in LTE case equals
Planck function A.15.
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A.5 Local Thermodynamic Equilibrium

A.5 Local Thermodynamic Equilibrium
Under the LTE conditions, all particles have the shape of a Maxwellian distribution,
ionization is described with the Saha equation, excitation by Boltzmann equation, and
radiation is given by the Panck function.

A.5.1 Maxwellian Distribution
Velocity distribution function of electrons and ions in a thermal plasma is:

fv(v) dv =

√
2
π

(
m

kBT

)3/2
v2 exp

[
− mv2

2kBT

]
dv (A.6)

It is normalized, ∫ ∞
0

fv(v) dv = 1, (A.7)

with a distribution parameter:
a =
√

kBT/m (A.8)

The most probable value vp is the maximum value in curves in Fig. A.1, i.e. the solution
of d fv/dv = 0:

vp =
√

2kBT/m (A.9)

Mean value:
< v >=

∫ ∞
0

fvvdv = 2
√

2kBT/πm (A.10)

Figure A.1: Maxwellian electron distribution for 2 different temperatures.
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A.5.2 Boltzmann equation
Under the assumption of LTE, the population density of a state u with a statistical weight
gu and energy levels Eu is given by Boltzmann equation:

Nu

N
=

gu exp
[
−

(Eu)
kBT

]∑
gn exp[−En/kBT ]

. (A.11)

The sum in the expression of partition function
∑

gn exp[−En/kBT ] goes over all possi-
ble excitation states of the ion.

A.5.3 Saha Ionization Equation
Degree of ionization of plasma in local thermodynamic equilibrium (LTE) is a function
of electron temperature and density and ionization energies of the atoms it contents:

NZ+1Ne

NZ
=

2
Λ3

∑
gn,Z+1exp[−En/kBT ]∑
gn,Zexp[−En/kBT ]

exp
[
−

(XZ+1 − XZ)
kBT

]
, (A.12)

where Λ is the thermal de Broglie wavelength of an electron

Λ
def
=

√
h2

2πmekBT
(A.13)

Ionization energy XZ is the minimum energy required to remove an electron from
a neutral atom in its ground state (n = 1). Ionization energy of an atom in a state
characterized by the principal quantum number n is

EZ
n = −

Z2

n2 · 13.6 [eV]. (A.14)

A.5.4 Planck Function
Power emitted per unit area of emitting surface of a perfect black body, per unit solid
angle and frequency, or specific intensity isU(ν,T ): Under the assumption of LTE, ratio
of two excited states of an ion l and u with statistical weights gl, gu and energy levels El

and Eu is given by Boltzmann equation:

U(ν,T ) =
4π
c

I(ν,T ) =
8πhν3

c3

1

e
hν

kBT − 1
[erg cm−2ster−1Å −1], (A.15)

with the maximum power radiated in the wavelength given by Wien’s displacement
law:

λmax =
2.89 × 10−3

T
[m] (A.16)
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A.6 Fourier Transform
A Fourier transform of a signal represented by a time series S(T ) is its representation
in the frequency domain given by:

Ŝ(ω0) =

∞∑
−∞

S(T ) e−2πiTω0 . (A.17)

The series S(T ) can be reconstructed by the inverse transform:

S(T ) =

∞∑
−∞

Ŝ(ω0) e2πiTω0 dω0. (A.18)

A short-time Fourier transform (STFT) or windowed Fourier transform defined by
Gabor (1946) is:

S T FT (S{T , ω0}) =

∞∑
−∞

S(T )G(T ′ − T )e−iω0T
′

, (A.19)

where

G(T ′ − T ) =
1

σ
√

2π
e−

(T′−T )2

2σ2 , (A.20)

is a Gaussian window and σ is its standard deviation.
Convolution theorem states that the Fourier transform of a convolution of 2 functions

is a product of their respective Fourier transforms

FT (S ∗ Ψ∗) = FT (S) · FT (Ψ∗) (A.21)
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