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Abstract

Cool stars are known to exhibit weak to strong magnetic activity. Our nearest cool star, the
Sun, is a middle aged and moderately active star with a cyclic generation of its magnetic
field, which results in a 22 year magnetic cycle and a 11 year activity cycle. The physical
process behind the solar cycles is called the dynamo. The aim of this thesis is to investigate
the magnetic and activity cycles in cool stars over a range of stellar parameters, and to under-
stand the dynamo mechanism and its dependence on basic stellar properties such as rotation
and mass. The relationship between magnetic geometry and activity cycle was investigated.
The large-scale magnetic field of three cool stars, HN Peg, 61 Cyg A and € Eridani is re-
constructed using Zeeman Doppler imaging (ZDI). These stars vary in mass, rotation and
age. The large-scale magnetic field of HN Peg is complex and highly variable, with a strong
toroidal component, which is not seen in the Sun. The magnetic geometry of 61 Cyg A is
strongly poloidal, which is a simple dipole during minimum activity and more complex dur-
ing maximum activity, similar to the solar case. The large-scale field also flips polarity from
one minimum to the next, indicating a solar-like magnetic cycle. This is the first detection
of a solar-like magnetic cycle in any cool star other than the Sun. € Eridani shows a non ax-
isymmetric complex magnetic field geometry during minimum chromospheric activity, with
both poloidal and toroidal components. The toroidal percentage increases gradually in time,
which is different from our Sun’s axisymmetric poloidal dipolar magnetic geometry at ac-
tivity minimum. Magnetic proxies such as chromospheric activity were also used to provide
information on the activity cycles in cool stars, although they do not provide information
about the magnetic field geometry evolution or the magnetic cycle of the star. A cool star
chromospheric activity catalogue of Ca Il H and K activity was developed. For the entire cool
star range, we use a recently developed calibration to obtain accurate log R}y, measurements,
the physical representation of chromospheric activity. For stars with long-term observations,
the activity cycle periods were determined, using a period search algorithm, and their de-
pendence on stellar rotation was investigated. For slowly rotating stars the chromospheric
activity cycle periods show a possible dependence on rotation. This dependence has pre-
viously been shown and called the ‘Inactive’ branch of stellar cycles. On the other hand,
and in contrast to previous work, we show that rapidly rotating stars exhibit a more random
distribution on the cycle period-rotation plane, indicating an ‘Active’ region rather than an
"Active’ branch. Furthermore, rapidly rotating stars also show the presence of multiple cy-
cles. The multiple cycles might be caused by their complex magnetic field geometry, which
can be completely different from the solar case. This thesis shows that cool stars exhibit a
range of magnetic geometry variations during their activity cycle, which does not necessarily
have to be solar-like. This result is important for understanding the dynamo processes acting
in cool stars including our own Sun.
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1.1. Cool stars

A cool star is a low mass star with an convective outer envelope, which lies on the lower
part of the main sequence (as shown in Fig. 1.1). The main sequence is the evolutionary
stage where a star has a hydrogen burning core and is under hydrostatic equilibrium. Cool
main sequence dwarfs have masses < 1.5 M, and effective temperatures < 7500 K (please
refer to Boehm-Vitense (1989) for more details). Cool stars are also known as cool dwarfs
and they belong to spectral types F, G, K and M. The inner core of a cool star can be either,
radiative or fully convective, as shown in Fig. 1.2. Cool F, G, K and early M dwarfs consist
of an inner radiative core and an outer convective zone, whereas mid to late M dwarfs are
fully convective. One prominent example of a cool star is our own Sun (spectral type G2
V, where V stands for dwarf). Cool stars harbour strong to weak magnetic fields, which are
responsible for their observed surface activity phenomena ( detailed review on cool stars’
magnetic fields can be found in Reiners (2012)).
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Figure 1.1.: HR diagram of stars, where the cool stars are circled in red on the main se-
quence. The effective temperature is shown on the x-axis and the luminosity is shown on the
y-axis. Credit: ESO.

Decreasing mass

-
. )
O Convection Zone ,\ o
g Radiation Zone O

F, G, Kand early M Mid to late M

Figure 1.2.: Internal structure of cool main sequence stars. Credit: sun.org.

1.2. Our Sun

Our nearest cool star, the Sun, is a moderately active star. Its proximity to Earth makes it the
most studied cool dwarf. Multiple observational campaigns, using both ground based and
space based instruments ! , have been carried out in different wavelengths to capture the full
complexity of the solar magnetic field. Solar observations have revealed that the magnetic
field manifests itself in different forms at different heights of the solar atmosphere. The solar

!Ground based observatories such as WSO (http://wso.stanford.edu) and space based instruments
such as SOHO (https://sohowww.nascom.nasa.gov), SDO (http://sdo.gsfc.nasa.gov), STEREO
(https://stereo.gsfc.nasa.gov/).


http://wso.stanford.edu
https://sohowww.nascom.nasa.gov
http://sdo.gsfc.nasa.gov
https://stereo.gsfc.nasa.gov/

1.2. Our Sun

atmosphere can be divided into three main layers: the photosphere, the chromosphere and
the corona, as shown in Fig. 1.3.

Convective zone, photosphere

Dark spots

Radiative chromosphere
zone

corona
Inner core

Figure 1.3.: Cartoon of a cool main sequence star similar to the Sun, where three main layers
of the atmosphere are shown: the photosphere, the chromosphere and the corona.

Photosphere The photosphere is the lower part of the solar atmosphere. At the photo-
sphere, the solar magnetic field manifests itself in the form of sunspots (dark spots) and
faculae (bright spots), out of which sunspots are the most easily detected features of the so-
lar magnetic field. The first detection of a magnetic field in sunspots was carried out in the
early twentieth century by Hale (1908). Figure 1.4 (a) shows an image of the solar photo-
sphere with sunspots and faculae. The corresponding magnetogram (taken from MDI/SOHO
archive) in Fig. 1.4 (b) shows the distribution of the solar magnetic field on the same day.
Direct observations of the photospheric magnetic field have been carried out over the past
few decades using both ground and space based instruments (see Solanki et al. (2006) for a
detailed review on solar magnetic activity), providing valuable information about magnetic
field generation in the Sun.

Chromosphere The region of the solar atmosphere that lies above the photosphere is called
the chromosphere. At the chromosphere the density of the plasma is thinner than the pho-
tosphere, but the temperature increases abruptly. The temperature rise in the chromosphere
is attributed to the solar magnetic field (for more details please refer to Section 2.4.1 in this
thesis). The magnetic activity of the chromosphere results in emission of the line cores of
certain chromospheric lines. The connection between the solar magnetic field and chro-
mospheric activity was first detected by Schrijver et al. (1989). Since then observations of
chromospheric activity have been used as an indirect proxy of magnetic activity for the Sun
and other cool stars (Baliunas et al., 1995, Duncan et al., 1991).

Corona The solar corona is also heated by the magnetic field lines. The coronal magnetic
fields are responsible for the release of highly energetic particles in the form of prominences,
flares, coronal mass ejections and solar winds. The high-energy particles released by the Sun
react with the magnetosphere of the Earth and produce the northern and southern lights. The
correlation between coronal activity and magnetic flux of cool stars including the Sun was
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detected by Pevtsov et al. (2003). The coronal activity of the Sun and other cool stars can be
observed in X-ray wavelengths, which provides an indirect detection of the magnetic fields.

2000/03/20 17:36

(a) (b)

Figure 1.4.: (a) Sunspots (dark spots) and faculae (bright spots) on the solar surface. (b)
Magnetogram of the Sun showing the bipolar magnetic regions on the surface. The two
colours represent two different polarities of the field: one towards the observer and the other
opposite. Both images were taken using the MDI instrument aboard SOHO. Credit: SOHO/-
NASA

1.3. The 11 year solar cycle

The solar magnetic field undergoes cyclic variations, first detected in the form of the sunspot
cycle by Schwabe (1844). Although individual sunspots have a lifetime ranging from a few
days to weeks, the total number of sunspots vary periodically with a period of 11 years.
The appearance of sunspots over the solar cycle is limited to a certain latitude range. As
the cycle progresses the sunspots on both hemisphere migrate towards the equator. Long-
term observations of the sunspot cycle has shown that the appearance of sunspots results
in a characteristics “Butterfly” shape, which is known as the Butterfly diagram of the Sun
(Maunder, 1904), as shown in Fig. 1.5.

The chromospheric and coronal activity of the Sun also undergo cyclic variations, which
exhibit strong correlation with the sunspot cycle. Figure 1.6 shows the chromospheric cycle
of the Sun (Baliunas et al., 1995) where the chromospheric activity index S-index shows
cyclic variations over similar to the sunspot cycle. The S-index provides a measurement of
the emission in the line cores of Ca II H and K lines normalised to the nearby continuum
(Section 2.4.1 provides detailed description about the S-index). Observations of the Sun
in soft X-rays have shown that the coronal activity of the Sun also varies in sync with the
sunspot cycle (Orlando et al., 2001).
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Figure 1.5.: The sunspot butterfly diagram with data taken from 1874 onward. Credit: David
Hathaway, NASA Marshall space flight center.

0.24
0.22
0.20
0.18
0.16

Figure 1.6.: Chromospheric activity (S-index) cycle of the Sun taken from Baliunas et al.
(1995). The x-axis shows years of observations and the y-axis is the S-index. ©AAS. Re-
produced with permission.

1.4. The 22 year solar magnetic cycle

Synoptic magnetic maps of the Sun, taken over 30 years, have shown that the global radial
magnetic field of the Sun also changes cyclically which is the magnetic cycle of the Sun.
The magnetic cycle of the Sun has a 2:1 ratio with its sunspot and activity cycle. During
minimum activity when the number of sunspots is low, the magnetic field of the Sun is
dipolar and concentrated at the polar regions. As the cycle progresses towards maximum
activity the complexity of the radial field increases. The increased field complexity is caused
by the appearance of bipolar magnetic regions on both hemispheres, as shown in Fig. 1.7.
The bipolar regions appear with one polarity tilted towards the equator and the other towards
the pole. The leading polarity of bipolar regions in the northern hemisphere is opposite in
sign to the ones in the southern hemisphere. The opposite polarities cancel near the equator
as the cycle progresses. The trailing polarity is transported by meridional flows to the poles,
where they dominate over the existing opposite polarity magnetic field. This results in a
change in polarity of the polar field at the next minimum of activity. It takes 22 years for the
polar magnetic fields to revert back to the original polarity, resulting in a 22 year magnetic
cycle.

1.5. The solar dynamo

The physical process behind the cyclic generation of the solar magnetic field is called the
solar dynamo. The dynamo is believed to exist in an interface layer between the radiative
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Hathaway NASA ARC 2015/011

Figure 1.7.: The magnetic butterfly diagram which shows the evolution of the solar radial
magnetic field. Credit: David Hathaway, NASA Marshall space flight center.

core and convection zone of the Sun known as the tachocline. The magnetic field of the Sun,
generated by the dynamo, is responsible for the occurrence of the magnetic cycle. According
to dynamo theory, the solar magnetic field consists of a toroidal and poloidal component
which alternates as a function of time, resulting in the solar magnetic cycle. The poloidal
to toroidal field conversion is caused by the differential rotation of the Sun (€ effect). The
twisting of toroidal field to poloidal field is caused by the convective motions of the Sun (&
effect). The o effect is also linked to the rotation of the star. In one of the most widely
used dynamo theory, the mean-field dynamo theory, the o and Q effect are the two key
mechanisms driving the solar dynamo (Krause & Raedler, 1980). Figure 1.5 shows the
conversion of poloidal to toroidal and toroidal to poloidal in a mean-field Q2 dynamo.

In recent years it has been also considered, that the & and Q effect may not be the only
key dynamo mechanism. Solar cycle observations have shown that the decay of magnetic
regions during a magnetic cycle can trigger polarity reversals (Wang et al., 1989). This has
triggered the resurgence of the Babcock-Leighton dynamo model, which was first suggested
by Babcock (1961) and further developed by Leighton (1964, 1969). In this model, active
regions are considered an essential ingredient for the dynamo process. However, there is
still no general scientific consensus whether active regions play a direct role or if they are
just by products of the dynamo process. Despite the tremendous advances made in dynamo
theory over the past few decades, we still lack a uniform model that successfully reproduces
all features of solar and stellar magnetic field observations.

The dynamo process in cool stars other than the Sun is poorly understood when compared
to the solar dynamo. It is assumed that cool stars with a radiative core and a convective enve-
lope can sustain a dynamo operating from the tachocline. But fully convective cool stars lack
an interface layer to support a solar type a2 dynamo. Observations of cool stars show that
they might harbour a distributed dynamo that does not require a tachocline to operate (Donati
& Collier Cameron, 1997). Such strong azimuthal component is not seen in the case of the
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Q-effect

Figure 1.8.: Cartoon of the o and Q effect of the solar dynamo. Credit: E. Forgdcs Dajka.

Sun. Theoretical models of Brown et al. (2010) shows that a dynamo distributed throughout
the convection zone can operate in rapidly rotating cool stars, producing azimuthal magnetic
fields.

1.6. Cool star magnetism

Solar observations over multiple decades have provided much needed constraints for dynamo
theory. On the downside, only one star as a reference is not enough to understand the full
complexity of solar and stellar magnetism. Complementary stellar observations over a wide
range of parameter can provide valuable information that will improve our knowledge of the
physical processes behind magnetic activity in cool stars like the Sun. Apart from dynamo
theory, a detailed understanding of magnetic field generation is also necessary for planet
detection and habitability studies. During the course of the Sun’s cycle, highly energetic
events such as strong stellar winds and flares interact with the magnetosphere of the Earth.
This interaction is usually harmless and can be seen in the form of northern and southern
lights. However, strong eruptive events can cause failures of the orbiting satellites, causing
communication disruptions and power blackouts on Earth. The early Sun’s strong magnetic
field might also have been responsible for the loss of liquid water on Mars’ atmosphere
(Lundin et al., 2007).

Cool stars are point sources, and they lack the spatial and temporal resolution of the Sun.
Under such conditions, we cannot directly observe individual magnetic features such as spots
and plages but only observe integrated light from the visible stellar disk. Magnetic activity in
cool stars is observed in the form of chromospheric emission of certain spectral lines (Baliu-
nas et al., 1995, Duncan et al., 1991, Wilson, 1978) (as shown in Fig. 1.9), coronal emission
in X ray observations (Giidel, 2004, Pevtsov et al., 2003) and photometric variability (Basri
et al., 2013). Direct detection of magnetic fields in cool stars depends on the Zeeman effect
on both polarised (Semel, 1989) and unpolarised (Reiners & Basri, 2006, Robinson, 1980,
Saar, 1996) spectral lines. These different techniques of field detection probe different as-
pects of stellar magnetic fields. No technique alone can unravel the full complexity of stellar
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Figure 1.9.: Chromospheric Ca II H and K lines for an active sun-like star, where the emis-
sion in the K and H lines are shown.

magnetism. By combining these different techniques, more detailed information on stellar
magnetic fields can be obtained.

1.6.1. Stellar activity cycles

Chromospheric activity is the most widely used proxy of magnetic activity. The first direct
relation between chromopsheric emission and the solar magnetic field was determined by
Schrijver et al. (1989). For cool stars, the long-term Mount Wilson program is arguably the
most famous monitoring program of chromospheric activity. Almost half a century’s worth
of observations made during this project resulted in the first sun-like activity cycles in other
stars (Baliunas et al., 1995). Based on these observations Baliunas et al. (1995) reported that
solar-type cool stars tend to exhibit different levels of cyclic/non-cyclic activity variations
which is probably governed by their stellar properties. Cyclic variations of coronal activity,
on the other hand, is not as widely monitored as its chromospheric counterpart. Since the
first statistical evidence of coronal activity (Hempelmann et al., 1996), coronal cycles have
been detected in X-ray observations for a few cool stars in the past decade (Favata et al.,
2008, Robrade et al., 2012, Sanz-Forcada et al., 2013).

With the detection of chromospheric activity cycles in cool stars numerous authors also
investigated the relationship between cycle periods and stellar rotation (Baliunas et al., 1985,
Brandenburg et al., 1998, Noyes et al., 1984b, Saar & Brandenburg, 1999). The key moti-
vation behind carrying out such studies was to investigate the relationship between activity
cycle and rotation. For old stars with cyclic chromospheric activity, Noyes et al. (1984b)
reported a possible correlation between activity cycle period P, and Rossby number Ro,
where Ro is the ratio of the rotation period to the convective overturn time (P /7). Sur-
prisingly Baliunas et al. (1985) did not find any correlation between activity cycle period
Py¢, rotation period P, Rossby number Ro and other stellar properties. The Mount Wilson
sample was re-investigated by Brandenburg et al. (1998), where they used the ratio of ac-
tivity cycle and rotation frequencies (@cyc /Q =P/ Pyc) instead of Py and defined Ro as
1/2Q7 = Py /47mt. The motivation behind using @/ is that in mean field dynamo theory
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Figure 1.10.: Plot showing the Active (A) and Inactive (I) branch classification of chromo-
spheric activity cycle periods, taken from Saar & Brandenburg (1999). Both x and y axis are
in logarithmic scale. The x-axis plots the inverse Rossby number which represents stellar
rotation. The y-axis is @./Q which is equivalent to rotation period/activity cycle period.
The open symbols are inactive stars with low chromospheric activity (logR}y;x > —4.75) and
the filled symbols are active stars. The different symbols represent different spectral types
(F, G, K). ©AAS. Reproduced with permission.

the ratio is proportional to the ¢ effect. One of the most noteworthy results of Brandenburg
et al. (1998) was the increase of o with magnetic activity. Brandenburg et al. (1998) also
reported the presence of two distinct branches of stars separated in @y./€2. The presence of
these two separate branches was first reported by Saar & Baliunas (1992) where they clas-
sified the two branches as Active (young) and Inactive (old) branch, further reconfirmed by
Saar & Brandenburg (1999) as shown in Fig. 1.10.

The Rossby number is inversely proportional to the convective overturn time T, (Roe<
Tlc). However, the 7, used in previous work is empirically determined and is a function of
B —V colour. It is also heavily dependent on the model used to calculate it. Additionally,
7. might have a dependence on other stellar properties such as metallicity or age (Landin
et al., 2010), which have not been fully explored. Hence, to investigate the activity cycle
period-rotation relation independently, Bohm-Vitense (2007) investigated cycle periods as a
function of rotation periods. The author also report the presence of the Inactive and Active
branch as shown in Fig. 1.11, with the Sun in the middle of the two branches.



1. Introduction

25 III‘II\\II\\l\\‘f\‘[f\‘r\\‘r\‘|r\||r\|l[||f{l|fll
i A ]
/
/
x 4
20_ / T
, ]
r /
o X
o 191 ! x
A 8 / "
© e "g x sun /’
% F ! m} % */BK
L l . _
5\ 10 Hx FEAN _*'/ |
O | / ’/.’BK*
: ! L
/ e
| ;R e
5| , A.- |
r / A_/'A
/ ﬂg(/
0 10 20 30 40 o0

p(rotation) [days]

Figure 1.11.: Chromospheric activity cycles as a function of rotation period, taken from
Bohm-Vitense (2007).©AAS. Reproduced with permission.

1.6.2. Stellar magnetic cycles

As previously mentioned, chromospheric activity is an indirect proxy of magnetic activity.
As a result of which the activity cycles determined from the Mount Wilson project and any
other subsequent long-term chromospheric activity monitoring provides indirect information
about the star’s dynamo operated magnetic cycle. Information about the large-scale magnetic
field and the resulting magnetic cycle of cool stars can be obtained by using Zeeman Doppler
imaging (ZDI) (Brown et al., 1991, Donati et al., 1997, Semel, 1989) on spectropolarimetric
observations (see Section 2.3.2 for a detailed description of the ZDI technique). ZDI is
a tomographic technique that reconstructs the large-scale surface magnetic field geometry
of stars using circularly polarised spectra. The magnetic cycle is determined from polarity
reversals of the large-scale field of the star, which indicates the presence of a magnetic cycle.

Magnetic cycle in cool stars other than the Sun was first detected for the F star T Boo
(Fares et al., 2009, Mengel et al., 2016), where the large-scale geometry flipped polarity on a
yearly basis resulting in a magnetic cycle which is shorter than 2 years. Mengel et al. (2016)
also reports that the magnetic cycle of 7 Boo has a 3:1 relation with the activity cycle of the
star. A magnetic cycle was also detected for the GO dwarf HD 78366 (Morgenthaler et al.,
2011), where the radial component of the magnetic field reverses polarity indicating a pos-
sible 3-year cycle. Polarity reversals were observed in the large-scale field of the G2 dwarf
HD 190771 (Morgenthaler et al., 2011, Petit et al., 2009). However, the variability of the
large-scale field of HD 190771 is more complex. The polarity reversal in the azimuthal field
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reported by Petit et al. (2009) is not detected in subsequent epochs. Instead, a polarity rever-
sal is reported in the radial component of the magnetic field in the following epochs as shown
by Morgenthaler et al. (2011). Polarity reversals of the large-scale field have been detected
only for a few cool stars, out of which none exhibit a magnetic/activity cycle relationship
similar to the solar case.

1.7. Motivation

The motivation behind this thesis is to investigate magnetic and activity cycles in cool stars
belonging to a wide range of stellar properties. Observations of magnetic and activity cycles
in cool stars can provide valuable information about the stellar dynamo and its dependence
on basic stellar properties such as rotation. In this thesis, the magnetic and activity cycle
of cool stars are investigated using both spectropolarimetric and spectroscopic observations.
Detailed investigation of cool stellar magnetic field geometry is carried out for three stars,
HN Peg, 61 Cyg A and € Eridani. HN Peg is a young G dwarf (rotation period of 4.6 days),
61 Cyg A is an older K dwarf (rotation period of 35.7 days) > and & Eridani is a young
K dwarf (rotation period of 11.68 days) 3. The magnetic field geometry was reconstructed
using ZDI on long-term spectropolarimetric observations, and the chromospheric activity
variations were determined from three chromospheric tracers namely, Ca Il H & K, Ho
and the Ca II infrared triplet. The relation between chromospheric activity cycle period and
rotation was also investigated for a wide range of F,G,K stars, which are part of the Gotttingen
chromospheric activity catalogue 4. The catalogue was developed by Sudeshna Boro Saikia
in collaboration with another PhD student Christopher J. Marvin.

The thesis is structured into the following sections. Chapter 2 describes the methodology
of stellar magnetic field detection including the magnetic field geometry reconstruction using
ZDI. Chapter 3 describes the spectropolarimetric observations and magnetic field geometry
reconstructions of HN Peg, followed by the results of 61 Cyg A in Chapter 4 °. Chapter
5 discusses the Gottingen chromospheric activity catalogue and the cycle period-rotation
relation for F,G,K stars ©. Chapter 6 describes the magnetic geometry evolution of Epsilon
Eridani at its chromospheric activity minimum. Finally, Chapter 7 summarises the results
and their implication on current stellar magnetic field research and outlook for the future.

I'The spectropolarimetric and spectroscopic data of 61 Cyg A and HN Peg were obtained as part of the
international BCool collaboration. http://bcool.ast.obs-mip.fr/Bcool/Bcool___cool_magnetic_
stars.html

2 An article containing the results of & Eridani will be submitted to the jorunal MNRAS in November 2016

>The chromospheric database included in this thesis was carried out as a collaborative work between
Sudeshna Boro Saikia and Christopher J. Marvin. More details in Chapter 5

4Both Chapters 3 and Chapter 4 were published in the peer-reviewed journal Astronomy & Astrophysics,
Boro Saikia et al. (2015), Boro Saikia et al. (2016a)

SChapter 5 has been submitted to Astronomy & Astrophysics (Boro Saikia et al., 2016b)
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The presence of magnetic fields in cool stars can be detected by observing the Zeeman ef-
fect in spectral lines or by using indirect proxies of magnetic activity. To determine the
large-scale magnetic geometry of cool stars, observations of the Zeeman effect in polarised
spectra is required. High-resolution spectropolarimeters (a polarimetric unit coupled with a
spectrograph) are necessary to detect the faint Zeeman signatures in polarised spectral lines.
ZDI is used to reconstruct the large-scale magnetic field geometry of stars, which requires
high-resolution circularly polarised spectra sampled over the rotational cycle of the star. ZDI
reconstructions of cool stars have been possible only recently with the development of high-
resolution spectropolarimeters such as NARVAL, ESPaDOnS and HARPS-pol. On the other
hand, indirect proxies, such as chromospheric activity, can be determined from the emis-
sion of certain chromospheric spectral lines. Details about stellar magnetic field detection,
including ZDI reconstructions and indirect proxies, can be found below.
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2.1. Mechanisms for magnetic field detection

2.1.1. Zeeman effect

When electrons in an atom or a molecule transition from one energy level to another it results
in emission or absorption of photons. In the presence of a magnetic field the energy levels are
split into different components, detected as split in the emission or absorption line, resulting
in the Zeeman effect (Zeeman, 1897). This splitting of the energy levels is dependent on the
spin (S) and orbital (L) momentum of the electron together with the magnetic moment of the
field.

In classical theory, the Zeeman effect can be simply explained by the Lorentz triplet as
shown in Fig 2.1. Although splitting of a spectral line into a triplet is most commonly ac-
cepted as the normal Zeeman effect, we now know that it is not the general case. Under
normal circumstances the splitting is more complicated with multiple lines, which is now
known as the anomalous Zeeman effect. The normal Zeeman effect comes into play when
the electron spin affect is absent, which can be seen in the case of singlets (a more detailed
overview on the Zeeman effect can be obtained from Condon & Shortley (1963)).

In the presence of an applied magnetic field the Hamiltonian of an atom is described by
the unperturbed Hamiltonian Hy and the magnetic Hamiltonian Hp (Condon & Shortley,
1963, Landi Degl’Innocenti & Landolfi, 2004). For stars Hp can be expressed without the
diamagnetic term as shown in equation 2.1. The diamagnetic term is negligible for the weak
magnetic fields in stars.

Hp = to(L+25).B 2.1)

where iy is the Bohr magnetron, L and S are the orbital and spin angular momenta of the
atom, and B is the weak field applied to the atom. For weak fields, the magnetic energy is
comparatively smaller than the spacing between the energy levels. In such cases the total
spin and orbital momenta of the atom can be considered to be a summation of the individual
spin and orbital momenta of the electrons. As a result of which the total angular momentum
(J) is described as J=L+S (also known as LS coupling). When such a weak magnetic field
is applied, each energy level with an unperturbed total angular momentum of J, splits into
2J+1 states. The change in energies is given by,

AE = L1ogBM (2.2)

where AE = Ey — E; (Ey is the final and E; is the initial energy), M is the magnetic quantum
number that ranges from -J < M < J, and g is the dimensionless Landé factor. The Landé
factor describes the magnetic moment of the electron and is dependent on its orbital and spin
momentum. Under the conditions of LS coupling, which is applicable for lightweight atoms,
g can be expressed as,

3 S(S+1)—L(L+1)

S =35+ =550+ D

(2.3)
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Figure 2.1.: Zeeman effect where splitting of a line into three components (7, Gy, Opjue) 18
shown.

The splitting of spectral line into multiple lines is determined by the Landé factor g. In the
case of a simple dipole transition between two energy levels E; and Ey obeys the selection
rule AM = 0,1 (AM = My — M;) and results in the formation of three groups of lines. The
lines formed due to AM = 0 are called the © components and the group of lines formed
due to AM = +1 are called the 6 components (GCred, Oblue)- The T components are formed
around the unperturbed line and the o components are formed symmetrically on either side
of the unperturbed line as shown in Fig 2.1. The & and ¢ groups usually consists of several
components but for the normal Zeeman effect only three components are formed resulting
in a triplet. The triplet is formed when both energy states E; and Er have g equal to unity
(gi=gr=1). In fact as long as the Land€ factor is equal between the two energy states the
resulting split will consist of a triplet. The triplet is also formed for cases where J=0 for one
of the energy levels. The shift in the two ¢ components are always equal and it depends on
the Landé factor and the strength of the external magnetic field B.

The shift of a ¢ component can also be expressed in terms of wavelengths as shown by
equation 2.4, which is used for magnetic field measurements in stars. Under such circum-
stances the wavelength shift is a function of the initial unperturbed wavelength.

AA(nm) = 4.67 x 10~ 2gA¢B (2.4)

where Ay is the unperturbed wavelength in nm, B is the field strength in Gauss, and g is the
effective Landé factor. The effective Landé factor (g) is a special term to characterise the
average shift of the ¢ components with respect to the unperturbed line center in the presence
of a magnetic field. g can be expressed in terms of the Landé€ factor of the initial and final
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energy levels g; and gy as shown,

1 1
g==(gitgr)+-(gi—gr)i—=Jp)(Ji+Jp+1) (2.5)

2 4
where g; and g are the Landé€ factors, and J; and J; are the angular momenta of the initial
and final energy levels.

Zeeman effect in unpolarised spectra

Cool star magnetic fields are generally in the order of a few kG, which is extremely difficult
to detect in optical wavelengths using unpolarised spectroscopy. For example, in the case
of Na D lines in a 1 kG field the splitting caused at Ay = 500 nm is roughly 0.001 nm or
less than 1 kms~! in velocity space. Such small displacement are beyond the detection limit
of current astronomical instrumentation. But equation 2.4 tells us that, for the same B and
effective Landé factor g, AA is directly proportional to Ay. As a result of which if we go to
longer wavelengths such as the infra-red, the displacement gets bigger and easier to detect.
Additionally, in the absence of any splitting the broadening of spectral lines can be also
used to measure the field strength. However, care should be taken as the broadening due to
Zeeman effect can be masked by other effects such as rotation.

Broadening due to the Zeeman effect can be determined from spectral lines that are highly
sensitive to the magnetic field, providing measurements of the average field intensities (Saar,
1988). On the other hand if we go to the infrared or near infrared wavelength, weaker field
strengths in cool stars specially M dwarfs can be easily determined. M dwarfs have more
flux in longer wavelengths as a result of which not only average field intensities but Zeeman
splitting can also be directly determined for some stars (Saar & Linsky, 1985). However,
when it comes to F, G, K stars this technique is not as effective as their magnetic field can be
much weaker than M dwarfs.

2.1.2. Polarisation of light and the Stokes parameters

Zeeman effect can also be detected as polarised signatures in spectral lines. One advan-
tage of investigating the polarised signatures of spectral lines is the detection of weaker
field strengths, as fields as weak as a few G can be detected. Another advantage is that by
analysing the polarisation state of spectral lines information can also be gained on the orien-
tation of the magnetic field (Donati & Landstreet, 2009, Landi Degl’Innocenti & Landolfi,
2004).

In the presence of an external magnetic field, the three components 7T, Opeq, and Opjye
exhibit their own specific polarisation states as shown in Fig 2.2. Depending on the angle be-
tween the line-of-sight and the magnetic field vector, the observed polarisation state changes.
The linearly polarised 7 component is visible only if the line-of-sight is perpendicular to the
magnetic field vector as shown in Fig 2.2. If the magnetic field is in the same direction as
the line-of-sight then the 7 component is non existent in that direction. On the other hand
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Figure 2.2.: Polarisation states of the 7 and 6 components in the presence of a magnetic
field B. The colours used are same as Fig 2.1

the o components can be both linearly and circularly polarised depending on the orientation
of the observer with respect to the magnetic field vector. If the line-of-sight is perpendicular
to the magnetic field vector,the 6 components are linearly polarised and perpendicular to the
7 component as shown in Fig. 2.2. On the other hand, if the line-of-sight is in the same
direction as the magnetic field vector then the two ¢ components (Gy.4, Opjye) are circularly
polarised with opposite signs. The different polarisation states of the # and o components
can be characterised by using the Stokes parameters (Stokes, 1852).

Stokes parameters

The Stokes parameters are used to describe polarised stellar spectra and can be represented by
using Mueller calculus, where the four parameters are grouped into a column vector known
as Stokes vector. There are four Stokes parameters I,Q,U and V, where I represents the
intensity of the light and Q,U and V are the different polarisation states as shown in Fig 2.3.
Stokes Q is defined by subtracting two orthogonal linearly polarised beam. Stokes U also
represent linear polarisation but is shifted by 45° with respect to Q. Stokes V is the circular
polarisation state defined by subtracting a right and a left circularly polarised beam. The four
Stokes parameters can be determined experimentally but only Q,U and V are independent,
since I = Q% + U? + V2 for a perfectly polarised spectrum. Hence I can always be deduced
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from the other three parameters but the other three Stokes parameters cannot be deduced by
knowing I as it results in ambiguity in sign.

Stokes parameters provide a relatively straightforward technique to measure linear and
circular polarisation. However, in order to apply it to stellar magnetic fields certain key
points have to be considered. If our knowledge of the solar magnetic field applies to other
solar-type stars, then they will also exhibit group of spots with opposite polarity. In circularly
polarised Stokes V, the spots with opposite polarity will cancel each other resulting in no
magnetic field detection. Where as with linearly polarised Stokes Q and U, opposite polarity
spots perpendicular to each other will cancel. But in reality stars are rotating bodies with
complex magnetic field geometry. In spite of the cancellation effect in circularly polarised
spectra a “net" or large-scale magnetic field can be still measured.

Unpolarised light
/ Q
Linear (® = 0) Linear (® = 45) Circular (Right)
Linear (©=90) Linear (® = - 45) Circular (Left)

Figure 2.3.: Stokes parameters that represent the different polarisation states.
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Figure 2.4.: Solar spectrum taken using a Fourier Transform Spectrometer (FTS) at the Na-
tional solar Observatory, Kitt peak. The image is created to mimic an echelle spectrum with
complete coverage in the visual wavelength. Credit: N.A.Sharp, NOAO/NSO/Kitt Peak FT-
S/AURA/NSF

In the past decade, circularly polarised Stokes V observations have been very successful
in detecting cool star magnetic fields thanks to high-resolution spectropolarimeters such as
NARVAL, ESPaDOnS, HARPS-pol (description of a high-resolution spectropolarimeter can
be found in the next Section). A previous study of cool star magnetic fields using stellar
models (Piskunov & Kochukhov, 2002) has shown that linear polarisation (Stokes Q and U)
is extremely difficult to detect and requires very strong magnetic fields. Linear polarisation
signatures in stellar spectral lines are weaker than circular polarisation by at least a factor of
10. Apart from magnetic field measurements in all Stokes parameters for Ap and Bp stars by
Wade et al. (2000), all Stokes measurements have only been possible for a RS CVn star II Peg
Rosén et al. (2015). As a result of which only circularly polarised Stokes V is currently used
to measure magnetic fields in cool stars using techniques such as Zeeman Doppler Imaging
(ZDI) (Brown et al., 1991, Donati & Brown, 1997, Semel, 1989). Section 2.3.2 provides a
detailed description of the ZDI technique.

2.2. Instrumentation and data reduction

2.2.1. An astronomical spectrograph

Spectroscopy is used as a fundamental tool to detect stellar magnetic fields, stellar activ-
ity, exoplanets and to determine physical properties, chemical composition of astronomical
sources. It is the technique of dispersing light as a function of its wavelength into a spec-
trum. To record stellar spectrum a spectrograph has to be used. Figure 2.4 shows the solar
spectrum, where the image was created to mimic an echelle spectrum (brief description of
an echelle spectrograph can be found below) covering the full visible wavelength range. The
dark spaces in the spectrum are absorption lines.
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Astronomical spectrographs disperse light collected by a telescope onto a detector to
record the spectrum. They consist of at least four optical elements: a slit, a collimator, a
dispersing element and a detector. In case of an echelle spectrograph one extra optical ele-
ment known as a cross-disperser is added after the dispersing element. Figure 2.5 provides an
illustration of a basic slit spectrograph, where light collected by the telescope passes through
the different optical elements.

Dispersing
Telescope Slit Collimator element

I / Camera

——»

Detector

Figure 2.5.: Illustration showing the basic components of a spectrograph.

The slit of a spectrograph sits on the focal plane of the telescope, where the beam of
light from the telescope is passed. The diverging light beam from the slit passes through
a collimator (a mirror or a lens). The collimator is used to convert the diverging beam of
light into a parallel beam directed towards the disperser. The collimated beam of light is
dispersed by a diffraction grating or a prism. Grating spectrographs have a better angular
dispersion compared to prisms which makes them very attractive for optical spectroscopy.
The most widely used dispersing element in modern spectrographs is an echelle grating
(Bingham, 1979). The echelle grating is a diffraction grating operating at high angle of
diffraction and high diffraction orders. This allows the use of small number of grooves on
the grating. The higher orders is required to perform high-resolution spectroscopy. However,
one disadvantage of using higher orders is the overlap in wavelength. Echelle spectrographs
use of a cross-disperser to reduce this wavelength overlap. Either a prism or a grating can be
used as a cross-disperser. Once the dispersed beam leaves the echelle grating it is projected
onto a detector that produces the spectrum. Photographic plates were the detector of choice
before the arrival of electronic devices. The detector used in most modern astronomical
spectrographs is a CCD (charge-coupled device). The CCD consists of a 2D array of photon-
sensitive elements known as pixels. The photons collected by the pixels result in the release
of electrons, which are collected in a read-out device to record the spectrum (for detailed
description of astronomical spectrographs please refer to Massey & Hanson (2013)).

To detect Stokes V signatures in stellar spectral lines high resolution spectrographs equipped
with state of the art polarimeters are required. The basic principles of an astronomical po-
larimetric instrument is discussed below.
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2.2.2. Instrumentation to detect polarisation

A conventional polarimetric instrumental setup consists of a polariser and a retarder. A
polariser is an optical element which only allows linearly polarised light to pass by blocking
all other polarisation states of the emerging beam. For a simple single beam polariser, any
state of vibration orthogonal to the polariser’s axis is rejected. On the other hand a double-
beam polariser allows both orthogonally linear polarised wave to pass. An example of a
polariser is a birefringent crystal such a Wollaston prism. Fig 2.6 shows a Wollaston prism
that consists of two prisms (either calcite or quartz) joined together such that the optical
axis of the two prisms are orthogonal to each other. When the unpolarised beam of light is
orthogonally incident on the two optical axis, the birefringent nature of the prisms separates
the beam into two orthogonal linearly polarised states.

e 4+ 4 Stokes Q and U

““““ e L L
e !

Stokes /

Optical axis of the prism

Figure 2.6.: Figure showing the principles of a Wollaston prism.

A retarder is used to change the polarisation state of the emerging beam of light. Two of
the most commonly used retarders are half-wave and quarter-wave retarders. Quarter-wave
retarders are used to convert linear polarisation to circular polarisation and vice versa, where
as half-wave retarders are used to change the direction of vibration of the linearly polarised
beam. When a linearly polarised light is incident orthogonal to the optical axis of a bire-
fringent wave-plate, it introduces a phase delay between the two perpendicular components
of the linearly polarised beam. The phase delay between these two components depends on
the thickness of the wave-plate, the material used, the difference in refractive indices of the
material and the wavelength of the light. Fig 2.7 shows a half wave-plate which is made
of a birefringent crystal. The component of the polarised light parallel to the optical axis is
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2. Methods of field detection

Figure 2.7.: Half wave plate made of a birefringent crystal that transforms one linear polari-
sation state to another.

retarded relative to the perpendicular component. This results in a phase delay which is in
the order of half a wavelength, causing a change in direction of polarisation of the linearly
polarised beam.

The same principles described above are used in astronomical polarimeters. However,
to be able to detect polarised signatures in spectral lines high-resolution spectropolarimeters
covering a wide wavelength range are essential. Modern spectropolarimeters usually consists
of a polarimeter coupled with a high-resolution spectrograph. Fig 2.8 shows the layout of
the ESPaDOnS spectropolarimeter which consists of a retarder, a polariser and several other
optical elements. ESPaDOnS is a high-resolution echelle spectrograph with a polarimetric
unit. The polarimeter is installed at the Cassegrain module of the telescope and fibre-fed
to the spectrograph. Fresnel rhombs are used as retarders, where one quarter-wave retarder
is flanked by two half-wave retarders followed by a Wollaston prism. Linear or circularly
polarised spectra can be obtained by rotating the half-wave Fresnel rhombs with respect to
the quarter-wave rhomb and the Wollaston prism (Donati, 2003). When the polarimetric unit
is not required the Wollaston prism can be replaced by a wedged plate. Full spectropolarime-
try to obtain all Stokes parameters (Stokes I, U, V and Q) can also be performed using this
setup. The spectropolarimetric data used in this thesis is taken using the NARVAL spec-
tropolarimeter which is a twin of the ESPaDOnS spectropolarimeter. A list of current and
upcoming high-resolution spectropolarimeters can be found in Table 2.1.
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2.2. Instrumentation and data reduction

Table 2.1.: List of current and upcoming high-resolution spectropolarimeters

Spectropolarimeter Resolution Wavelength coverage (in nm) status

NARVAL 65000 350 to 1000 current
ESPaDOnS 65000 350 to 1000 current
HARPS-pol 110,000 380 to 690 current

PEPSI 120,000 450 to 1100 upcoming
SPIRou 70000 980 to 2350 upcoming

2.2.3. Least square deconvolution

For active cool stars, circular polarisation induced Zeeman signature has too low an am-
plitude to be detected in individual spectral lines. Direct detection of circular polarisation
(Stokes V signatures) in individual stellar spectral lines require a signal-to-noise (S/N) of at
least 1000 (Donati et al., 1992) which is extremely difficult to achieve for cool stars. To de-
tect Zeeman effect induced circular polarisation in stellar spectra a multiline technique called
least squares deconvolution (LSD) is used (Donati et al., 1997, Kochukhov et al., 2010). It
is safe to assume that under the weak field regime the magnetic field affects all magnetically
sensitive stellar lines in a similar way. LSD reconstructs a single averaged line profile with
improved S/N by averaging multiple spectral lines. It has been shown that for cool stars
with weak magnetic field of a few kG such assumptions for Stokes V are perfectly applicable
(Kochukhov et al., 2010). In this technique the circularly polarised spectrum of a rotating
cool star is assumed to be a convolution of a line mask and an averaged Stokes V' line profile.
The averaged Stokes V line profile is then obtained by deconvolving the line mask from the
polarised spectrum.

If we consider that the local line profile of all lines are similar in shape and scale up in
depth with the local central line depth, then the entire spectrum can be considered as a sum
of the scaled and shifted line profiles as shown,

V(v) = Zwi(s(v —vi)Z(v) (2.6)

where V (v) is the normalised Stokes V' spectrum, v is the velocity (v = cAA/A), w; is the
weight of each spectral line, v; is the associated position of each line in velocity space and
Z(v) is the mean line profile. Equation 2.6 can also be written as,

V(v)=M(v)*Z(v) (2.7)
M(v) Zw,ﬁ(v )

where M(v) is the line mask or the line pattern function, (See Donati et al., 1997, for more
details). Equation 2.7 can be further simplified as a matrix multiplication where,

V=MZ (2.8)
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Figure 2.8.: Polarimetric unit of the high resolution spectropolarimeter ESPaDOnS. Credit
goes to E.P. Jacobs

Under the assumption that all lines add up linearly we can now solve for the mean line profile
Z for a given line mask M for the input spectrum V. The least-squares solution of Z is given

by,

Z=M"'s>m)" .M S2v (2.9)

where S is a square diagonal matrix consisting of inverse error bars for individual pixels in
the spectrum. The term M7 .S2.V in equation 2.9 represents the weighted cross correlation
between the spectrum V and the line mask M, and the term (M7.S2.M)~! is the inverse of
the auto-correlation matrix which provides the uncertainties associated with the mean line
profile Z and removes effects caused by line blends. The same technique can also be applied
to the intensity spectrum to obtain mean LSD Stokes [ profiles. The implementation of LSD
on linearly polarised Stokes Q and U can be found in Wade et al. (2000). Since LSD assumes
a similar line profile for all spectral lines it is needless to say that for very fast rotating stars
this assumption does not hold. But for solar-type stars these assumptions are appropriate,
provided we ignore lines such as the Ca II H&K, Ha, and other strong lines. Fig 2.9 shows
the Stokes V LSD profile of 61 Cyg A (Chapter 4 discusses the results of 61 Cyg A in details).
A total of 12467 lines were used to generate the LSD profile, resulting in the detection of a
clear polarisation signature in Stokes V.
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Figure 2.9.: An example LSD profile for the K dwarf 61 Cyg A, which shows a clear signa-
ture in the Stokes V LSD profile (12467 lines were used).

2.3. Magnetic field measurements using Stokes V and /

2.3.1. Longitudinal magnetic field measurement

Using circularly polarised Stokes V LSD profiles together with Stokes I LSD profiles, the
surface averaged magnetic field in the line-of-sight can be measured as shown by Donati
et al. (1997),

JvV (v)dv
Aoge [(I. —1(v))dv

where B is the longitudinal field in Gauss integrated over the stellar surface, c is the speed
of light, v is the radial velocity in kms™!, g is the average Landé factor, Aq is the central
wavelength of the LSD line profile and /. is the normalised continuum. The longitudinal
magnetic field represents the first-order moment of the Stokes V' LSD profiles. This provides
a first estimate on the surface magnetic field strength. Due to the use of Stokes V, B; only
measures the large-scale magnetic field strength.

Bi(G) = —2.14 x 10"

(2.10)
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2. Methods of field detection

2.3.2. Zeeman Doppler imaging (ZDI)

Using tomographic techniques such as Zeeman Doppler imaging (ZDI) (Brown et al., 1991,
Donati & Brown, 1997, Semel, 1989) on circularly polarised spectra, the large-scale mag-
netic field geometry of cool stars can be reconstructed. The ZDI technique used in this work
was first developed by Semel (1989), where he demonstrated how circular polarisation in
spectral lines can be used for direct measurements of magnetic field in active stars.
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Figure 2.10.: Two spots of opposite polarity on two different zones of a rotating stellar
surface. The Top Figure on the Right shows the local stokes I profile due to the presence of
a single spot. The lines / 4V and I —V correspond to the two different circular polarisation
states which when subtracted from each other results in the Stokes V profile. The bottom
Figure shows the Stokes V profile in two lines and their integrals. This Figure is taken
from Semel (1989). Credit: Semel 1989, A&A, 225, 456, 1989, ©ESO. Reproduced with
permission.

The basic principles of reconstructing the surface magnetic field geometry using Stokes
V observations can be explained by using a model star with two magnetic spots. If the
magnetic spots are of equal strength but opposite polarity on a non rotating stellar surface,
then the two spots will cancel each other when observed in Stokes V. In the case of a
rotating stellar surface, due to Doppler effect (Vogt & Penrod, 1983) the rotating spots will
have different local radial velocities. This will result in a net polarisation signal. Figure
2.10 shows an example of a rotating star with magnetic spots at two different latitudes on the
stellar surface. The Stokes V signature due to the presence of these two spots is separated
in wavelength and their contribution can be seen in individual spectral lines as shown in Fig
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2.10.

The shape and direction of a Stokes V' profile from the magnetic star changes based on the
direction of the magnetic field and the rotational phase of the star. Figure 2.11 (a) shows a
model star with a magnetic spot with only the radial field at three different rotational phases
and the corresponding Stokes V signatures. As the star rotates the Stokes V' signal changes
in amplitude, where the signal is strongest when the spot is in the line-of-sight. Fig 2.11 (b)
also shows a stellar spot on the surface and the corresponding Stokes V' profiles, but with
the field directing towards the azimuth at three different rotational phases. In this case as
the star rotates, the Stokes V signature changes its orientation. The signal becomes almost
axisymmetric in the line-of-sight. Depending on the orientation of the magnetic field and
the rotational phase at which the star was observed, both the amplitude and signature of the
Stokes V profile changes. By obtaining multiple observations of the stellar surface covering a
minimum of one rotational cycle, information on the stellar magnetic field configuration can
be obtained from Stokes V. Using inverse techniques such as ZDI the circularly polarised
Stokes V' spectra can be utilised to reconstruct surface magnetic geometry of cool stars.

ZDl is a powerful tool that reconstructs the large-scale surface geometry (radial, azimuthal
and meridional) of cool stars from a time series of Stokes V profiles, covering at least one
rotation cycle of the star. The observed Stokes V profiles are compared to synthetic Stokes
V profiles to reconstruct the surface magnetic geometry. It is to be noted that this technique
is applied under the weak field assumption, where all forms of spectral line broadening is
ignored except rotational broadening. ZDI tackles an inverse problem as it "inverts" the line
profiles into surface distribution of the vector magnetic field. One has to be careful while
tackling this problem as there is always an "uniqueness" issue while looking for a solution.
It means that there can be infinite surface magnetic field reconstructions that might fit the
observed spectra. To deal with this issue a regularisation technique is used to select the best
fit solution. In this version of ZDI maximum entropy (Skilling & Bryan, 1984) is used as
a regularisation technique, which selects the surface reconstruction that contains the least
information. One disadvantage of using ZDI is that, due to use of only circularly polarised
light it is insensitive to small-scale magnetic features and only reconstructs the large-scale
magnetic field. As previously mentioned the use of the complete Stokes parameters will
provide a clearer view on cool star magnetism but it is difficult to obtain for solar-type stars
as the linear polarisation signature is very weak. A brief description of the ZDI code used in
this work is provided below.

Stellar model

The synthetic Stokes V profiles are computed for the same rotational phases as the observed
Stokes V' profiles from a simple stellar model, where the stellar surface is divided into a
grid of pixels (Donati & Brown, 1997, Folsom et al., 2016). The local Stokes I line profile
associated with each of these pixels are assumed to be Gaussian in nature and the depth
and width of the profiles are adjusted to match the observed Stokes I profiles. This simple
assumption is a good approximation for the line averaged LSD profiles (Donati & Brown,
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Figure 2.11.: Illustration showing the rotational evolution of a Stokes V LSD profile due
to the presence of a surface magnetic field region in (a) the radial direction (b) azimuthal
direction. Credit: J. F. Donati

1997, Donati et al., 1997). The local Stokes V profile associated with the stellar surface is
calculated under the weak field assumption,

ge dl
l47rmec dA

V(L) =—A’B (2.11)

where Ay is the central wavelength of the line, g is the Landé factor of the line and By is the
line of sight component of the magnetic field. The central wavelength and the Landé factor
of the line are set to the values used while generating the observed LSD Stokes V profiles.
For the local line profiles, a linear limb-darkening law is applied and the surface brightness
1s assumed to be homogeneous through out the stellar disk.
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2.3. Magnetic field measurements using Stokes V and |

Spherical harmonics decomposition

The version of ZDI used in this work reconstructs the surface magnetic field into its poloidal
and toroidal components expressed as spherical harmonics expansions (Donati et al., 2006).
The use of spherical harmonics expansion allows the code to be more robust in reconstructing
both simple and complex magnetic field structure. Lower order spherical harmonics modes
can be recovered reliably for even slowly rotating stars providing a large-scale reconstruction
of their surface magnetic geometry. Another advantage of using spherical harmonics decom-
position is that the code also calculates fraction of the poloidal and toroidal field together
with the percentage of axisymmetry and other quantities that can be used for direct compar-
isons with theoretical results. Previous versions of the ZDI code reconstructed the surface
magnetic field as three independent magnetic image pixels (radial, azimuthal and merid-
ional field) corresponding to the three vector components in spherical coordinates (Donati
& Brown, 1997). Although the previous versions of the code were very successful in recon-
structing complex field structure, the code was incapable of reconstructing simple dipolar
field.

Under the spherical harmonics frame the three surface magnetic field components (radial,
meridional and azimuthal) can be formalised as (Donati et al., 2006),

B(60,9)=—) oy mYim(6,9) (2.12)
I.m

Bo(0,0) =—Y [BimZim(0,9) + YimXim(6,9)] (2.13)
I.m

By(6,0) ==Y [BrnXim(6,0) — YimZim(6,9)] (2.14)
I,m

where B, is the radial magnetic field, By is the meridional field and By is the azimuthal field.
[ and m represents the order and degree of the spherical harmonics modes where 6 and ¢ are
the co-latitude and longitude respectively. 0y ,,, B, and ¥, are the set of complex spherical
harmonics coefficients that characterises the magnetic field. oy ,, represents the radial com-
ponent of the poloidal field, f,, characterises the azimuthal and meridional component of
the poloidal field and ¥; ,, is the azimuthal and meridional component of the toroidal field.
Furthermore Y, ,,, Z; , and X; ,, are expressed in terms of the Legendre polynomial P, as
follows,

Y;m(0,0) = i mPrm(cos )e™? (2.15)

cim OP u(cosO) .
Zm(0,0) = lil & a(e )e”""’ (2.16)

P 0) .
Xim(6,0) = f_’;”’l ’Sfffg’ ) imeimé 2.17)
(2.18)

and
2U+1(1—m)!

cz,m:\/ i EHm;' (2.19)
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2. Methods of field detection

The spherical harmonics coefficients are then reconstructed by iteratively fitting synthetic
Stokes V profiles to the observed Stokes V profiles using maximum entropy as a regularisa-
tion technique.

Inversion process and maximum entropy solution

The inversion technique of ZDI aims at reconstructing the coefficients @, B,» and ¥,
that form the image vector /. If the observed Stokes V profiles form the vector D with the
associated error bars in vector o, then the relationship between the image and the spectra can
be given by,

D=R(I)+o (2.20)

where R corresponds to the stellar model used to generate the synthetic profiles. This problem
is formally ill-posed, since there are potentially multiple images I, that can produce the same
spectra R(I). This potential degeneracy can be removed by using a form of regularisation
as an additional constraint. This is usually done by using the maximum entropy algorithm
(Skilling & Bryan, 1984), where an entropy function S(7) is included in the fitting procedure
and the goodness of fit is determined by a x?.

The maximum entropy algorithm sets up a Lagrange function Q(7) such that the final
solution maximises Q(1),

JUENUEYYS (2.21)

where S(I) is the entropy and A is the Lagrange multiplier. The Skilling & Bryan (1984)
regularisation is carried out by specifying a target xgim which is a finite number. The target
xazim is used to set the weighting between the x> and entropy S. The routine modifies A
on each iteration such that the y> converges towards the target value xfim, without strongly
decreasing the entropy S. As the y? reaches its target value (y2 = xgim), the routine starts
increasing the entropy until entropy is at its maximum.

Zeeman Doppler imaging of cool stars

Over the past decade the large-scale magnetic field geometry of cool stars have been suc-
cessfully reconstructed using ZDI. The large-scale magnetic field of several solar-type stars
reconstructed using ZDI over multiple epochs, has revealed their strongly varying magnetic
geometry. In the recent years, long time-baseline observations of cool stars have also re-
sulted in detection of cyclic magnetic activity in some cool stars. For the G7 dwarf £ Bootis
A (0.86 M, Tegr = 5551 K) (Morgenthaler et al., 2012), the K2 dwarf € Eridani (0.856 M,
Tegr = 5146 K) (Jeffers et al., 2014) strong azimuthal fields were reconstructed with a rapidly
varying field geometry. A two year magnetic cycle was revealed for the planet hosting F7
dwarf 7 Bootis (1.42 Mg, Tegr = 6360 K) (Donati et al., 2008, Fares et al., 2009). A recent
study by Mengel et al. (2016) reveals the magnetic cycle of T Boo could be even shorter,
with possible yearly polarity reversals. Magnetic cycle was also detected for the GO dwarf
HD 78366 (1.34 M), Tegr = 6014 K) (Morgenthaler et al., 2011), where the radial component
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2.4. Indirect proxies of magnetic activity

of the magnetic field exhibits polarity reversals indicating a possible 3-year cycle. Polar-
ity reversals were observed in the large-scale field of the G2 dwarf HD 190771 (0.96 M,
Tess = 5834 K) (Morgenthaler et al., 2011, Petit et al., 2009). However, the variability of the
large-scale field of HD 190771 is more complex as the polarity reversal in the azimuthal field
reported by Petit et al. (2009) is not detected in subsequent epochs. Instead polarity reversal
is reported in the radial component of the magnetic field in the following epochs as shown
by Morgenthaler et al. (2011).

2.4. Indirect proxies of magnetic activity

Non-thermal emission in certain chromospheric lines is associated with stellar magnetic
fields (Hall, 2008). The flux in these lines provide a measurement of stellar chromospheric
activity, which is an indirect diagnostics of the surface magnetic field. Surface magnetic ac-
tivity can also be inferred from coronal activity, UV and radio emissions but for cool stars
these indirect proxies are not as well studied as chromospheric activity.

2.4.1. Chromospheric activity

Chromosphere is the part of the stellar atmosphere that lies above the photosphere and below
the corona, as shown in Fig. 1.3. It is the part of the atmosphere where we detect emission
in excess of what we would expect in a radiative equilibrium and much higher temperatures
compared to the underlying photosphere. Figure 2.12 shows an illustration of the rise in
temperature vs atmospheric height for different layers of the stellar atmosphere. In the pho-
tosphere the temperature decreases with increase in height. However, the temperature rises
abruptly once the chromosphere is reached.
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Figure 2.12.: Illustration showing the formation heights vs temperature and density for dif-
ferent layers of a stellar atmosphere for a sun-like star. The temperature is shown by the
black curve and the density is shown by the dashed line. Credit: Eugene Avrett, Smithsonian
Astrophysical Observatory.
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Figure 2.13.: Illustration showing the formation heights for different chromospheric lines,
taken from Vernazza et al. (1981). ©AAS. Reproduced with permission.

Stellar magnetic fields are widely accepted as the primary mechanism responsible for the
chromospheric temperature rise. It was Babcock (1961) who first described a model where
a dynamo generated magnetic field could explain the excess emission in certain chromo-
spheric lines. Observations of the Sun as a star by Schrijver et al. (1989) has also revealed a
clear correlation between the variation of the chromospheric Ca II H and K line and sunspot
numbers.

Since the first successful use of emission in the line cores of Ca II H&K lines by Wilson
(1978), the H and K lines have been widely used as a tool to study stellar activity. Apart from
the H and K lines other chromospheric lines such as the Ho, Ca II IRT (infrared triplet), Mg
II, Na D lines are used as activity tracers. These lines are formed at different heights of the
chromosphere as shown in Fig. 2.13. Furthermore, the formation mechanism is different for
different lines. For example, the Ca II H&K lines are resonance lines which are dependent
on the local chromospheric temperature and electron density (Jefferies & Thomas, 1959).
Contrary to the Ca Il H&K lines, the Ho line is a Balmer line which is insensitive to the
local chromospheric conditions but more sensitive to the radiation temperature (Jefferies &
Thomas, 1959).

The chromospheric activity of a cool star is widely defined in terms of the S-index (or
Smw), which is a dimensionless quantity that defines the ratio of the flux in the H and K line
cores to two nearby band passes. This index was first introduced by (Duncan et al., 1991)
for observations taken at the Mount Wilson observatory. Since then it is one of the standards
used to define cool star chromospheric activity. The Mount Wilson Syw is defined by taking
a triangular band pass at the core of K and H lines at 393.3663 nm and 396.8469 nm and
two 2 nm wide rectangular band passes to measure the nearby continuum at 390.107 nm and
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400.107 nm respectively as shown,

aNH + Nk
Ng + Ny

where, « is the calibration factor, Ny and Nk represents the flux in H and K lines and,
Nr and Ny represents the flux in the continuum band passes. The Mount Wilson project
(Baliunas et al., 1995, Duncan et al., 1991) determined Syw for a large sample of cool
stars over a long time baseline from 1966 to early 2000s. From this long time series of
Smw a wide range of stellar activity classes were discovered. Cool stars exhibit different
levels of activity variation: irregular activity variations in fast rotating stars, cyclic activity
in comparatively slowly rotating solar-type stars and Maunder minimum like flat activity in
some stars (Baliunas et al., 1995). A further analysis on the Maunder-minimum candidates
from the Mount Wilson survey by Schroder et al. (2013) reveals them to be slightly more
evolved than the Sun. Multiple other surveys have been carried out in the past few decades,
providing a huge pool of stellar activity data (Gray et al., 2006, Hall et al., 2007, Henry
etal., 1996). However, care should be taken when using Syw to compare stellar activity over
a wide range of stellar parameters. Since Syw depends on the continuum band passes on
either side of the H&K lines, any change in the continuum level will influence Syw. When
we go from hotter to more cooler stars the continuum level decreases, resulting in an increase
in Syw. This makes comparison of Syw difficult for stars of different spectral types. The
line cores in the H and K lines are also sensitive to the photospheric contribution in the pass
bands, as a result of which Syw 1s not purely chromospheric in nature.

Smw = (2.22)

To correct for spectral types Middelkoop (1982) introduced a new index called Rk which
corrects for stellar colour as shown below,

Ruk = Cetf X Smw (2.23)
log Ce = 1.13(B—V)?> —=3.91(B—V)?>+2.84(B—V) — 0.47 (2.24)

where C.¢(B — V) is the correction factor applied to the S-index to correct for variations with
stellar colour and Ryg = Fuk/ Teff4, where Fyrw is the flux in the H and K lines per unit area
of the stellar surface.

In order to correct for photospheric contribution, Noyes et al. (1984a) devised a new term
called Ry, . This correction accounts for the photospheric contribution in the emission cores
of H and K lines, resulting in an index which is purely chromospheric in nature. The R}
index is defined as follows,

Rijx = Rux — Rphot (2.25)

where Ryg is the correction defined by Middelkoop (1982) and Rpypot is the photospheric
contribution in the H and K line cores. Noyes et al. (1984a) determined Rppo analytically
from the K lines of six of their least active dwarfs, under the assumption that Rypo; varies
only with B—V and is independent of any chromospheric activity. They derived equation
2.26 by using the description by Hartmann et al. (1984),

10g Rpnot = —4.898 + 1.918(B—V)? —2.893(B—V)? (2.26)
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It is worth noting that the calibration of Noyes et al. (1984a) only holds for cool stars with
B —V range that lies between 0.45 and 0.82.

Apart from the widely used Ca II H&K lines two other chromospheric lines Ho and Ca
IT IRT lines are also used in this Thesis work. The Hoa-index is determined by the technique
specified by Gizis et al. (2002), where a rectangular band pass of 0.36 nm width is used at the
Ha line at 656.285 nm. Two rectangular band passes Nygpiue and Hyygreq of 0.22 nm width
are used to measure the nearby continuum,

N
Ho-index = Ha (2.27)
NHablue + NHared

where Mg, Naablue and Nygreq refers to different band passes used.

The CalRT-index is measured by taking 0.2 nm wide rectangular band passes centred at the
Ca II triplet lines at 849.8023 nm, 854.2091 nm, and 866.241 nm respectively. The nearby
continuum is measured by taking two 0.5 nm band passes Nirreq and Nirpiue at 870.49 nm,
and 847.58 nm respectively (Marsden et al., 2014), as shown in equation ??,

Niri +Nir2 + M
CalRT-index — _JRL T VR2 T VIR3 (2.28)

Nirred + NRblue

where Nr1, Nr2, and Nir3 represent flux in the Ca II infrared triplet lines. The continuum
flux is represented by Nirreq and Nirpiue respectively.

2.4.2. Coronal activity

The linear relationship between X-ray luminosity and magnetic flux was determined by
Pevtsov et al. (2003) from observations of the Sun and active cool stars as shown in Fig.
2.14. Observations of the solar corona in soft X-rays have revealed that its coronal activity
cycle is also in good agreement with its sunspot and activity cycle (Orlando et al., 2001).
The Sun exhibits stronger X-ray emission during activity maximum and the X-ray emission
goes down at activity minimum.
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Figure 2.14.: X-ray luminosity Ly vs magnetic flux taken from Pevtsov et al. (2003). The
different symbols represent observations taken of the Sun and other cool stars. The fit to the
data results in a power law of Ly = ¢!''13. ©AAS. Reproduced with permission.

X-ray observations have been carried out only for a few cool stars other than the Sun over
their activity cycle. Weak statistical evidence of coronal activity cycles in cool stars were first
detected by Hempelmann et al. (1996). Coronal activity cycles have been also detected for a
few G and K dwarfs. Favata et al. (2008) reported the presence of a coronal activity cycle for
the binary system HD81809. Cyclic coronal activity was also detected for the star 61 Cyg A
and the K1 dwarf a Cen B (Robrade et al., 2012). The shortest coronal activity cycle of 1.6
years was reported for the young active Sun 1t Horologii (Sanz-Forcada et al., 2013), where
the coronal activity cycle is in phase with its short chromospheric activity cycle.

2.5. Summary

In this thesis, the large-scale magnetic field geometry reconstruction technique ZDI and chro-
mospheric activity is used to detect magnetic and activity cycles of stars. The ZDI technique
is used to monitor the magnetic field geometry evolution of three stars, HN Peg, 61 Cyg A
and € Eridani, with simultaneous monitoring of their chromospheric activity. Three chro-
mospheric activity tracers (Ca II H and K, Ha and Ca II IRT) are used to monitor their
chromospheric activity. Additionally, a chromospheric activity catalogue (Ca II H and K)
is developed for the entire cool star spectral range. For stars with multi-year observations,
chromospheric activity cycles are determined and their dependence on basic stellar proper-
ties, such as rotation, is investigated. The results are presented and discussed in the next four
Chapters.
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)

3.1. Abstract

The large-scale magnetic field of solar-type stars reconstructed from their spectropolarimet-
ric observations provide important insight into their underlying dynamo processes. We aim
to investigate the temporal variability of the large-s cale surface magnetic field and chromo-
spheric activity of a young solar analogue, the GO dwarf HN Peg. The large-scale surface
magnetic field topology is reconstructed using Zeeman Doppler imaging at six observational
epochs covering seven years. We also investigated the chromospheric activity variations by
measuring the flux in the line cores of the three chromospheric activity indicators: Ca II
H&K, Ha , and the Ca II IRT lines. The magnetic topology of HN Peg shows a complex
and variable geometry. While the radial field exhibits a stable positive polarity magnetic
region at the poles at each observational epoch, the azimuthal field is strongly variable in
strength, where a strong band of positive polarity magnetic field is present at equatorial lati-
tudes. This field disappears during the middle of our timespan, reappearing again during the
last two epochs of observations. The mean magnetic field derived from the magnetic maps
also follow a similar trend to the toroidal field, with the field strength at a minimum in epoch
2009.54. Summing the line of sight magnetic field over the visible surface at each observa-
tion, HN Peg exhibits a weak longitudinal magnetic field (Bl) ranging from -14G to 13G,
with no significant long-term trend, although there is significant rotational variability within
each epoch. Those chromospheric activity indicators exhibit more long-term variations over
the time span of observations, where the minimal is observed in Epoch 2008.71.

3.2. Introduction

Solar dynamo models suggest that the regeneration of the solar magnetic field results from
the interplay between convection and differential rotation (Brandenburg & Subramanian,
2005, Charbonneau, 2010, Parker, 1955). These cyclic dynamo processes are responsible for
the different manifestations of solar activity such as prominences, flares, solar winds. Ob-
servations of surface activity features of young solar type stars provide an important insight
into the underlying dynamo processes that operate in stars other than the Sun (see Donati &
Landstreet, 2009). In general, solar-type cool stars all have a similar internal structure to the
Sun, with a radiative core surrounded by a convective envelope. This would suggest that,
as in the case of the Sun, their magnetic activity is generated by a a-Q dynamo. Although,
the exact mechanism of the dynamo processes is still not completely understood, observa-
tions of significant azimuthal field in rapidly rotating solar type stars indicate the presence of
dynamo distributed throughout the convective zone (Donati et al., 2003, Petit et al., 2008).
The possibility that such a distributed dynamo operates in rapidly-rotating solar-type stars is
supported by detailed numerical modelling (Brown et al., 2010).

The presence of the magnetic field can result in emission in the line cores of certain chro-
mospheric lines, such as Ca Il H&K, He, Ca IT IRT lines. The Mount Wilson survey was
the first long term monitoring of Ca II H&K to investigate the surface magnetic variability
of stars with an outer convective envelope (Duncan et al., 1991). This survey observed a
wide range of variability ranging from cyclic to non-cyclic and irregular variability. Since
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3.3. HN Peg

the Mount Wilson project, a host of other activity surveys were carried out in the last few
decades (Hall et al., 2007, Wright et al., 2004). While monitoring Ca II H&K can provide
a long-term indication of the magnetic variability, the disadvantage of using this method is
that this tracer does not provide any direct measurement of the field strength or information
about the large-scale geometry of the star’s magnetic field.

In recent years, with the arrival of spectropolarimeters such as ESPaDOnS, NARVAL and
HARPSpol, the magnetic field observations of other solar type stars have provided an impor-
tant insight in understanding the dynamo processes that drive the different manifestations of
surface activity (Marsden et al., 2014, Petit et al., 2008). For example, magnetic cycles have
been observed on the F7 dwarf 7 Bootis (1.42 + 0.05 M., T.=6360 4+ 80 K (Catala et al.,
2007)), where the large-scale magnetic field is observed to exhibit cycles over a two year pe-
riod (Fares et al., 2009). Recent observations of T Boo by Mengel et al. (2016) suggests that,
the magnetic cycle of the star might be even shorter than the current 2 year period. Magnetic
cycles have also been observed on HD 78366 (Morgenthaler et al., 2011), with a mass of 1.34
4 0.13 M, and Teg of 6014450 K, which shows two polarity reversals with a probable cycle
of approximately three years. More complex variability has been observed on HD 190771
(Petit et al., 2009, 2008), which is similar in mass to the Sun (0.96+0.13 M) with Teg of
5834+50 K, where polarity reversals are observed in its radial and azimuthal field but over
the time span of the observations, they do not return to the initial field configuration. These
results indicate that the 22 year magnetic cycle of the Sun is not an exception but that cyclic
activity is also present in other solar-type stars with ages close to the Sun’s.

In this chapter we determine the large-scale magnetic field geometry of the young Solar
analogue HN Peg using the technique of Zeeman-Doppler Imaging. We also measure HN
Peg’s chromospheric activity using the core emission in Calcium II H&K, Ho and Calcium
IT IR triplet lines. In Section 3.2 we review the literature on HN Peg, followed by a descrip-
tion of the observations in Section 3.3. The longitudinal magnetic field and chromospheric
activity measurements are presented in Section 3.4. The large-scale magnetic field recon-
structions are presented in Section 3.5. The results are discussed in Section 3.6.

3.3. HN Peg

HN Peg is a GO dwarf, with a mass of 1.085 4+ 0.091 M, and a radius of 1.002 + 0.018 R,
(Valenti & Fischer, 2005) as shown in Table 3.1, which is part of the Her-Lyr association. HN
Peg’s association with the Her-Lyr moving group was discovered by Gaidos (1998), when
he detected a group of stars (V439 And, MN UMa, DX Leo, NQ UMa and HN Peg) with
similar kinematics (Fuhrmann, 2004, Lépez-Santiago et al., 2006). The age of Her-Lyr was
established to be approximately 200 Myr, by gyrochronology and also by comparing the Li
and Ha lines of Her-Lyr with the UMa group (Eisenbeiss et al., 2013, Fuhrmann, 2004). A
separate gyrochronology study carried out on the Mount Wilson sample also provided an age
of HN Peg of 237433 Myr (Barnes, 2007).
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)

The Mount Wilson survey estimated a period of 6.2+0.2 years for HN Peg, with high
chromospheric variability (Baliunas et al., 1995, Schroder et al., 2013). Photometric mea-
surements carried out by Messina & Guinan (2002) claimed the presence of a solar-type star
spot cycle of HN Peg with a period of 5.5 &£ 0.3 years. Both spectroscopic and photometric
observations of HN Peg were observed by Frasca et al. (2000), where rotational modulation
in both Ca II H&K and Ha were observed. Power spectrum analysis of the spectra of HN
Peg (Baliunas et al., 1985) suggested the presence of surface differential rotation. Differen-
tial rotation of HN Peg was also investigated by observing variations in the rotational period
(Messina & Guinan, 2003), where the evolution of the average rotation of HN Peg along the
activity cycle was observed to be anti-solar.

From direct imaging using the Spitzer Space Telescope, HN Peg also has also been shown
to have an early T-dwarf companion HN Peg b at a distance of approximately 794 AU
(Leggett et al., 2008, Luhman et al., 2007). Photometric observations of HN Peg have indi-
cated that it also harbours a debris disk (Ertel et al., 2012).

3.4. Observations

The data were collected as part of the international BCool collaboration ! (Marsden et al.,
2014), using the NARVAL spectropolarimeter at the 2 m Telescope Bernard Lyot (TBL)
at Pic du Midi Observatory. NARVAL is a new generation spectropolarimeter which is a
twin of the ESPaDOnS stellar spectropolarimeter 2. NARVAL is a cross dispersed echelle
spectrograph with minimum instrumental polarisation (Auriere, 2003, Petit et al., 2008).
NARVAL has a resolution of approximately 65,000 and covers the full optical domain from
370 nm to 1000 nm, ranging over 40 grating orders.

The data were extracted using Libre-ESpRIT (Donati et al., 1997), which is a fully au-
tomated data reduction package installed at TBL. The observations were taken to maximise
rotational phase coverage. Seven sets of data were obtained for the observational epochs
2007.67, 2008.71, 2009.54, 2010.62, 2011.67, 2012.61 and 2013.68 (the journal of observa-
tions is shown in Table A.1). Each of these seven epochs contains 8 to 14 polarised Stokes V
observations.

Because the signal-to-noise ratio (S/N) ratio in individual spectral lines is not high enough
to detect Zeeman signatures in polarised light, we apply the technique of Least Square De-
convolution (LSD) on the spectra (Donati et al., 1997, Kochukhov et al., 2010). LSD is a
multi- line technique which considers a similar local profile for each line and obtains an
averaged line profile by deconvolving the stellar spectra to a line mask 3. A G2 line mask
consisting of approximately 4800 lines, matching a stellar photosphere model for HN Peg,
was used to generate the averaged line profile for Stokes / and Stokes V, resulting in huge

Thttp://bcool.ast.obs-mip.fr/Bcool
%Fig 2.8 shows a schematic diagram of the ESPaDOnS spectropolarimeter
3For a more detailed description on the LSD technique please refer to Section 2.2.3 of this thesis
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Table 3.1.: Summary of the physical parameters of HN Peg.

Object HD 206860 References
Effective temperature, Toir 5974 K 1
Radius 1.002+0.018 R 1
Mass 1.085+0.091 M, 1
Rotational period, Pt 4.6 days this work
Rotational velocity, vsini 10.6 kms ! 1
Age ~200 Myr 2

References (1) Valenti & Fischer (2005);(2) Zuckerman & Song (2009) and Eisenbeiss et al.
(2013).

multiplex gain in the S/N ratio of the polarised Stokes V profile as shown in Table A.1. The
mask covers a wavelength range of 370 nm to 900 nm and the LSD profiles are normalised
by using a mean Landé factor of 1.21 and a mean wavelength of 550 nm from the line list.

The polarised Stokes V spectra from 2012 and part of 2011 were discarded because of
instrumental defects of NARVAL. The reference point for one of the polarisation rhombs
was incorrect. This resulted in incorrect polarisation signatures for HN Peg in the last two
observations in 2011 (Table A.1) and sudden polarisation changes in 2012. However the
unpolarised spectra in 2011 and 2012 are not affected, and can be used to measure the chro-
mospheric proxies of magnetic activity. Subsequent tests have confirmed that the polarised
data collected in 2013 is reliable.*

3.5. Mean longitudinal magnetic field (B;)

The longitudinal magnetic field is measured using the LSD Stokes V and Stokes I profiles,
where the field measured is the mean magnetic field (line of sight component) integrated
over the entire visible stellar surface. The center-of-gravity method (Rees & Semel, 1979)
was used on the LSD profile of HN Peg to measure its longitudinal magnetic field, as shown
in equation 3.1,

JvV(v)dv
Aoge [ (I —1(v))dv

where B; is the longitudinal magnetic field in Gauss, A9 = 550 nm is the central wavelength of
the LSD profile, g = 1.21 is the Landé factor of the line list, c is the speed of light in kms ™!,
v is the radial velocity in kms~! and I is the normalised continuum. The velocity range cov-
ered by the integration window is 4-17 kms~! around the line centre. The uncertainty in each
of the B; measurements are obtained by propagating the errors computed by the reduction
pipeline in equation 2.10 as described by Marsden et al. (2014). The magnetic field from

B;(G) = —2.14 x 10!

(3.1)

4A detailed description of the polarisation defects and the correction technique used can be found here:
http://spiptbl.bagn.obs-mip.fr/Actualites/Anomalies-de-mesures
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)

the LSD Null profiles were also calculated for each observations where the magnetic field
is approximately zero, indicating negligible spurious polarisation affect on the longitudinal
field measurements. The errors in the longitudinal magnetic field of HN Peg is higher than
the null profiles except in a few cases where the SN is weak compared to the rest of the
observations. The magnetic field of HN Peg (B;) and the magnetic field from the Null profile
(N;) and their related uncertainties are recorded in Table A.2.
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Figure 3.1.: Variability of longitudinal field (B;) as a function of the rotational phase. Each
of the sub plots from top to bottom correspond to six different epochs (2007.67, 2008.71,
2009.54, 2010.62, 2011.67 and 2013.68).

The variability of the longitudinal magnetic field of HN Peg as a function of rotational
phase is shown in Fig 3.1. The phase dependence of the longitudinal magnetic field indicates
a complex surface magnetic field geometry. No long-term trend in mean longitudinal field
measurements was observed for HN Peg as shown in Fig 3.6, where B; exhibits no significant
long-term variations through out the observational timespan. The mean B; value of 5.3 G
with a dispersion of 4.2 G in epoch 2007.67 goes down to its lowest value of 1.9 G with a
dispersion of 6.3 G in epoch 2009.54. The mean value is the highest in epoch 2010.62.

3.6. Chromospheric activity indicators

Chromospheric activity has been widely observed in solar type stars, which is manifested as
emission in the line cores of the chromospheric lines, such as: Ca Il H&K, He, Ca II IRT
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lines. The varying flux in these line cores can be used as a proxy to investigate magnetic
cycles.
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Figure 3.2.: Variability of S-index as a function of the rotational phase. Each of the sub
plots from top to bottom correspond to seven different epochs (2007.67, 2008.71, 2009.54,
2010.62, 2011.67, 2012.61 and 2013.68).

S-index

we detect strong emission lines in the Ca II H&K line cores of HN Peg as a function of its
rotational phase. The S-index is calculated using two triangular band passes centered at Ca II
H and K lines (Duncan et al., 1991) at 396.8469 and 393.3663 nm respectively witha FWHM
of 0.1 nm. The flux in the continuum at the red and blue sides of the line is measured by using
two 2 nm wide rectangular band passes R and V at 400.107 and 390.107 nm respectively.
Equation 3.2 is used to calibrate our index with the Mount Wilson values,

aFy + BFx
YFR + O Fy

where Fy, Fx, Fr and Fy are the flux in the band passes H, K, R and V. The NARVAL
coefficients used to match our S-index values to the Mt Wilson values (Marsden et al., 2014)
are o = 12.873, B =2.502, y=8.877, 6=4.271 and & = 1.183e-03. We do not carry out the
renormalisation procedure used by Morgenthaler et al. (2012) and carry out the continuum
check following the procedure in Waite et al. (2014), where it was determined that removal
of the overlapping orders is as efficient as renormalisation of the spectra.

S-index = (3.2)
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Figure 3.3.: S-index measurements of HN Peg from the combined data sets.

The variability of HN Peg’s S-index for each of the seven epochs is shown as a function
of rotational phase in Fig 3.2. The error in the S-index for each measurement was calculated
using error propagation. The S-index and related uncertainty for each observation is shown
in Table A.2.

We also included S-index measurements of HN Peg from the Mount Wilson survey, where
the data was collected from 1966 to 1991 (Baliunas et al., 1995). There are no published S-
index measurements of HN Peg from 1991 to 2004. Additional S-index values were obtained
from the California Planet Search Program(CPS) Isaacson & Fischer (2010), two in 2004 and
one in 2006. No error bars are available for the S-index measurements taken from literature.
The long term S-index measurements from the combined data are shown in Fig 3.3.

Ho-index

The rotational variation of the Ho line profile was also determined. A rectangular band pass
of 0.36 nm width, centered at the Ho line at 656.285 nm (Gizis et al., 2002) and two 0.22
nm wide rectangular band passes Nyggpiue and Nygreq at 655.77 and 656.0 nm respectively
were used to measure the Ha-index. We corrected the order overlap in the NARVAL spectra
and used the order containing the complete Ha line core. We then calculated the Ho-index
using equation 3.3.

F
Ho-index = — 1% (3.3)
Fblue + Fred

where Fyjq represents the flux in the Ho line core and Fp;,, and F,,4 represent the flux in the
continuum band pass filters Hyyye and Hyq respectively. The variability of Ha as a function of
HN Peg’s rotational phase is shown in Fig 3.4. The uncertainty in Ha-index measurements
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were calculated using error propagation. The Ha-index and related uncertainty for each
observations are shown in Table A.2.
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Figure 3.4.: Variability of the Hx-index as a function of rotational phase. Each of the sub
plots from top to bottom correspond to seven different epochs (2007.67, 2008.71, 2009.54,
2010.62, 2011.67,2012.61 and 2013.68).

CalRT-index

Since NARVAL covers a wide wavelength range from 350 nm up to 1000 nm, we can also
observe the Ca II IR triplet lines. We take 0.2 nm wide rectangular band passes in the cores
of each of the triplet lines at 849.8023 nm, 854.2091 nm and 866.241 nm. Two continuum
band passes of the width of 0.5 nm are also taken, IR;cq at 870.49 nm and IRy, at 847.58
nm for the flux at the red and blue sides of the IR lines (Petit et al., 2013). We calculate the
CalRT-index using equation 3.4,

Fear + Fou + F
CalRT-index — ~Cal T 1'Ca2 +/Ca3 (3.4)

FIRTblue + FIRTred

where the flux in the three line cores are represented by Fc,1, Fca and Fey3 respectively
and the continuum fluxes are defined by Firr,,, and Firt,, respectively. The error bars
for individual observations were calculated using error propagation. The variability of the
CalRT-index as a function of HN Peg’s rotational phase is shown in Fig 3.5.
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Figure 3.5.: Variability of CalRT-index with the rotational phase. Each of the sub plots from
top to bottom correspond to seven different epochs (2007.67, 2008.71, 2009.54, 2010.62,
2011.67,2012.61 and 2013.68)

The long-term variability over the observational epochs of this analysis for the three activ-
ity indicators: Ca Il H&K, Ha, Ca II IRT lines are shown in Fig 3.6, where the mean values
of each index is plotted as a function of the observational epochs. The error bars represent
the standard deviation of the activity proxies for each epoch of observation. The long-term
S-index variations are prominent than the rotationally induced variations. The long-term S-
index and Ho index show visible correlation over the entire time span of the observations.
The two indices show a decreasing trend from 2007.67 to 2008.71 and show an increasing
trend from 2008.71 to 2011.67 and then exhibits a flat trend. The long-term Ca II IRT mea-
surements show global correlation with the S-index but shows more small-scale variations
on a year to year basis.

The correlation between the different activity proxies is prominent in some epochs but not
clearly visible in other epochs. The correlation between S-index and Ho-index throughout
the entire observational timespan is shown in Fig 3.7, where the correlation is more clearly
visible. Correlation between S-index and Ca IRT is shown in Fig 3.8. The activity index
measurements and their related uncertainties of HNPeg is tabulated in Table A.2.
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3.7. Large-scale magnetic field topology

The large-scale surface magnetic topology of HN Peg was reconstructed by using the Zeeman
Doppler Imaging (ZDI) tomographic technique, developed by Brown et al. (1991), Donati
& Brown (1997), Semel (1989). ZDI technique involves solving an inverse problem and
reconstructing the large-scale surface magnetic geometry by iteratively comparing the Stokes
V profile to the synthetically generated profiles, which are generated from a synthetic stellar
model.

The large-scale field geometry of HN Peg was reconstructed by using the version of ZDI
that reconstructs the field into its toroidal and poloidal components, expressed as spherical
harmonics expansion (Donati et al., 2006). A synthetic stellar model of HN Peg was con-
structed using 5000 grid points, where the local Stokes I profile in each grid cell was assumed
to have a Gaussian shape and was adjusted to match the observed Stokes I profile. The syn-
thetic local Stokes V profiles were computed under the weak field assumption and iteratively
compared to the observed Stokes V profile. The maximum entropy approach adopted by the
ZDI code is based on the algorithm of Skilling & Bryan (1984). In this implementation of
the maximum entropy principle, a target value of the reduced y? is set by the user, where
we define the reduced y? as the y? divided by the number of data points Skilling & Bryan
(1984). In its first series of iterations, the ZDI code produces magnetic models with associ-
ated synthetic profiles that progressively get closer to the target x> value. When the required
reduced x? value is reached, new iterations increase the entropy of the model (at fixed x?),
converging step by step towards the magnetic model that minimises the total information of
the magnetic map.
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3.7. Large-scale magnetic field topology

3.7.1. Radial velocity

The radial velocity of HN Peg was determined by fitting a Gaussian directly to the Stokes
I profile to determine the centroid of the profile. This method was applied to each epoch
of HN Peg. Additionally the radial velocity in the ZDI code was varied in 0.1 kms~ steps.
The radial velocity which results in the minimum information content was chosen which was
comparable to the radial velocity obtained by the Gaussian fit. The radial velocity and the
associated uncertainty for each observational epoch is shown in Table 3.2.

3.7.2. Inclination angle

The inclination angle of 75° was inferred using the stellar parameters of HN Peg shown in
Table 3.1, which was tested within its error range by using as an input to the ZDI code.
The inclination angle was increased in 5° steps and the inclination angle which resulted in
minimum information content was used to generate the magnetic maps.

0.5 T T T 18.50

18.45

0.4f
18.40

o3l 18.35

18.30

dOmega (rad/d)

18.25

18.20
0.1}

18.15

1.25 1.30 1.35 1.40 1.45
Omega_equator (rad/d)

Figure 3.9.: Best fit map obtained by varying the parameters for 2007 data . The Qeq and
dQ values obtained from this map are 1.36 rad d~! and 0.22 rad d~! respectively.

3.7.3. Differential rotation

The data used to reconstruct the magnetic field topology were collected over a span of several
weeks, which might result into the introduction of latitudinal differential rotation during the
timespan of observation. Differential rotation of HN Peg was measured by determining
the difference in equatorial and polar shear incorporating a simplified solar-like differential
rotation law into the imaging process,

Q(l) = Qeq — dQsin? (3.5)

Binean Map obtained at unit y> and minimising the information (minimising the field strength) where the
colour bar represents Bpean
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)

where Q(/) is the rotation rate at latitude I/, Qeq 1s the equatorial rotation and dQ is the
difference in rotation between the equator and the poles.

For a given set of Q.q and d€ the large-scale magnetic field geometry was reconstructed,
following the method of Petit et al. (2002). Approximately 15 observations with good phase
coverage (Morgenthaler et al., 2012) is required to retrieve the parameters of the surface
differential law. As good phase coverage is important to perform differential rotation cal-
culations, the two epochs 2007.67 (14 observations) and 2013.68 (13 observations) were
selected and individual differential rotation parameters were calculated. As shown in Fig 3.9
the Q and dQ values for 2007.67 epoch are 1.364-0.01 rad d~! and 0.22+0.03 rad d~! and
for 2013.68 epoch are 1.2740.01 rad d ! and 0.2240.02 rad d~! respectively. For the other
epochs with less dense phase coverage the differential rotation values measured for 2007.67
are used for 2008.71, 2009.52 and values from 2013.68 are used for 2010.62 and 2011.67.
The rotational period of HN Peg was also measured from the calculated differential rotational
parameters.

The uncertainty in the differential rotation measurements were evaluated by obtaining .4
and dQ values by varying the input stellar parameters, within the error bars of the individual
parameters. The dispersion in the resulting values was considered as the error bar.

3.7.4. Magnetic topology

The large-scale magnetic field topology of HN Peg was reconstructed using ZDI, for the
epochs 2007.67, 2008.71, 2009.54, 2010.62, 2011.67 and 2013.68. The stellar parameters
used to reconstruct the magnetic field topology are a vsini of 10.6 kms~! and an inclination
angle of 75°. The number of spherical harmonics / used in our ZDI code is /,x=8.

Epoch 2007.67

For the epoch 2007.67, the modelled Stokes V' LSD profile and the corresponding fit to
the observed Stokes V' LSD profile is shown in Fig 3.10 (Top left). The observed fit was
achieved with a reduced x2 of 1.0. The number of degree of freedom is 152. In the radial
field component of the magnetic field as shown in Fig 3.11, a strong positive field region is
reconstructed at the equator along with a cap of positive polarity magnetic field encircling
the pole. The azimuthal component is reconstructed as a band of positive magnetic field
at equatorial latitudes as shown in Fig 3.11. The percentage of the total magnetic energy
distributed into its poloidal and toroidal configuration for the epoch 2007.67 is shown in
Fig 3.12. The magnetic energy is 57% poloidal and 43% toroidal as shown in Table 3.2.
The percentage of the poloidal field reconstructed into its different components is shown in
Fig 3.13. The mean magnetic field strength of HN Peg is 1840.5 G (Table 3.2).
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Figure 3.10.: Top row: The time series of the LSD Stokes V profiles from 2007.67, 2008.71
and 2009.54. Bottom row: Time series of the LSD Stokes V profiles for the epochs 2010.62,
2011.67 and 2013.68. The black line represents the observed Stokes V' spectra and the red
line represents the fit to the spectra. Rotational cycle is shown to the right and 10 error bars
for each observations is shown to the left for each plot.
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)
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Figure 3.11.: Surface magnetic field geometry of HN Peg for six epochs as reconstructed
using Zeeman Doppler Imaging. Top row: (a) 2007.67, (b) 2008.71, (c) 2009.54. Bottom
row : (d) 2010.62, (e) 2011.67, (f) 2013.68. For each epoch, the magnetic field components
are shown as projection onto one axis of the spherical coordinate frame, where from Top
to Bottom: radial, azimuthal and meridional magnetic field components are shown. The
field strength is shown in Gauss, where red represents positive polarity and blue represents
negative polarity.

Epoch 2008.71

The LSD Stokes V' profile and the corresponding fit for the epoch 2008.71 is shown in
Fig 3.10 (Top middle). The observed fit was achieved with a x> minimised to 1.0 and the
number of degree of freedom is 68. The radial field geometry is dominated by a positive
magnetic region over the poles as shown in Fig 3.11, where the strong positive field at the
equator in epoch 2007.67 is not visible one year later in epoch 2008.71. The azimuthal field
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3.7. Large-scale magnetic field topology

geometry is dominated by two regions of positive polarity at the equator. The meridional
field geometry is also shown in Fig 3.11. The percentage of the total magnetic energy dis-
tributed into the poloidal and toroidal components is shown in Fig 3.12. The majority of the
magnetic energy is reconstructed as toroidal field component as shown in Table 3.2. The per-
centage of fraction of the poloidal magnetic field reconstructed into its different components
is shown in Fig 3.13. The mean magnetic field strength decreases to 14+0.3 G(Table 3.2).

Epoch 2009.54

The Stokes V profile in 2009.54 is shown in Fig 3.10 (Top right), where some of the Stokes
V profile have a lower S/N ratio. The Stokes V profiles are fitted to the reconstructed profile
with a x2 level of 1.0 and the number of degree of freedom is 40. The positive polarity
magnetic region around the pole in the previous epochs is also present in 2009.54 as shown
in Fig 3.11. The band of positive polarity azimuthal field observed in the previous epochs is
surprisingly absent in this epoch as shown in Fig 3.11, with only 11% of the magnetic energy
being toroidal. The percentage of magnetic energy reconstructed as poloidal component is
89% as shown in Fig 3.12. The percentage of the fraction of the poloidal magnetic energy
distributed into its different field configurations is shown in Fig 3.13. The mean magnetic
field strength is at its lowest at 11+0.2 G. (Table 3.2).
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Figure 3.12.: Magnetic energy distribution throughout the six epochs (2007.67, 2008.71,
2009.54, 2010.62, 2011.67, 2013.68). The fraction of magnetic field stored in poloidal com-
ponent is shown in blue and toroidal component in green. The red line represents the fraction
of the energy stored in the axisymmetric component. The error bars associated with each
epoch are shown in Table 3.2.

Epoch 2010.62

The Stokes V profile and magnetic maps of HN Peg for epoch 2010.62 are shown in Fig 3.10
(Bottom left) and Fig 3.11 respectively. The best fit to the observed Stokes V profiles were
obtained with a x? level of 1.4, which might be a result of some intrinsic behaviour that could
not be accounted for. The number of degree of freedom is 40. The radial field component is
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)
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Figure 3.13.: Poloidal magnetic field distributed into different configurations throughout
the six epochs(2007.67, 2008.71, 2009.54, 2010.62, 2011.67, 2013.68). The fraction of
the poloidal magnetic energy stored as dipole is shown in black, quadrupole in green and
octopole in blue. The red line represents the fraction of the poloidal energy stored in the
axisymmetric component. The error bars associated with each epoch are shown in Table 3.2.

still mostly positive around the poles as shown in Fig 3.11. The azimuthal field is stronger
than in epoch 2009.54, with the presence of both positive and negative polarity regions.
The meridional field component is also shown in Fig 3.11. The percentage of the magnetic
energy distribution into its poloidal and toroidal component is shown in Fig 3.12. 65% of
the magnetic energy is reconstructed in the poloidal component and 35% of the energy is
stored in the toroidal component as shown in Table 3.2. The percentage of the fraction of the
poloidal component reconstructed into its different components is shown in Fig 3.13. The
mean magnetic field strength of HN Peg has increased from 11+0.2 G in 2009.54 to 194+0.8
G (Table 3.2).

Epoch 2011.67

For the epoch 2011.67, the reconstructed Stokes V profile and its fit to the observed Stokes
V profile is shown in Fig 3.10 (Bottom middle). The observed fit was obtained with a x?
minimised to 1.1. The formal computation of the number of degree of freedom for this
epoch results in a negative value, which means for this particular case the problem is un-
derdetermined. The magnetic field geometry in the radial field is more complex than in the
previous epochs, with the presence of both positive and negative magnetic regions as shown
in Fig 3.11. However, the phase coverage is not sufficient to reliably confirm the negative
polarity regions. The azimuthal field is mostly positive with regions of positive polarity
around the equator. The meridional field is also shown in Fig 3.11. The percentage of the
magnetic energy distributed into the poloidal and toroidal components is shown in Fig 3.12.
The percentage of the fraction of the poloidal component reconstructed into its different field
configurations is shown in Fig 3.13. 61% of the magnetic energy is reconstructed into its
poloidal component as shown in Table 3.2, where the mean magnetic field strength of HN
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3.8. Discussion

Peg is 19+0.7 G.

Epoch 2013.68

The observed and reconstructed Stokes V profiles for the epoch 2013.68 is shown in Fig 3.10
(Bottom right). The best fit to the observed Stokes V profiles was obtained with a y? of
1.0. The number of degree of freedom is 124. The magnetic field in the radial component is
shown in Fig 3.11, where the pole is dominated with a ring of positive polarity magnetic field.
The azimuthal field component is dominated by a band of positive polarity magnetic field at
the equator as shown in Fig 3.11. The percentage of the magnetic energy distributed into
different field configurations is shown in Fig 3.12. The magnetic energy is mostly poloidal
(62%) as shown in Table 3.2. The percentage of the fraction of poloidal field reconstructed
into its different configurations is shown in Fig 3.13. The mean magnetic field is at its highest
at 2410.7 G, where 77% of the total field is axisymmetric (Table 3.2).

The uncertainties associated with the magnetic maps for each epoch of observations were
obtained by using different values for the input stellar parameters into the ZDI code (see
Petit et al., 2002), where the individual parameters were varied within their error bars. The
dispersion in the resulting values was considered as error bars.

3.8. Discussion

HN Peg was observed for seven epochs from 2007.67 to 2013.68, providing new insights
into its magnetic field variations and the associated geometry.

3.8.1. Long-term magnetic variability

The longitudinal magnetic field (B;) for each observation of HN Peg was derived using
Stokes V profile and Stokes I profile integrated over the entire visible stellar surface. The
longitudinal field varies as a function of the rotational phase during each observational epoch,
which indicates a non-axisymmetric magnetic geometry. Over the epochs of this analysis no
significant long-term B; variations are apparent as shown in Fig 3.6, where the mean B; val-
ues exhibit variability over the observational timespan but the overall trend with dispersion
is flat. HN Peg exhibits a strong longitudinal magnetic field strength when compared to the
other solar type stars included in Marsden et al. (2014). B; ranges from -14 Gup to 13 G

The long term chromospheric variability of HN Peg was monitored using three different
chromospheric lines: Ca Il H&K, Ha and Ca II IRT. The three chromospheric tracers exhibit
weak rotational dependence during each observational epoch. Periodic analysis of HN Peg
carried out by the Mount Wilson survey categorised HN Peg as a variable star with a period
of 6.2 £ 0.2 years. The chromospheric activity of HN Peg was also measured as part of the
Bcool snapshot survey (Marsden et al., 2014), where the measured S-index are compatible
with our S-index measurements.
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3.8. Discussion

Correlations were observed for the three chromospheric tracers for individual epochs with
visible scatter, which might be due to the effect of different temperature and pressure condi-
tions associated with the chromospheric lines, Ca Il H&K, Ho and Ca II IRT. Correlations
between S-index and Ha-index were also observed for & Bootis A by Morgenthaler et al.
(2012). The observed scatter in the correlation between S-index and Ho-index for each
epoch might be also be explained by the contribution of plage variation in Ca II H&K and
filament variation in Ha flux (Meunier & Delfosse, 2009), where increase in filament contri-
bution might result in decrease in correlation between the two chromospheric tracers. Apart
from the contribution of filament and plage, Meunier & Delfosse (2009) also concluded that
stellar inclination angle and phase coverage might also effect the correlation between these
two tracers.

In their long-term evolution, the chromospheric tracers exhibit a similar trend, with visible
correlation between the S-index and Ho-index. In the long-term mean S-index and Hor-index
exhibit correlation in cool stars, which might be due to the effect of stellar colour (Cincunegui
et al., 2007). The long-term Ca II H&K and Ho correlation is clearly observed in the Sun
(Livingston et al., 2007), where the two activity proxies follow the solar magnetic cycle. This
long-term correlation between these two tracers have also been observed in other cool stars
with high activity index (Gomes da Silva et al., 2013).

For each observational epoch no visible correlation is observed between the variability of
the longitudinal magnetic field and the chromospheric tracers. Correlations between the di-
rect field measurements and the magnetic activity proxies were also not observed for the solar
analogue & Bootis A (Morgenthaler et al., 2012). This lack of correlation can be explained
by the contribution of small scale magnetic features in chromospheric activity measurements
which are lost in the polarised Stokes V magnetic field calculations due to magnetic flux
cancellations.

3.8.2. Large scale magnetic topology

The large-scale magnetic topology of HN Peg was reconstructed for six observational epochs
(2007.67, 2008.71, 2009.54, 2010.62, 2011.67 and 2013.68), where the mean magnetic field
strength (Bmean) changes with the geometry of the field from epoch to epoch. The mean
magnetic field strength determined from the ZDI maps (Table 3.2) is in the order of a few
G, which is considerably smaller when compared to the mean magnetic field of other so-
lar analogues HD 189733(1.3440.13 M., To=6014 K) (Fares et al., 2010) and & Bootis
A (0.86+0.07 Mg, T.g=5551420) (Morgenthaler et al., 2012). The mean magnetic field
strength of HN Peg is higher than HD 190771, which has a mass of 0.96£0.13 M and T
of 5834450 (Morgenthaler et al., 2011, Petit et al., 2009). When compared to solar-type
stars of similar spectral type HN Peg exhibits higher mean field strength than the mean field
strength of T Boo(F7) with a mass of 1.331+0.11 Mg, (Fares et al., 2009), HD 179949(F8)
(Fares et al., 2012), where T Boo and HD 179949 are both planet hosting stars.
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)

The radial field component of HN Peg exhibits a variable field geometry, where the field
strength varies from epoch to epoch as shown in Fig 3.11. A positive polarity region at
the pole is observed in epoch 2007.67, where a strong positive polarity magnetic region is
also observed near the equator. The positive region at the pole is present throughout the
observational epoch, with out exhibiting any polarity switch. The magnetic field energy
is stored into its poloidal and toroidal components. The poloidal field of HN Peg is not a
simple dipole. HN Peg shows a significant toroidal magnetic field. Toroidal component is
prominent in solar type stars with rotation periods as short as a few days (Petit et al., 2008)
and stars with longer rotational periods show more prominent poloidal component, which is
clearly observed in the Sun. The fraction of energy stored into the different components of
the poloidal field exhibits variations from epoch to epoch as shown in Fig 3.13.

The azimuthal field component of HN Peg exhibits a more variable geometry compared to
the radial field geometry. The azimuthal field component exhibits the presence of a signifi-
cant positive polarity magnetic regions, which undergoes variations from epoch to epoch as
shown in Fig 3.11. A strong positive polarity band of magnetic field encircling the star is ob-
served in epoch 2007.67. In 2008.71 two strong positive polarity magnetic regions were ob-
served near the equator. The azimuthal component becomes negligible in the epoch 2009.54.
The toroidal field percentage is minimum in epoch 2009.54. The azimuthal field reappears
in 2010.62, where opposite polarity magnetic field regions are observed. In 2011.67 stronger
positive polarity regions are observed, which finally appears as an azimuthal ring in epoch
2013.68.

Prominent toroidal features have been observed in a wide range of stars belonging to
different spectral class, such as HD 190771 (Petit et al., 2009), & Bootis A (Morgenthaler
et al., 2012), T Boo (Fares et al., 2009) and HD 189733 (Fares et al., 2010). The sudden
disappearance of the toroidal field was also observed in & Boo (Morgenthaler et al., 2012).
The toroidal component is prominent in solar-type stars with rotation periods as short as a few
days Petit et al. (2008) and stars with longer rotation periods show more prominent poloidal
component, which is clearly observed in the Sun. Toroidal band was also not observed in
the F8 dwarf HD 179949 (Fares et al., 2012), where only two epochs of observations were
available. The presence of significant global-scale toroidal field has also been observed in
numerical simulations of rapidly rotating Suns (Brown et al., 2010), where the surface field
topology becomes predominantly toroidal for stars with rotation periods of a few days.

No polarity switches have been observed for HN Peg, although it showed significant evo-
lution of its magnetic field geometry over the span of six observational epochs. Magnetic
cycles were also not observed for & Bootis A and HD 189733, which are slower rotators
when compared to HN Peg. Polarity switches were observed in HD 190771, T Boo and HD
78366 over their observational time span. Magnetic cycles shorter than the magnetic cycle
of the Sun were observed for TBoo and HD 78366.

The variability of the mean magnetic field of HN Peg follows a similar trend as that of
the toroidal field component (Table 3.2). The mean magnetic field (Bpean) of HN Peg show

58



3.9. Summary

a gradual decrease in its field strength from 2007.67 to 2009.54, with minimum Byyean in
2009.54. The mean field starts increasing from 2009.54 till it reaches a maximum strength
in 2013.68. This indicates strong dependence of the mean field strength on the toroidal
component of the magnetic field.

3.8.3. Differential rotation

HN Peg has a low vsini of 10.6 kms—!, which makes it unsuitable for differential rotation
calculations using other conventional studies such as line profile studies using Fourier Trans-
form method (Reiners & Schmitt, 2003). Photometric observations of HN Peg were used
to measure its differential rotation by Messina & Guinan (2003), where the evolution of the
rotation of the star along the star spot cycle was measured with inconclusive results.

The differential rotation of HN Peg was calculated using Stokes V and [ profiles in the
ZDI technique. Two epochs with the best phase coverage were used (2007.67 and 2013.68)
in the differential rotation calculations. The Q and dQ values for 2007.67 epoch were
1.36+0.01 rad d~! and 0.22+0.03 rad d~! and for 2013.68 epoch were 1.27+0.01 rad d~!
and 0.22+0.02 rad d~! respectively.

HN Peg exhibits weak differential rotation compared to other dwarfs of similar spectral
types such as HD 171488 (GO) (Stokes I/Stokes V: Q¢q=4.9340.05/4.8540.05 rad d-1,
dQ=0.52+ 0.04/0.4740.04 rad d~') (Jeffers & Donati, 2008) and tBoo (F7) (2008 June:
Qeq=2.05+0.04 rad d~! and dQ=0.42+0.10 rad d~' rad d~!, 2008 July: Q¢q=2.12+0.12 rad
d~! and dQ=0.50+0.15 rad d~!) (Fares et al., 2009). HD 171488 is the closest to HN Peg
in terms of spectral type, stellar radius and age. The dQ values of HN Peg is higher than
the other young early G dwarfs such as LQ Lup(£2¢4q=20.28+0.01 rad d=!, dQ=0.1240.02
rad d=1) (Donati et al., 2000) and R58 (2000 J anuary: Q¢q=11.14+0.01 and dQ2=0.034-0.02,
2003 March: Q.4=11.1910.01 and dQ=0.144-0.01) (Marsden et al., 2004). When compared
to HD 179949(Q.,=0.82+0.01 rad d=!, dQ=0.2240.06 rad d~! )(Fares et al., 2012), HN
Peg exhibits comparable dQ values. Although, when compared to other fast rotators such
as £Boo (P;=6.43 days) (Morgenthaler et al., 2012), HN Peg exhibits weaker differential
rotation. No direct correlation between differential rotation of HN Peg and solar analogues
of similar stellar parameters such as age, spectral type, Py, have been observed so far.

3.9. Summary

In this chapter we presented the large-scale magnetic geometry of the young solar analogue
HN Peg. HN Peg is a variable young dwarf with a complex magnetic geometry, where the
radial field exhibits stable positive polarity magnetic field region throughout our observa-
tional epochs. In contrast, the azimuthal field exhibits a highly variable geometry where a
band of positive polarity field is observed in the first epoch of observation, followed by a
negligible toroidal field two years later in epoch 2009.54. The toroidal band emerges again
one year later in epoch 2010.62 which is stable in the later epochs 2011.67 and 2013.68. The
long-term longitudinal magnetic field variations were also calculated where in the long-term
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3. Variable magnetic field geometry of the young Sun HN Pegasi (HD 206860)

the longitudinal magnetic field exhibits a flat trend. The chromospheric activity was also
measured where the chromospheric activity indicators exhibit a long-term correlation.
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